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IntroducOon



Compact Binary

• A compact binary: A binary system composed of  
compact	objects, such as a black hole (BH),  
a neutron star (NS), (and/or a white dwarf)



Black hole

• A region of the space-Dme where 
anything, including lights, can not 
escape for its strong gravity.  
The surface of the region is called  
the Event horizon. 

• Black hole can have only three physical 
parameters;  
The mass,  
spin	angular	momentum, 
and charge.  
For astronomical situaDons, the charge 
is consider to be neutralized.

ref) U. Kraus (2014)



Neutron star

• A neutron star is an extremely dense  
star formed as the result of the 
collapse of a massive star. 

• Most of them are observed as pulsars, 
which are rapidly rotaDng, highly 
magneDzed neutron stars,  
emiNng a strong beams. 

• 1-2Msun, typically ~1.4 Msun, ~10 km

ref) http://essayweb.net/

http://essayweb.net/


common feature of models that include the appearance of ‘exotic’
hadronic matter such as hyperons4,5 or kaon condensates3 at densities
of a few times the nuclear saturation density (ns), for example models
GS1 and GM3 in Fig. 3. Almost all such EOSs are ruled out by our
results. Our mass measurement does not rule out condensed quark
matter as a component of the neutron star interior6,21, but it strongly
constrains quark matter model parameters12. For the range of allowed
EOS lines presented in Fig. 3, typical values for the physical parameters
of J1614-2230 are a central baryon density of between 2ns and 5ns and a
radius of between 11 and 15 km, which is only 2–3 times the
Schwarzschild radius for a 1.97M[ star. It has been proposed that
the Tolman VII EOS-independent analytic solution of Einstein’s
equations marks an upper limit on the ultimate density of observable
cold matter22. If this argument is correct, it follows that our mass mea-
surement sets an upper limit on this maximum density of
(3.74 6 0.15) 3 1015 g cm23, or ,10ns.

Evolutionary models resulting in companion masses .0.4M[ gen-
erally predict that the neutron star accretes only a few hundredths of a
solar mass of material, and result in a mildly recycled pulsar23, that is
one with a spin period .8 ms. A few models resulting in orbital para-
meters similar to those of J1614-223023,24 predict that the neutron star
could accrete up to 0.2M[, which is still significantly less than the
>0.6M[ needed to bring a neutron star formed at 1.4M[ up to the
observed mass of J1614-2230. A possible explanation is that some
neutron stars are formed massive (,1.9M[). Alternatively, the trans-
fer of mass from the companion may be more efficient than current
models predict. This suggests that systems with shorter initial orbital
periods and lower companion masses—those that produce the vast
majority of the fully recycled millisecond pulsar population23—may
experience even greater amounts of mass transfer. In either case, our
mass measurement for J1614-2230 suggests that many other milli-
second pulsars may also have masses much greater than 1.4M[.
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Figure 3 | Neutron star mass–radius diagram. The plot shows non-rotating
mass versus physical radius for several typical EOSs27: blue, nucleons; pink,
nucleons plus exotic matter; green, strange quark matter. The horizontal bands
show the observational constraint from our J1614-2230 mass measurement of
(1.97 6 0.04)M[, similar measurements for two other millisecond pulsars8,28

and the range of observed masses for double neutron star binaries2. Any EOS
line that does not intersect the J1614-2230 band is ruled out by this
measurement. In particular, most EOS curves involving exotic matter, such as
kaon condensates or hyperons, tend to predict maximum masses well below
2.0M[ and are therefore ruled out. Including the effect of neutron star rotation
increases the maximum possible mass for each EOS. For a 3.15-ms spin period,
this is a =2% correction29 and does not significantly alter our conclusions. The
grey regions show parameter space that is ruled out by other theoretical or
observational constraints2. GR, general relativity; P, spin period.
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NS equaDon of state (EoS)

• The NS radius / maximum NS mass  
is sensiDve to the equaDon of state 
(EoS) of NS, which is sDll not 
comprehended yet. 

• Precise measurement of the  
NS radius / maximum NS mass 
provides us the informaDon of the 
NS EoS.

ref) P. Demorest et. al. (2010)



Gravitational waves (GWs)

• Gravitational waves are the ripples 
of curvature that propagate at the 
speed of light, and their existence 
is predicted by general relativity. 

• The binary system composed of 
compact objects, such as NS-NS, 
BH-NS and BH-BH binary, are  
the efficient sources of 
gravitational waves.

http://www.amnh.org/

gµ⌫ = ⌘µ⌫ + hµ⌫ +O(h2)
<latexit sha1_base64="rtAUIdb6TTs5vThMPG+8Wspo8m0="></latexit>

✓
@2

@t2
�r2

◆
hµ⌫ = 0

<latexit sha1_base64="dGB+rBI4MNVIURT+ALZc0ochJJ0="></latexit>

http://www.amnh.org/


Compact binary mergers
• Compact binaries efficiently emit gravitaDonal waves shrinking their 

orbital separaDon, and the objects eventually merge  
→ compact	binary	mergers 

• GravitaDonal waveform from a binary merger contains  
rich physical informaDon of the source  
 (masses, spins, distance, inclinaDon, etc…) 

Ref:	K.	Hotokezaka	et	al.	2013



GravitaDonal waves from  
a compact binary merger (leading order)
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PostNewtonian expansion

• 0PN: chirp mass: 

• 1PN: symmetric mass: 

• 1.5PN: spin:  

• 5PN:	'dal	deformability:

h = Aei�GW
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※Note	that	amplitude	factors	depend  
	on	the	inclinaOon	angle
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・The angular velocity of the orbital precession is always smaller by an order of 
magnitude than the angular velocity of the orbital motion in the simulation.

!prec⌧⌦orb

(e.g. Schmidt et al. 2012)

Precessing Frame

The instantaneous orbital axis can be determined by finding the direction 
that the energy flux of gravitational waves become the maximum.

→ The waveform observed from the observer which always faces the instantaneous orbital 
plane may be similar to the one which can be obtained from non-precessing binary. 
( Precessing Frame waveforms : BH-BH)



DetecDng gravitaDonal waves
• GravitaDonal waves are detected by measuring  

the change of the distance by laser interferometer

plus	mode cross	mode

PolarizaOons	of	GW hTT
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Here, h+ and h⇥ are called the plus mode and the cross mode, respectively, which are the polarization
modes of gravitational waves.

The gravitational-wave radiation by the motion of the matter can be evaluated by considering Eq. (A.5)
with non-zero Tµ⌫ . Let us consider the case that the matter exist in the region inside the radius R and we
observe gravitational waves at su�ciently large distance r from the matter (r � R). Let us also consider
the case that the motion of the matter v is much smaller than the speed of light. Eq. (A.5) can be solved
by using retarded potential as

 µ⌫(t,x) = 4

Z
d3x0 Tµ⌫(tret,x0)

|x � x0| , (A.7)

where tret = t � |x � x0|. Then, expanding Eq. (A.7) by x0/r up to the leading order,
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where ⇢ is the energy density of the matter. These two quantities are the total mass and the total linear
momentum of the system, which are the constants of motion. Therefore, there are no gravitational waves
in the (0, 0) and (0, i) components. We can rewrite Eq. (A.8) by using @µTµ⌫ = 0 as,
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As we showed above, gravitational waves are contained in the transverse-traceless components of the
metric perturbation. In the far zone (r � R), gravitational waves are expected to be radiated in radial
direction n = x/r. Thus, we can extract gravitational waves from  µ⌫ by multiplying a projection matrix,

hTT
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✓
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2
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where

Pij := �ij � ninj . (A.14)

Then, gravitational waves are determined as

hTT
ij =
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For	face-on	waves:



GravitaDonal wave detectors

• GW sources for ground-based GW detectors 

• Compact	binary	mergers	
• Core collapse Super Novae 

• RotaDng Neutron stars 

• Primordial GW (InflaDon)  

• Cosmic Strings

advanced	LIGO

advanced	Virgo
KAGRA

hcps://www.ligo.caltech.edu/

hcp://gwcenter.icrr.u-tokyo.ac.jp/hcp://www.virgo-gw.eu/

Livingston

Hanford

http://gwcenter.icrr.u-tokyo.ac.jp/
http://www.virgo-gw.eu/


GravitaDonal wave events
• Compact binary mergers are among  

the main targets of ground-based 
gravitaDonal-wave detectors,  
such as LIGO, Virgo, and KAGRA 

• Since 14th of September 2015,  
many GW events have been detected 

• Binary BH (BBH; BH-BH) 

• GW150914, GW151012, 
GW151226, GW170104, 
GW170608, GW170809, 
GW170814, GW170817, 
GW170818, GW170823 

• Binary	NS	(BNS;	NS-NS)  
GW170817

properties of space-time in the strong-field, high-velocity
regime and confirm predictions of general relativity for the
nonlinear dynamics of highly disturbed black holes.

II. OBSERVATION

On September 14, 2015 at 09:50:45 UTC, the LIGO
Hanford, WA, and Livingston, LA, observatories detected

the coincident signal GW150914 shown in Fig. 1. The initial
detection was made by low-latency searches for generic
gravitational-wave transients [41] and was reported within
three minutes of data acquisition [43]. Subsequently,
matched-filter analyses that use relativistic models of com-
pact binary waveforms [44] recovered GW150914 as the
most significant event from each detector for the observa-
tions reported here. Occurring within the 10-ms intersite

FIG. 1. The gravitational-wave event GW150914 observed by the LIGO Hanford (H1, left column panels) and Livingston (L1, right
column panels) detectors. Times are shown relative to September 14, 2015 at 09:50:45 UTC. For visualization, all time series are filtered
with a 35–350 Hz bandpass filter to suppress large fluctuations outside the detectors’ most sensitive frequency band, and band-reject
filters to remove the strong instrumental spectral lines seen in the Fig. 3 spectra. Top row, left: H1 strain. Top row, right: L1 strain.
GW150914 arrived first at L1 and 6.9þ0.5

−0.4 ms later at H1; for a visual comparison, the H1 data are also shown, shifted in time by this
amount and inverted (to account for the detectors’ relative orientations). Second row: Gravitational-wave strain projected onto each
detector in the 35–350 Hz band. Solid lines show a numerical relativity waveform for a system with parameters consistent with those
recovered from GW150914 [37,38] confirmed to 99.9% by an independent calculation based on [15]. Shaded areas show 90% credible
regions for two independent waveform reconstructions. One (dark gray) models the signal using binary black hole template waveforms
[39]. The other (light gray) does not use an astrophysical model, but instead calculates the strain signal as a linear combination of
sine-Gaussian wavelets [40,41]. These reconstructions have a 94% overlap, as shown in [39]. Third row: Residuals after subtracting the
filtered numerical relativity waveform from the filtered detector time series. Bottom row:A time-frequency representation [42] of the
strain data, showing the signal frequency increasing over time.

PRL 116, 061102 (2016) P HY S I CA L R EV I EW LE T T ER S week ending
12 FEBRUARY 2016

061102-2

BH-BH

BNS	(NS-NS)

Ref:	B.P.Abbot	et	al.	2016

・GW150914	(The	first	GW	event)

BH-NS

NS	Binary
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Parameter esDmaDon 
(intuiDve picture)

• Physical informaDon is extracted from the signal  
by the comparison with theoreDcal waveform templates

Ref:	GravitaOonal	Wave	Open	Science	Center	(hcps://www.youtube.com/watch?v=fiQtwPn6kfw)

https://www.youtube.com/watch?v=fiQtwPn6kfw
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34 B.S. Sathyaprakash and Bernard F. Schutz

Figure 3 shows the general situation, where the basis vectors ↵̂ and �̂ are rotated by an angle  
from the basis used in the left-hand panel. The polarization tensors on this new basis,

✏+ = (↵̂⌦ ↵̂� �̂ ⌦ �̂), ✏⇥ = (↵̂⌦ �̂ + �̂ ⌦ ↵̂), (53)

are found by the following transformation from the previous ones:

✏+ = e+ cos 2 + e⇥ sin 2 ,

✏⇥ = �e+ sin 2 + e⇥ cos 2 . (54)

Then one can write Equation (51) as

�L(t)
L

= F+(✓, �,  )h+(t) + F⇥(✓, �,  )h⇥(t), (55)

where F+ and F⇥ are the antenna pattern functions for the two polarizations defined on the
sky-plane basis by

F+ ⌘ d : e+, F⇥ ⌘ d : e⇥. (56)

Using the geometry in the right-hand panel of Figure 3, one can show that

F+ =
1
2

�
1 + cos2 ✓

�
cos 2� cos 2 � cos ✓ sin 2� sin 2 ,

F⇥ =
1
2

�
1 + cos2 ✓

�
cos 2� sin 2 + cos ✓ sin 2� cos 2 . (57)

Figure 3: The relative orientation of the sky and detector frames (left panel) and the e↵ect of a rotation
by the angle  in the sky frame (left panel).

These are the antenna-pattern response functions of the interferometer to the two polarizations
of the wave as defined in the sky plane [359]. If one wants the antenna pattern referred to the

Living Reviews in Relativity
http://www.livingreviews.org/lrr-2009-2

Ref:	Sathyaprakash&	Schutz	2009
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Inspiral phase: 
Tidal deformaDon

• GravitaDonal waveform from a binary 
merger contains  
rich physical informaDon of the source  
(masses, spins, distance, inclinaDon, etc…)  

• In parDcular, if	the	binary	contains	a	NS,  
the informaDon of the internal structure  
 of the NS can be extracted 

• During the inspiral, a NS is deformed by 
the Ddal force of the companion object. 
DeformaDon of a NS (s) accelerates the 
orbital shrinking, and modifies 
gravitaDonal waveforms

��Tidal
GW (t)

Modification in the GW phase 

Tidal deformation
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Effect of Ddal deformaDon

• Radius & Tidal deformability  
15H>125H>H>HB>B

Ref)	Kiuchi	et	al.	2017



Tidal deformability

• From the observed waveforms, the	%dal	deformability of a NS can be extracted 

• The Ddal deformability reflects the internal structure of a NS, and its measurement 
can be used to constrain the	NS	equa'on	of	state	(EOS)

（dimensionless）tidal deformability
Quadrupole moment tidal field

Qij = ��Eij = ��@i@j�
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FIG. 3. (a) The mass-radius relation for the matched causal EOS with ϵmatch = ϵnuc and for candidate neutron-star equations
of state that display the range of uncertainty in stiffness.
(b) Tidal deformability versus mass for stars based on the same EOSs. The top solid curve, displaying the tidal deformability
of stars based on the matched causal EOS, is an upper limit set by causality on tidal deformability. Stars based on softer EOSs
have smaller tidal deformabilities.
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FIG. 4. The dimensionless tidal deformability Λ is plotted against mass for several EOSs. For any given mass, the Matched
Causal EOS places an upper limit on the value of Λ.

sponding to a smaller orbital (and gravitational wave)
frequency. A neutron star with high tidal deformability
therefore has fewer cylces during which to accumulate
phase relative to a point-particle. As a result, the effect
of MNS on |∆Φ(fcutoff)| is complicated, and depends on
EOS and the parameters of the binary.
Nevertheless, stiffer EOSs result in larger values of

|∆Φ| for given neutron star masses or mass ratios. As
can be seen in Fig. 5, |∆Φ(fcutoff)| decreases with mass

ratio for all EOSs. On the other hand, |∆Φ(fcutoff)| has
complicated behavior with respect to neutron star mass
for all EOSs when the spin of the companion black hole
is zero (Fig. 6). In addition, one can see in Fig. 5 and
Fig. 6 that |∆Φ(fcutoff)| increases with the stiffness of
the EOS, and is largest for our EOS, but only by a few
radians at most. Here, based on our estimate of ∆Φ, the
constraint set by causality is remarkably strong, stronger
than the already stringent constraint on Λ: ∆Φmax(M)

Ref)	Oeveren	&	Friedman		2017



• Physical informaDon is extracted from observed gravitaDonal 
waves by the comparison with theoreDcal templates  
→ an	accurate	waveform	templates	are	crucial	for	
parameter	es'ma'on 

• The waveforms	including	the	'dal	effects are analyDcally 
derived  by post-Newtonian (PN) calculaDon  
(and by the EffecDve-One-Body formalism)  

• Newtonian (Flanagan et al. 2008) 
• 1 PN (Vines et al. 2011) 
• 2.5 PN (Damour et al. 2012) 
• Self force informed resum. (Bernuzzi et al. 2015, 2018) 
• Dynamical Dde (Hinderer et al. 2016, Lackey et al. 2018) 

• Tidal	effects	become	significant	in	the	last	part	of	the	
inspiral.	However,	the	model	based	on	PN	calcula'on	
would	not	be	accurate	just	before	the	merger.

GW templates for NS binaries

PredicOon	by	numerical	simulaOons	is	important	for	modeling	the	Odal	correcOon  
(at	least	needed	to	be	checked)

ref)	De	et	al.	2018
2

Parameter estimation methods—To measure the source
parameters for GW170817, we performed parameter es-
timation on the Advanced LIGO-Virgo data available at
the LIGO Open Science Center [7, 8]. Our analysis was
performed with the PyCBC Inference software [9, 10] and
the parallel-tempered emcee sampler [11, 12] for sampling
over the parameter space using Markov Chain Monte Carlo
(MCMC) techniques [13].

The LOSC data files include a post-processing noise
subtraction performed by the LIGO-Virgo Collaboration
[8, 14]. The LOSC documentation states that these data
have been truncated to remove tapering effects due to the
cleaning process [8], however the LOSC data shows evi-
dence of tapering after GPS time 1187008900 in the LIGO
Hanford detector. To avoid any contamination of our re-
sults we do not use any data after GPS time 1187008891.
The power spectral density (PSD) used to construct the
likelihood was calculated using Welch’s method [15] with
16 second Hann-windowed segments (overlapped by 8 s)
taken from GPS time 1187007048 to 1187008680. The
PSD estimate is truncated to 8 s length in the time domain
using the method described in Ref. [16]. The gravitational-
wave data used in the likelihood is taken from the interval
1187008691 to 1187008891.

Ref. [17] found that choice of the low-frequency cut-
off can have an effect on the measurement of the neutron
star tidal deformability and used a different power spec-
tral density estimation technique to that used in our anal-
ysis [18]. We investigated the effect of changing our esti-
mate of the power spectral density with the power spectral
density released as supplemental materials to Ref. [17]. We
find that the change in parameter measurements is smaller
than the statistical errors, and conclude that the choice of
power spectral density estimation technique does not af-
fect our results. To investigate the choice of low-frequency
cutoff, we computed the measurabilities of the chirp mass
M, signal-to-noise ratio ⇢, and binary deformability ⇤̃ in
the frequency range 10-2000 Hz. These are defined as the
integrand as a function of frequency of the noise moment
integrals I10, I0, and I�10 (see Ref. [19]) and shown in
Fig. 3. It can be seen that the signal-to-noise ratio is non-
zero down to a frequency of ⇠ 20 Hz for all the three de-
tectors. While detector sensitivity at this frequency does
not affect the measurability of ⇤̃, it does affect the measur-
ability of the chirp mass M. We repeated our analyses at
25 Hz, 23 Hz, and 20 Hz, and found an improvement in the
M measurement when extending until the low-frequency
cutoff was 20 Hz. Consequently, we evaluated the likeli-
hood from a low-frequency cutoff of 20 Hz to the Nyquist
frequency of 2048 Hz. The improved measurement of M
eliminates regions of higher ⇤̃ values from the posterior
probability densities, and hence better constrains the mea-
surement of this parameter, as shown in Fig 6.

The templates for the waveforms used in our parame-
ter estimation analysis are generated using the restricted

FIG. 3. Measurability [19] of the chirp mass M, SNR ⇢ and bi-
nary deformability ⇤̃ in the frequency range 10 Hz - 2000 Hz.
Each detector’s parameter measurability is scaled to the maxi-
mum frequency to show the relative accumulation of measure-
ment over the detector’s frequency band. Note that between de-
tectors, L1 is more sensitive than H1, which is more sensitive
than V1. Measurability of chirp mass is accumulated primarily
at low frequencies, whereas measurability of tidal deformability
is accumulated at higher frequencies. We extend computation of
the likelihood down to 20 Hz where the measured signal-to-noise
ratio (the logarthim of the likelihood) drops to zero in all three
detectors.

TaylorF2 waveform model, a Fourier domain waveform
model generated using stationary phase approximation. We
use the implementation from the LIGO Algorithm Library
(LAL) [20] accurate to 3.5 post-Newtonian (pN) order in
orbital phase [21], 2.0 pN order in spin-spin, quadrupole-
monopole and self-spin interactions[22, 23], and 3.5 pN
order in spin-orbit interactions [24]. The tidal corrections
enter at the 5 pN and 6 pN orders [25]. The waveforms are
terminated at twice the orbital frequency of a test particle
at the innermost stable circular orbit of a Schwarzschild
black hole of mass M = m1 + m2, where m1,2 are
the masses of the binary’s component stars. The Tay-
lorF2 model assumes that the spins of the neutron stars are
aligned with the orbital angular momentum. Binary neu-
tron stars formed in the field are expected to have small
spins, and precession of the binary’s orbital plane is not
significant [26].



Numerical RelaDvity SimulaDon

• Numerical-rela'vity	(NR)	simula'on 
is the unique method to predict 
dynamics and gravitaDonal waves in 
the merger phase—a regime where 
the non-linear effect of hydrodynamics 
should be taken into account in the 
framework of general relaDvity. 

Gµ⌫ =
8⇡G

c4
Tµ⌫ rµT

µ⌫ = 0rµ (⇢u
µ) = 0

P = P (⇢), P (⇢, T, Ye), · · ·

Einstein’s	equaOon Euler	equaOon

EquaOon	of	state	(EOS)
(+MHD,	viscosity,	neutrino,	etc.,	)



NS-NS waveform model
• Based	on	our	latest	numerical-relaOvity	waveforms,	 

a	waveform	model	for	NS-NS	mergers	is	derived	

• A	NS-NS	GW	model	is	also	derived	in	Dietrich	et	al.	
2017	,	2019	based	on	different	NR	waveforms	and	
TidalEOB	waveforms	

• Though	their	and	our	models	are	derived	independently,	 
two	models	give	almost	consistent	results
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FIG. 4. The di↵erence between the tidal-part phase of the
hybrid waveforms and the tidal-part phase model described
in Eq. (2.15) for the equal-mass cases, where the phases
are aligned for 10Hz  f  1000Hz employing Eqs. (2.12)
and (2.13).

is as large as 0.08 rad for f ⇡ 1000Hz. However, it is
smaller than the phase error in the numerical-relativity
waveforms associated with the finite-di↵erencing [29].

2. Unequal-mass cases

Next, we extend the tidal-part phase model of
Eq. (2.15) to unequal-mass cases. Considering the depen-
dence on the symmetric mass ratio, the 1 PN order tidal
correction to the phase can be written in terms of the
symmetric and anti-symmetric contributions of neutron-
star tidal deformation as [19]

 1PN
tidal =

3
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FIG. 5. The di↵erence between the tidal-part phase of the
hybrid waveforms and the tidal-part phase model described
in Eq. (2.21) for the unequal-mass cases. Here, the phases
are aligned for 10Hz  f  1000Hz employing Eqs. (2.12)
and (2.13).

respectively. We refer to ⇤̃ as the binary tidal deforma-
bility. For realistic cases, the tidal contributions to the
gravitational-wave phase are dominated by the contribu-
tions from the ⇤̃ terms [19]. Assuming that the contribu-
tions from the �⇤̃ terms and those from the higher-order
terms are always sub-dominant in the tidal part of the
phase, we extend the formula of Eq. (2.15) by replacing
3/32 to 3/128⌘ [38] and ⇤ to ⇤̃ as

 tidal =
3

128⌘


�39

2
⇤̃
⇣
1 + a⇤̃2/3xp

⌘�
x5/2

⇥

1 +

3115

1248
x� ⇡x3/2 +

28024205

3302208
x2 � 4283

1092
⇡x5/2

�
,

(2.21)

where the values in Eq. (2.17) are used for a and p.
Figure 5 shows the phase di↵erence between the hybrid

waveforms and the tidal-part phase model described in
Eq. (2.21) for the unequal-mass cases. Here, two phases
are again aligned for 10Hz  f  1000Hz employing
Eqs. (2.12) and (2.13). Although the fitting parameters
are determined only by employing the hybrid waveform
of 15H125-125, Eq. (2.17), we find that the phase error
is always smaller than ⇡ 0.07 rad for these unequal-mass
cases.

D. Tidal part model for the gravitational-wave
amplitude

We derive the tidal-part amplitude model in the same
approach as we took for the phase model: First, we derive
the tidal-part amplitude model for the hybrid waveforms
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and (2.13).

is as large as 0.08 rad for f ⇡ 1000Hz. However, it is
smaller than the phase error in the numerical-relativity
waveforms associated with the finite-di↵erencing [29].

2. Unequal-mass cases

Next, we extend the tidal-part phase model of
Eq. (2.15) to unequal-mass cases. Considering the depen-
dence on the symmetric mass ratio, the 1 PN order tidal
correction to the phase can be written in terms of the
symmetric and anti-symmetric contributions of neutron-
star tidal deformation as [19]
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FIG. 5. The di↵erence between the tidal-part phase of the
hybrid waveforms and the tidal-part phase model described
in Eq. (2.21) for the unequal-mass cases. Here, the phases
are aligned for 10Hz  f  1000Hz employing Eqs. (2.12)
and (2.13).

respectively. We refer to ⇤̃ as the binary tidal deforma-
bility. For realistic cases, the tidal contributions to the
gravitational-wave phase are dominated by the contribu-
tions from the ⇤̃ terms [19]. Assuming that the contribu-
tions from the �⇤̃ terms and those from the higher-order
terms are always sub-dominant in the tidal part of the
phase, we extend the formula of Eq. (2.15) by replacing
3/32 to 3/128⌘ [38] and ⇤ to ⇤̃ as
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where the values in Eq. (2.17) are used for a and p.
Figure 5 shows the phase di↵erence between the hybrid

waveforms and the tidal-part phase model described in
Eq. (2.21) for the unequal-mass cases. Here, two phases
are again aligned for 10Hz  f  1000Hz employing
Eqs. (2.12) and (2.13). Although the fitting parameters
are determined only by employing the hybrid waveform
of 15H125-125, Eq. (2.17), we find that the phase error
is always smaller than ⇡ 0.07 rad for these unequal-mass
cases.

D. Tidal part model for the gravitational-wave
amplitude

We derive the tidal-part amplitude model in the same
approach as we took for the phase model: First, we derive
the tidal-part amplitude model for the hybrid waveforms
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FIG. 3. The relative deviation of the tidal-part phase of the
hybrid waveforms from the 2.5 PN order tidal-part phase nor-
malized by ⇤2/3, i.e., ( Hybrid

tidal
/ 2.5PN

tidal � 1)/⇤2/3. Both verti-
cal and horizontal axes are plotted with logarithmic scales.

the tidal part of the gravitational-wave phase computed
from the hybrid waveforms,  Hybrid

tidal (=  Hybrid �  pp,
where  Hybrid is the phase of the hybrid waveforms), for
the equal-mass binaries normalized by the 2.5 PN order
(equal-mass) tidal-part phase given by2 [12]

 2.5PN
tidal =
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where x = (⇡m0f)
2/3 is a dimensionless PN parame-

ter, and ⇤ = ⇤1 = ⇤2 for the equal-mass cases. We
note that the tidal-part phase of the hybrid waveforms
in Fig. 2 is aligned with the 2.5 PN order tidal-part
phase given by Eq. (2.14) for 10Hz  f  50Hz employ-
ing Eqs. (2.12) and (2.13). We find that the tidal-part
phase of the hybrid waveforms deviates significantly from
the 2.5 PN order tidal-part phase in the high-frequency
range, f & 500Hz (x & 0.075 for m0 = 2.7M�), and the
deviation depends non-linearly on ⇤ (note the quantities
shown in Fig. 2 are already normalized by ⇤). This indi-
cates that the non-linear contribution of ⇤ is appreciably
present in  Hybrid

tidal for the high-frequency range.
In Fig. 3, we plot the relative deviation of the

tidal-part phase of the hybrid waveforms from the 2.5

2 Strictly speaking, this formula is not complete up to the 2.5 PN
order because the 2 PN order tidal correction to gravitational-
radiation reaction is neglected. We overlook such correction in
this work because it is expected to be sub-dominant [12].

PN order tidal-part phase normalized by ⇤2/3, i.e.,
( Hybrid

tidal / 2.5PN
tidal � 1)/⇤2/3. Figure 3 clearly shows that

the relative deviation can be well approximated by a
power law in x. Furthermore, it shows that the relative
deviation is approximately proportional to ⇤2/3 because
all the curves align. We note that, exceptionally, the rela-
tive deviation for the B equation of state shows a slightly
di↵erent trend from the other cases. The reason for this is
that the tidal deformability is so small that its e↵ect can-
not be accurately extracted from the numerical-relativity
waveform for such a soft equation of state.
To correct this deviation, we extend the 2.5 PN order

tidal-part phase formula of Eq. (2.14) by multiplying a
non-linear correction to ⇤ as

 em
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where a and p are fitting parameters. We note that the
exponent of the nonlinear term in ⇤, p, is deduced to be
⇡ 2/3 even if it is also set to be a fitting parameter and
determined by employing several hybrid waveforms. The
fitting parameters, a and p, are determined by minimiz-
ing

I 00 =

Z fmax

fmin

��� Hybrid
tidal (f)� em

tidal (f)� 2⇡ft0 + �0

���
2
df,

(2.16)

where t0 and �0 are parameters that correspond to the
degrees of freedom for choosing the time and phase ori-
gins. Thus, we minimize I 00 for the four parameters, a,
p, t0, and �0. The fitting is performed for fmin = 10Hz
and fmax = 1000Hz.
We use the hybrid waveform of 15H125-125 for deter-

mining the fitting parameters because the non-linear con-
tribution of ⇤ is most significant for this among the bi-
nary neutron star models employed in this work. Then
we obtain

a = 12.55,

p = 4.240. (2.17)

Figure 4 shows the phase di↵erence between the tidal-
part of the hybrid waveforms and the tidal-part phase
model of Eq. (2.15) for the equal-mass cases, where two
phases are aligned for 10Hz  f  1000Hz employing
Eqs. (2.12) and (2.13). Although the fitting parameters
are determined by employing only the hybrid waveform
of 15H125-125 as a reference, we find that the error in
the tidal-part phase model, Eq. (2.15), is always smaller
than 0.05 rad except for 15H135-135. This result indi-
cates that there is only a small di↵erence between the
waveform models determined from di↵erent hybrid wave-
forms (see Appendix D). The phase error for 15H135-135
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FIG. 4. Tidal phase in the frequency domain. We show the
6PN (orange), 7PN (orchid), and 7.5PN (blue) tidal phase
estimates, as well as the original NRTidal [54] (green) and the
Kawaguchi et al. [61] (cyan) approximant. The new model is
shown with a black dashed line. We mark the frequencies of
1000 Hz and the merger frequency corresponding to our SLy
setup, described in Table I.

2. Frequency domain phase

As in Ref. [54] we will employ the stationary phase
approximation (SPA), discussed in, e.g., [18], to derive
the tidal phase contribution  T in the frequency domain,
i.e., we solve

d2 T (!)

d!2
=

1

!

d�T (!)
d!

(16)

to obtain  T . Although �T is given explicitly, we solve
Eq. (16) numerically and approximate the result with a
Padé approximant similar to Eqs. (11) and (12):

 T (x) = �Te↵
39

16⌫
x5/2P̃NRTidalv2(x) , (17)

with

P̃NRTidalv2(x) =
1 + ñ1x+ ñ3/2x

3/2
+ ñ2x

2
+ ñ5/2x

5/2
+ ñ3x

3

1 + d̃1x+ d̃3/2x3/2 + d̃2x2
,

(18)
and

ñ1 = c̃1 + d̃1, (19a)

ñ3/2 =
c̃1c̃3/2 � c̃5/2 � c̃3/2d̃1 + ñ5/2

c̃1
, (19b)

ñ2 = c̃2 + c̃1d̃1 + d̃2, (19c)

d̃3/2 = �
c̃5/2 + c̃3/2d̃1 � ñ5/2

c̃1
, (19d)

where the known coefficients are:

c̃1 =
3115

1248
, c̃3/2 = �⇡, (20a)

c̃2 =
28024205

3302208
, c̃5/2 = �

4283⇡
1092

. (20b)

and the fitting coefficients are:

ñ5/2 = 90.550822, ñ3 = �60.253578, (21a)

d̃1 = �15.111208, d̃2 = 8.0641096. (21b)

FIG. 5. Absolute magnitude of the tidal phase difference
between frequency domain approximants and the NRTidalv2

model. The vertical dashed line represents 1000 Hz, the fre-
quency up to which the Kawaguchi et al. model was cali-
brated, and the solid line marks the merger frequency of the
SLy setup we consider.

FIG. 6. Frequency domain waveform amplitude. Top panel:
We show the BBH and BNS hybrids’ amplitudes as well as
the BBH amplitude augmented with the 6PN tidal terms pre-
sented in Eq. (22). Bottom panel: amplitude differences with
the raw data in black and the smoothed data as a blue dashed
line. The final NRTidalv2 fit is shown in red. The vertical
dashed lines refer to 1000 Hz and to the merger frequency of
the BNS hybrid respectively.

We present the final tidal phase contribution in the
frequency domain in Fig. 4 for a number of different GW
approximants. Fig. 5 shows the corresponding phase dif-
ferences with respect to the NRTidalv2 model on a double
logarithmic scale.

B. Tidal amplitude corrections

The extraction of binary properties relies mostly on
the GW phase, which makes an accurate description of  
the primary target of GW modeling. However, a realistic
estimate of the GW amplitude is also of importance, e.g.,
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Mass ejecDon (NS-NS)

A	fracOon	of	NS	material	would	be	ejected	from	the	system	during	the	merger. 
(e.g.	Hotokezaka	et	al.	2013;	Bauswein	et	al.	2013;	Sekiguchi	et	al.	2016;	Radice	et	al.	2016;	Dietrich	et	al.	2017;	Bovard	et	al.	2017)

Ref:	Y.	Sekiguchi	et	al.	2015

Shock	heaOng	driven

Tidal	torque	driven



Remnant NS & torus

17

10-5

10-4

10-3

10-2

 5  10  15  20  25  30

< 
α

 >
14

t - tmerger [ms]

∆ x = 12.5 m
∆ x = 70 m
∆ x = 110 m

10-4

10-3

10-2

10-1

 5  10  15  20  25  30

< 
α

 >
13

t - tmerger [ms]

∆ x = 12.5 m
∆ x = 70 m
∆ x = 110 m

10-3

10-2

10-1

 5  10  15  20  25  30

< 
α

 >
12

t - tmerger [ms]

∆ x = 12.5 m
∆ x = 70 m
∆ x = 110 m

10-3

10-2

10-1

 5  10  15  20  25  30

< 
α

 >
11

t - tmerger [ms]

∆ x = 12.5 m
∆ x = 70 m
∆ x = 110 m

10-3

10-2

10-1

 5  10  15  20  25  30

< 
α

 >
10

t - tmerger [ms]

∆ x = 12.5 m
∆ x = 70 m
∆ x = 110 m

FIG. 7. Same as Fig. 6, but for the ↵ parameter. The black-dashed horizontal lines are the time-averaged values for the 12.5
m run in Table I.
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Turbulence	in	the	contact	surface→amplificaOon	of	magneOc	field	
→The	remnant	NS	and	accre'on	torus	would	be	highly	magne'zed.

Ref:	K.	Kiuchi	et	al.	2015,	2017	

←KH	instability



ref) Kyutoku et al. 2010, 2011

Tidal disrupDon of NS (BH-NS)

• If	the	Odal	force	of	the	BH	exceeds	the	self-gravity	
of	the	NS,	the	NS	is	'dally	disrupted.		

• The	NS	should	be	Odally	disrupted	outside	the	
ISCO	of	the	BH	to	form	a	ejecta	or	remnant	torus,	
otherwise	enOre	NS	material	would	be	swallowed	
by	the	BH.	

• Whether	Odal	disrupOon	occurs	or	not 
	depend	on	the	binary	parameters.

mBH/mNS
<latexit sha1_base64="N0vnTgqeDtKzn1WVc5VPLBtiuMI="></latexit>

SBH
<latexit sha1_base64="8qjtGuXNCrbYFOPETKLeUbn0Zmw="></latexit>

RNS
<latexit sha1_base64="6diUWgqP0lolWXX4sOPUqTl4OPU="></latexit>
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Post-merger mass ejecDon

Material	ejecOon	from	the	remnant	torus	would	occur	 
driven	by	amplified	magneOc	fields	or	effecOve	viscous	heaOng	due	to	magneOc	turbulence 

	(see	also	e.g.	Siegel	et	al.	2018,	Fernandez	et	al.2018	for	GRMHD	simulaOons)

Viscous	GRRHD	simulaOon	for	merger	remnant		 
(Ref:	S.	Fujibayashi	et	al.	2018)



RelaDvisDc jets

• RelaDvisDc jets could be launched 
from the BH accreDon torus system 
formed aner the merger 

• global structure of the magneDc 
fields would play an important role 

• contribuDon from neutrino pair 
annihilaDon seems to be sub-
dominant

the grid setup in our simulations in Table I. In the highest-
resolution run, we use 32,768 CPUs.
As initial data, we prepare a BH-NS binary in quasie-

quilibrium using the method of Ref. [41]. We model the NS
by the Akmal-Pandhalipande-Ravenhall equation of state
(EOS) [42], which is compatible with a maximum neutron
star mass ≥ 2M⊙ as required by current observational
constraints [43,44]. We set the NS mass, the mass ratio of
BH to NS, and the dimensionless aligned spin of BH, χ, to
be 1.35M⊙, 4, and 0.75, respectively. The initial orbital
angular velocity is Gm0Ω=c3 ¼ 0.056, where G is the
gravitational constant, m0 is the sum of BH and NS
gravitational mass in isolation, and c is the speed of light.
With these parameters, a massive accretion torus is formed
after tidal disruption [8,25].
The initial magnetic-field configuration is given in terms

of the vector potential as [45]

Aj ¼ ð−ðy − yNSÞδxj þ ðx − xNSÞδyjÞAb maxðP − Pc; 0Þ2;

where xNS and yNS denote the coordinate center of the NS,
P is the pressure, Pc ¼ Pðρ ¼ 0.04ρmaxÞ, and j ¼ x; y, and
z. ρmax is the maximum rest-mass density and we set Ab
such that the initial maximum magnetic-field strength is
1015 G. Even if we start a simulation with this ad hoc
localized seed magnetic field, the resulting torus surround-
ing the remnant BH comes to be in a turbulencelike state
and a global magnetic field is naturally formed eventually.

The magnetic-field strength is chosen so that the wave-
length of the fastest growing mode of the nonaxisymmetric
MRI is larger than 10Δximax. We note that the resulting
turbulencelike state should not depend critically on the
initial magnetic-field configuration and strength as long as
the MRI is resolved [46] (see also Ref. [47] for the
discussion of the dependence of the saturation amplitude
on the initial field configuration). The EOS is parametrized
by a piecewise polytrope [48] and a gamma-law EOS is
added during the simulation to capture shock heating
effects with thermal gamma of 1.8. Another choice of
thermal gamma could affect the amount of the torus wind.

III. RESULTS

Figure 1 shows snapshots of the rest-mass density profile
with the magnetic-field lines. Before swallowed by the BH,
the NS is tidally disrupted. A part of NS matter sub-
sequently forms an accretion torus around the remnant BH
with mass of ≈0.13M⊙ at ≈10 ms after the tidal disruption.
The Kelvin-Helmholtz instability develops in the contact
interfaces of the wound spiral arm because of the presence
of shear motion shown in Fig. 1(a) and the vortices are
generated subsequently enhancing the magnetic-field
energy. In addition, the nonaxisymmetric MRI activates
amplification of the magnetic-field strength [49] [Fig. 1(b)].
The mass accretion is enhanced by turbulencelike motion
that is generated by these magnetohydrodynamics (MHD)
instabilities as well as by the gravitational torque exerted by
the nonaxisymmetric structure of the accretion torus [see
Fig. 1(c) and visualization in Ref. [50]].
Figure 2 plots the ejecta mass, torus mass, mass ac-

cretion rate onto the BH, and ratio of the magnetic-field
energy, EB, to internal energy, Eint, as functions of time. We
define the merger time tmrg to be the time at which the
gravitational-wave amplitude becomes maximal. The ejecta
are defined to be fluid elements that reside outside the BH
and have ut< −1 where utis the lower time component of
the four velocity. This criterion means that the fluid
elements are gravitationally unbounded. The primary

TABLE I. Grid setup for four different grid-resolution runs.
imax: The number of the refinement levels. ΔxðimaxÞ: The grid
spacing of the finest refinement level. N: The grid number in one
positive direction.

Model imax ΔxðimaxÞ [m] N

High 10 120 514
Middle 10 160 378
Normal 8 202 306
Low 8 270 224

FIG. 1 (color online). Snapshots of the rest-mass density profile with the magnetic-field lines (a) just after tidal disruption, (b) at an
early phase of accretion torus, and (c) in the final phase. The isosurfaces for 1011, 1010, and 109 g=cm3 are denoted by yellow, green, and
blue. The magnetic-field lines are shown by the white curves. In the middle panel, the isosurfaces are drawn for the three-quarter region.

KENTA KIUCHI et al. PHYSICAL REVIEW D 92, 064034 (2015)

064034-2

the grid setup in our simulations in Table I. In the highest-
resolution run, we use 32,768 CPUs.
As initial data, we prepare a BH-NS binary in quasie-

quilibrium using the method of Ref. [41]. We model the NS
by the Akmal-Pandhalipande-Ravenhall equation of state
(EOS) [42], which is compatible with a maximum neutron
star mass ≥ 2M⊙ as required by current observational
constraints [43,44]. We set the NS mass, the mass ratio of
BH to NS, and the dimensionless aligned spin of BH, χ, to
be 1.35M⊙, 4, and 0.75, respectively. The initial orbital
angular velocity is Gm0Ω=c3 ¼ 0.056, where G is the
gravitational constant, m0 is the sum of BH and NS
gravitational mass in isolation, and c is the speed of light.
With these parameters, a massive accretion torus is formed
after tidal disruption [8,25].
The initial magnetic-field configuration is given in terms

of the vector potential as [45]

Aj ¼ ð−ðy − yNSÞδxj þ ðx − xNSÞδyjÞAb maxðP − Pc; 0Þ2;

where xNS and yNS denote the coordinate center of the NS,
P is the pressure, Pc ¼ Pðρ ¼ 0.04ρmaxÞ, and j ¼ x; y, and
z. ρmax is the maximum rest-mass density and we set Ab
such that the initial maximum magnetic-field strength is
1015 G. Even if we start a simulation with this ad hoc
localized seed magnetic field, the resulting torus surround-
ing the remnant BH comes to be in a turbulencelike state
and a global magnetic field is naturally formed eventually.

The magnetic-field strength is chosen so that the wave-
length of the fastest growing mode of the nonaxisymmetric
MRI is larger than 10Δximax. We note that the resulting
turbulencelike state should not depend critically on the
initial magnetic-field configuration and strength as long as
the MRI is resolved [46] (see also Ref. [47] for the
discussion of the dependence of the saturation amplitude
on the initial field configuration). The EOS is parametrized
by a piecewise polytrope [48] and a gamma-law EOS is
added during the simulation to capture shock heating
effects with thermal gamma of 1.8. Another choice of
thermal gamma could affect the amount of the torus wind.

III. RESULTS

Figure 1 shows snapshots of the rest-mass density profile
with the magnetic-field lines. Before swallowed by the BH,
the NS is tidally disrupted. A part of NS matter sub-
sequently forms an accretion torus around the remnant BH
with mass of ≈0.13M⊙ at ≈10 ms after the tidal disruption.
The Kelvin-Helmholtz instability develops in the contact
interfaces of the wound spiral arm because of the presence
of shear motion shown in Fig. 1(a) and the vortices are
generated subsequently enhancing the magnetic-field
energy. In addition, the nonaxisymmetric MRI activates
amplification of the magnetic-field strength [49] [Fig. 1(b)].
The mass accretion is enhanced by turbulencelike motion
that is generated by these magnetohydrodynamics (MHD)
instabilities as well as by the gravitational torque exerted by
the nonaxisymmetric structure of the accretion torus [see
Fig. 1(c) and visualization in Ref. [50]].
Figure 2 plots the ejecta mass, torus mass, mass ac-

cretion rate onto the BH, and ratio of the magnetic-field
energy, EB, to internal energy, Eint, as functions of time. We
define the merger time tmrg to be the time at which the
gravitational-wave amplitude becomes maximal. The ejecta
are defined to be fluid elements that reside outside the BH
and have ut< −1 where utis the lower time component of
the four velocity. This criterion means that the fluid
elements are gravitationally unbounded. The primary

TABLE I. Grid setup for four different grid-resolution runs.
imax: The number of the refinement levels. ΔxðimaxÞ: The grid
spacing of the finest refinement level. N: The grid number in one
positive direction.

Model imax ΔxðimaxÞ [m] N

High 10 120 514
Middle 10 160 378
Normal 8 202 306
Low 8 270 224

FIG. 1 (color online). Snapshots of the rest-mass density profile with the magnetic-field lines (a) just after tidal disruption, (b) at an
early phase of accretion torus, and (c) in the final phase. The isosurfaces for 1011, 1010, and 109 g=cm3 are denoted by yellow, green, and
blue. The magnetic-field lines are shown by the white curves. In the middle panel, the isosurfaces are drawn for the three-quarter region.
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of shear motion shown in Fig. 1(a) and the vortices are
generated subsequently enhancing the magnetic-field
energy. In addition, the nonaxisymmetric MRI activates
amplification of the magnetic-field strength [49] [Fig. 1(b)].
The mass accretion is enhanced by turbulencelike motion
that is generated by these magnetohydrodynamics (MHD)
instabilities as well as by the gravitational torque exerted by
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Fig. 1(c) and visualization in Ref. [50]].
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define the merger time tmrg to be the time at which the
gravitational-wave amplitude becomes maximal. The ejecta
are defined to be fluid elements that reside outside the BH
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Fig. 1.— Snapshots of the rest-mass density, normalized to its initial maximum value ⇢0,max = 5.9⇥1014(1.625M�/MNS)2 g cm�3 (log
scale), at selected times for the P case. Arrows indicate plasma velocities, and white lines show the B-field structure. The bottom middle
and right panels highlight the system after an incipient jet is launched. Here M = 1.47⇥ 10�2(MNS/1.625M�) ms = 4.43(MNS/1.625M�)
km.

we define an incipient jet as a collimated, mildly rela-
tivistic outflow which is at least partially magnetically
dominated (b2/(2⇢0) > 1, where b2 = B2/4⇡ and ⇢0 is
the rest-mass density). We find that the P configura-
tion launches an incipient jet. To study the impact of
the initial B-field geometry and to compare with previ-
ous studies, we also perform simulations where the field
is confined to the interior of the NSs (hereafter the I
model), keeping its strength at the stellar center the same
as in the P case. In contrast to BHNS systems, we find
that interior-only initial B fields also lead to jet forma-
tion in NSNSs. Throughout this work, geometrized units
(G = c = 1) are adopted unless otherwise specified.

2. METHODS

We use the Illinois GRMHD code, which is built on
the Cactus1 infrastructure and uses the Carpet2 code for
adaptive mesh refinement. We use the AHFinderDirect
thorn (Thornburg 2004) to locate apparent horizons.
This code has been thoroughly tested and used in the
past in di↵erent scenarios involving magnetized compact
binaries (see, e.g., Etienne et al. (2008); Liu et al. (2008);
Etienne et al. (2012b); Gold et al. (2014); and Gold et al.
(2014)). For implementation details, see Etienne et al.
(2010, 2012a) and Farris et al. (2012).
In all simulations we use seven levels of refinement with

two sets of nested refinement boxes (one for each NS), dif-
fering in size and resolution by factors of two. The finest
box around each NS has a half-side length of ⇠ 1.3RNS,
where RNS is the initial NS radius. For the I model, we
run simulations at two di↵erent resolutions: a “normal”
resolution (model IN), in which the finest refinement level
has grid spacing 0.05M = 227(MNS/1.625M�) m, and a
“high” resolution (model IH), in which the finest level
has spacing 0.03M = 152(MNS/1.625M�) m. For the
P model, we always use high resolution. These choices
resolve the initial NS equatorial diameter by ⇠ 120 and
⇠ 180 points, respectively. In terms of grid points per
NS diameter, our high resolution is close to the medium

1 http://www.cactuscode.org
2 http://www.carpetcode.org

TABLE 1
Summary of results

Case �L
a Brms

b Ṁ c Mdisk/M0
d ⌧disk e LEM

f

P 1.25 1016.0 0.33 1.0% 0.10 1051.3

IN 1.21 1015.8 0.54 1.1% 0.07 1050.9

IH 1.15 1015.7 0.77 1.5% 0.06 1050.7

a Maximum fluid Lorentz factor near the end of the simulation.
b rms value of the HMNS B field before collapse.
c Rest-mass accretion rate in units ofM�s�1 at t�tBH = 2100M ⇡
31(MNS/1.625M�) ms.
d Ratio of disk rest mass to initial total rest mass at t � tBH =
2100M ⇡ 31(MNS/1.625M�) ms.
e Disk lifetime Mdisk/Ṁ in (MNS/1.625M�) s.
f Poynting luminosity in erg s�1, time-averaged over the last
500M ⇠ 7.4(MNS/1.625M�) ms of the evolution after the jet is
well developed.

resolution used in Kiuchi et al. (2014), which covered the
initial stellar diameters by⇠ 205 points. We set the outer
boundary at 245M ⇡ 1088(MNS/1.625M�) km and im-
pose reflection symmetry across the orbital plane.
The quasiequilibrium NSNS initial data were generated

with the LORENE libraries.3 Specifically, we use the n =
1, irrotational case listed in Taniguchi & Gourgoulhon
(2002), Table III, M/R = 0.14 vs. 0.14, row 3, for which
the baryon mass of each NS is 1.625M�(k/296.6km2)1/2,
with k the polytropic constant. This same case was used
in Rezzolla et al. (2011). As in PRS, we evolve the initial
data up to the final two orbits prior to merger (t = tB),
at which point each NS is seeded with a dynamically
unimportant B field following one of two prescriptions:
i) The P case Fig. 1, upper left), for which we use

a dipolar B field corresponding to Eq. (2) in Pascha-
lidis et al. (2013). We choose the parameters I0 and
r0 such that the magnetic-to-gas-pressure ratio at the
stellar center is ��1 = 0.003125. The resulting B-field
strength at the NS pole measured by a normal observer
is Bpole ' 1.75 ⇥ 1015(1.625M�/MNS) G. While this B
field is astrophysically large, we choose it so that follow-
ing merger, the rms value of the field strength in the

3 http://www.lorene.obspm.fr

2 Ruiz, Lang, Paschalidis & Shapiro

Fig. 1.— Snapshots of the rest-mass density, normalized to its initial maximum value ⇢0,max = 5.9⇥1014(1.625M�/MNS)2 g cm�3 (log
scale), at selected times for the P case. Arrows indicate plasma velocities, and white lines show the B-field structure. The bottom middle
and right panels highlight the system after an incipient jet is launched. Here M = 1.47⇥ 10�2(MNS/1.625M�) ms = 4.43(MNS/1.625M�)
km.
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the rest-mass density). We find that the P configura-
tion launches an incipient jet. To study the impact of
the initial B-field geometry and to compare with previ-
ous studies, we also perform simulations where the field
is confined to the interior of the NSs (hereafter the I
model), keeping its strength at the stellar center the same
as in the P case. In contrast to BHNS systems, we find
that interior-only initial B fields also lead to jet forma-
tion in NSNSs. Throughout this work, geometrized units
(G = c = 1) are adopted unless otherwise specified.

2. METHODS

We use the Illinois GRMHD code, which is built on
the Cactus1 infrastructure and uses the Carpet2 code for
adaptive mesh refinement. We use the AHFinderDirect
thorn (Thornburg 2004) to locate apparent horizons.
This code has been thoroughly tested and used in the
past in di↵erent scenarios involving magnetized compact
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In all simulations we use seven levels of refinement with

two sets of nested refinement boxes (one for each NS), dif-
fering in size and resolution by factors of two. The finest
box around each NS has a half-side length of ⇠ 1.3RNS,
where RNS is the initial NS radius. For the I model, we
run simulations at two di↵erent resolutions: a “normal”
resolution (model IN), in which the finest refinement level
has grid spacing 0.05M = 227(MNS/1.625M�) m, and a
“high” resolution (model IH), in which the finest level
has spacing 0.03M = 152(MNS/1.625M�) m. For the
P model, we always use high resolution. These choices
resolve the initial NS equatorial diameter by ⇠ 120 and
⇠ 180 points, respectively. In terms of grid points per
NS diameter, our high resolution is close to the medium
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Summary of results
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P 1.25 1016.0 0.33 1.0% 0.10 1051.3

IN 1.21 1015.8 0.54 1.1% 0.07 1050.9
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a Maximum fluid Lorentz factor near the end of the simulation.
b rms value of the HMNS B field before collapse.
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d Ratio of disk rest mass to initial total rest mass at t � tBH =
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resolution used in Kiuchi et al. (2014), which covered the
initial stellar diameters by⇠ 205 points. We set the outer
boundary at 245M ⇡ 1088(MNS/1.625M�) km and im-
pose reflection symmetry across the orbital plane.
The quasiequilibrium NSNS initial data were generated

with the LORENE libraries.3 Specifically, we use the n =
1, irrotational case listed in Taniguchi & Gourgoulhon
(2002), Table III, M/R = 0.14 vs. 0.14, row 3, for which
the baryon mass of each NS is 1.625M�(k/296.6km2)1/2,
with k the polytropic constant. This same case was used
in Rezzolla et al. (2011). As in PRS, we evolve the initial
data up to the final two orbits prior to merger (t = tB),
at which point each NS is seeded with a dynamically
unimportant B field following one of two prescriptions:
i) The P case Fig. 1, upper left), for which we use

a dipolar B field corresponding to Eq. (2) in Pascha-
lidis et al. (2013). We choose the parameters I0 and
r0 such that the magnetic-to-gas-pressure ratio at the
stellar center is ��1 = 0.003125. The resulting B-field
strength at the NS pole measured by a normal observer
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Figure 3. Snapshots of the early evolution of the GRMHD model (slice y = 0), with each column corresponding to the time as labeled in the middle row
(the orbital time at the initial density peak is 3.3 ms, or 224rg/c). From top to bottom, rows correspond to electron fraction, neutrino number source term
� (equation 3), temperature, poloidal magnetic pressure, and toroidal magnetic pressure, respectively. The white contours correspond to mass densities of
106 g cm�3 (outer) and 109 g cm�3 (inner), and some magnetic field lines are shown in gray in the lower two rows. The gray hatched area corresponds to
regions excluded from our analysis for having high magnetization or a density close to the floor value (§2.4).

sible between GRMHD and hydrodynamic models given the dif-
ferent implementations of gravity (the GRMHD torus has an initial
rest mass ⇠ 10% higher than the hydrodynamic models).

3 RESULTS

3.1 Early disk evolution

The initial dynamics of the GRMHD model (B3d) is determined
primarily by the choice of initial field geometry. Since the earliest

c� 2014 RAS, MNRAS 000, 1–21

Ref:	R.	Fernandez	et	al.	2018



Post-merger waveforms (NS-NS)
• Post-merger waveforms would contain  

rich physical informaDon,  
such as the	evolu'on	of	the	merger	remnant and 

informa'on	of	high	density	part	of	NS	EoS 

• Challenging for both detecDon and  
waveform modeling 

• Complicated physical effects, such as MHD, thermal 
effect, and ν radiaDon, should be taken into account 
in the numerical simulaDons
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FIG. 1. The comparison of Fourier spectra of gravitational
waves from binary neutron stars with three di↵erent equations
of state and with two values of total mass. A(f), De↵ , and m0

denote the amplitude of the spectrum, the e↵ective distance
to the gravitational-wave source, and the total mass of the
binary, respectively. The vertical dashed line denotes f =
1000Hz.

the analysis in Sec. III and Sec. IV. The details and the
derivation of these point-particle models are presented in
Appendix A.

We note that, in this work, we focus only on gravita-
tional waves for f  1000Hz. The reason for this is that
the gravitational-wave spectra for f > 1000Hz would be
a↵ected by the post-merger waveforms: In Fig. 1, we
show the amplitude of the gravitational-wave spectra for
several binary neutron star models (see Sec. II A for the
details of binary neutron star models). Figure 1 shows
that the amplitude is no longer a monotonic function of
the gravitational-wave frequency for f & 1100Hz. This
suggests that both amplitude and phase of the spectra
are a↵ected by the waveforms after the merger that can
be modified by detailed physical e↵ects (see Appendix B
for a detailed analysis). Thus, we have to restrict our
attention to the frequency of f  1000Hz. In this work,
we also focus only on the case that the spins of neutron
stars are absent. We leave the extension of our waveform
model for the future task.

A. Time-domain hybrid waveforms

The hybrid waveforms employed for deriving and cal-
ibrating our waveform model in this paper are com-
posed of the high-frequency part (& 400Hz) and the low-
frequency part (. 400Hz). For the high-frequency parts,
we employ our latest numerical-relativity waveforms de-
rived partly in Ref. [29]. The simulations are performed
by using a numerical-relativity code, SACRA, in which
an adaptive-mesh-refinement (AMR) algorithm is imple-

mented (see Refs. [29] and [41] for details of the com-
putational setup). Binary neutron stars in quasi-circular
orbits with small eccentricity ⇠ 10�3 are numerically de-
rived for the initial conditions of the simulations using a
spectral-method library, LORENE [42], and an eccentricity-
reduction procedure described in Ref. [43].
We employ the numerical-relativity waveforms of bi-

nary neutron stars with m0 ⇡ 2.7M� and m0 = 2.5M�,
where m0 is the total mass of the binary at infinite sep-
aration. More precisely, equal-mass models with each
mass m1 = m2 = 1.35M� and 1.25M�, and unequal-
mass models with each mass (m1,m2) ⇡ (1.21, 1.51)M�
and (1.16, 1.58)M� are employed. We note that, for the
models with each mass (m1,m2) ⇡ (1.21, 1.51)M�, we
employ the results of the simulations of which grid resolu-
tions are improved from those presented in Ref. [29]. The
simulations for the new models are performed in the same
way as in Ref. [29]. The orbital angular velocity of the ini-
tial configuration, ⌦0, is chosen to bem0⌦0 ⇡ 0.0155 and
0.0150 for m0 ⇡ 2.7M� and m0 = 2.5M�, respectively.
Model parameters and grid configurations are summa-
rized in Table I. We note that the numerical-relativity
waveforms are expected to have a phase error by 0.2–
0.6 rad up to the time of peak amplitude (see Ref. [29]
and Appendix C for details of this estimation).
Five parameterized piecewise-polytropic equations of

state with two pieces [8, 16, 29, 44] are employed to
consider the cases for a wide range of binary tidal de-
formability, 300 . ⇤̃ . 1900. For any equations of state
employed in this paper, the maximum mass of spher-
ical neutron stars is larger than 2.0M�, which is the
approximate maximum mass among the observed neu-
tron stars to date [45, 46]. The radius and the dimen-
sionless tidal deformability of spherical neutron stars of
1.16, 1.21, 1.25, 1.35, 1.51, and 1.58M� are listed in Ta-
ble II. The 15H equation of state might be incompatible
with the observational results of GW170817 [3], because
the tidal deformability in this equations of state for the
neutron stars of mass 1.35–1.40,M� is larger than 1000.
However, the other equations of state are compatible with
the latest observational results.
For the low-frequency part, we employ the TEOB

waveforms of Refs. [26–28], which are currently among
the most successful approximants in which the tidal ef-
fects as well as higher PN e↵ects are taken into account.
There exist two types of the TEOB formalism depending
on the choice of point-particle baseline; the SEOBNRv2T
and SEOBNRv4T formalisms of which the point-particle
parts agree with the SEOBNRv2 and SEOBNRv4 for-
malisms [47], respectively. In this work, we employ the
SEOBNRv2T waveforms for the low-frequency part of
the hybrid waveforms. This is because the point-particle
baseline of the SEOBNRv2T formalism, i.e., the SEOB-
NRv2 formalism, is more suitable for deriving waveforms
for a non-spinning equal-mass binary (see Appendix A).
For each binary neutron star model in Table I, the

SEOBNRv2T waveforms are generated by specifying the
mass and dimensionless tidal deformability, ⇤i (i = 1, 2),

Ref:	K.	Kiuchi	et	al.	2017	,	KK	et	al.	2018
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Post-merger waveforms (BH-NS)
• Waveforms in the inspiral phase would have almost 

the same behavior as BNS or BBH. 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FIG. 5. Dominant (2, 2) mode of the gravitational wave signal for
all q = 1 cases using the �2 equation of state. The shaded regions in
the zoom-in around merger time (bottom panel) lie in between wave-
forms dephased by the estimated errors from Fig. 7. The waveform
for the binary black hole simulation is assumed to be exact, as errors
are significantly smaller for vacuum simulations than for simulations
involving neutron stars. All waveforms are aligned through a time
and phase shift minimizing the phase difference in the time interval
100 < t/M < 1100.

the following: ”S” means that spin effects with fully rel-
ativistic test-spin limit are incorporated, ”EOB” refers
to the modeling approach, ”v4” refers to the NR cal-
ibration version of the non-precessing model. Matter
effects are modeled analytically and dynamically by in-
cluding f-mode excitations from the quadrupole and oc-
tupole [43, 92], but f-mode excitations neglect the effect
of the NS spin, which we find important. The spin-
induced quadrupole effects are included at leading or-
der6. The SEOBNRv4T model describes both NSNS
and BHNS inspirals. Once the inspiral evolution meets
a stopping criterion (e.g. reaches a peak in orbital fre-

6 As described in the internal LIGO Technical Document T1800028

FIG. 6. Same as Fig. 5, but for the q = 2 configurations. The errors
in the bottom panel are from Fig. 8.

quency or the merger frequency of a NSNS binary as
determined from a fit to NR data [93], or the frequency
of the f-mode resonance) the waveform is tapered to
zero 7. For the comparisons below, we used quasi-
universal relations between NS parameters [94–96] to
encapsulate the EOS-dependence in a single parameter
⇤.

• SEOBNRv4NRTidal is a frequency-domain reduced-
order-model (ROM) version of the BBH baseline of
SEOBNRv4 augmented with tidal effects described
by the fit to NR from Ref. [97], assuming that the
EOS-dependence is characterized only by ⇤, and spin-
induced quadrupole effects. The model terminates
smoothly beyond the NSNS merger frequency from
[93]. Although the NRTidal model and stopping cri-

7 Although Ref. [43] developed a non-spinning merger-ringdown model for
BHNS binaries, we do not employ it here, but use instead the version of
SEOBNRv4T available in LAL, which simply tapers the waveform at the
peak of the amplitude.

8

FIG. 5. Dominant (2, 2) mode of the gravitational wave signal for
all q = 1 cases using the �2 equation of state. The shaded regions in
the zoom-in around merger time (bottom panel) lie in between wave-
forms dephased by the estimated errors from Fig. 7. The waveform
for the binary black hole simulation is assumed to be exact, as errors
are significantly smaller for vacuum simulations than for simulations
involving neutron stars. All waveforms are aligned through a time
and phase shift minimizing the phase difference in the time interval
100 < t/M < 1100.

the following: ”S” means that spin effects with fully rel-
ativistic test-spin limit are incorporated, ”EOB” refers
to the modeling approach, ”v4” refers to the NR cal-
ibration version of the non-precessing model. Matter
effects are modeled analytically and dynamically by in-
cluding f-mode excitations from the quadrupole and oc-
tupole [43, 92], but f-mode excitations neglect the effect
of the NS spin, which we find important. The spin-
induced quadrupole effects are included at leading or-
der6. The SEOBNRv4T model describes both NSNS
and BHNS inspirals. Once the inspiral evolution meets
a stopping criterion (e.g. reaches a peak in orbital fre-

6 As described in the internal LIGO Technical Document T1800028

FIG. 6. Same as Fig. 5, but for the q = 2 configurations. The errors
in the bottom panel are from Fig. 8.

quency or the merger frequency of a NSNS binary as
determined from a fit to NR data [93], or the frequency
of the f-mode resonance) the waveform is tapered to
zero 7. For the comparisons below, we used quasi-
universal relations between NS parameters [94–96] to
encapsulate the EOS-dependence in a single parameter
⇤.

• SEOBNRv4NRTidal is a frequency-domain reduced-
order-model (ROM) version of the BBH baseline of
SEOBNRv4 augmented with tidal effects described
by the fit to NR from Ref. [97], assuming that the
EOS-dependence is characterized only by ⇤, and spin-
induced quadrupole effects. The model terminates
smoothly beyond the NSNS merger frequency from
[93]. Although the NRTidal model and stopping cri-

7 Although Ref. [43] developed a non-spinning merger-ringdown model for
BHNS binaries, we do not employ it here, but use instead the version of
SEOBNRv4T available in LAL, which simply tapers the waveform at the
peak of the amplitude.
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ElectromagneDc Counterparts 
to NS binary mergers

• Various	transient	EM	counterparts	are	
proposed	for	NS	binary	mergers	

• for	example,	

• short-hard	gamma-ray-burst	
• Axerglow	
• cocoon	emission	
• kilonovae/macronovae	
• radio	flare,	etc.	

• Host	galaxy	idenOficaOon,	remnant	
properOes,	environment		

• Possible	synthesis	site	of	r-process	nuclei
Ref:	B.	Metzger	and	E.	Berger	2012



short-hard gamma-ray burst
• L~1051erg/s,	Δt=0.01-1000	s	

• launched	by	highly	relaOvisOc	jet	(Γ~100-1000)	

• Long-sox	GRB:	≥	2s	  
deaths	of	massive	stars	

• Short-hard	GRB:	≤	2s  
neutron	star	binary	merger?
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Fig. 1. The bimodal duration distribution of GRBs. The observations (2041 bursts in the current BATSE catalog) are marked by the thick stairs.
The decomposition of the distribution into two lognormal distributions, as determined by Horváth (2002) (thin solid lines) and the sum of these
components (thick solid line) are superposed.

2.1. Prompt emission

Most of the prompt emission properties are derived using BATSE bursts. Typically, the SHB sample is drawn out of
the complete BATSE GRB sample using the criterion T90 < 2 s (defined below). This is clearly a rough cut (see Section
2.7), but it is sufficient for the purpose of statistical studies which are weakly affected by a small contamination of the
sample.

2.1.1. Duration
The true (intrinsic) duration distribution of SHBs is unknown. At the short end, the observed distribution is af-

fected by the minimal BATSE trigger time (64 ms) while the long end the distribution blends into that of long GRBs.
Fig. 1 depicts the T90 distribution of the entire BATSE GRB sample, where T90 is the duration encompassing the 5th
to the 95th percentiles of the total counts in the energy range 20–2000 keV. The duration distribution is bimodal with
a minimum around 2 s (Kouveliotou et al., 1993). For this reason the dividing line between short and long GRBs is
usually drawn at T90 = 2 s. This distinction suffices for the purpose of statistical population analysis, but one should
bear in mind that there are short GRBs with T90 > 2 s, and long GRBs with T90 < 2 s. Horváth (2002) finds that this
bimodal distribution can be decomposed into two lognormal distributions, as presented in Fig. 1. The SHB distribution
peaks at T90 ≈ 0.8 s, and the full-width half-maximum of the distribution is 1.4 dex. If this decomposition represents
the physical one then 25%[3.5%] of BATSE SHBs last longer than 2[10] s.

It was recently realized that at least in some SHBs the initial short and hard !-ray prompt emission is followed by
a much longer X-ray “tail” that lasts tens to hundreds of seconds. Typically, this tail is too faint to affect BATSE T90,
although in some cases it probably does (Norris and Bonnell, 2006). The properties of this soft tail and its implications
for the identification of SHBs are discussed later (Sections 2.2.2 and 2.7).

2.1.2. Temporal structure
Only a small fraction of the BATSE SHB sample have sufficient signal-to-noise ratio (S/N) to conduct analysis of the

fine temporal structure. Nakar and Piran (2002b) analyze a sample of 33 bright SHBs at a resolution of 2 ms, looking
for variability (separate pulses) within the bursts. The low S/N and the limited time resolution imply that the observed
variability is only a lower limit of the true one. Yet, they find that most of the bursts in the sample exhibit variability
on time scales that are shorter than the bursts’ durations (see Fig. 2 for a typical SHB light curve). More than half of
the bursts in their sample show at least two well-separated pulses and more than a third show rapid variability in the
sense that the shortest pulse is shorter by more than an order of magnitude than the burst duration. No correlation is
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Fig. 2. Left: The light curve of GRB 910718, a bright SHB with T90 =0.25 s. Right: The first 0.7 s of GRB 941228, a bright long GRB with T90 =62 s.
The figure demonstrates the similarity in short-time-scale structure in long and short GRBs. The resolution of both light curves is 5 ms. Both bursts
show variability down to the resolution limit.

found between the duration of a burst and the duration of its sub-pulses (given that the burst is not single pulsed). The
duration distribution of single pulses ranges from 5 to 300 ms with a broad peak around 50 ms. Thus, the lower limit on
the shortest time scale observed in these SHBs is of the order of 10 ms, and is set by the resolution limit. Shorter time
scales are probably present, as evident from a single case in which a very bright < 1 ms pulse is observed in a SHB
(Scargle et al., 1998, fainter pulses than this one cannot be resolved on ms time scale). McBreen et al. (2001) analyzed
the distribution of various temporal properties of pulses in 100 bright BATSE SHBs. They find that the rise times,
fall times, FWHM, pulse amplitudes and areas are all consistent with lognormal distributions and that time intervals
between pulses and pulse amplitudes are highly correlated with each other.

A comparison of the temporal structure of bright SHBs to the initial 2 s of a sample of long GRBs7 shows similar
time scales and similar distributions of pulse durations (Nakar and Piran, 2002b). This similarity is demonstrated in
Fig. 2. Similarly, McBreen et al. (2001) find a great similarity between the lognormal distributions and correlations in
the temporal structure of short and long GRBs. On the other hand, an examination of the temporal evolution of pulses
as a function of frequency shows a different behavior in long and short bursts. Norris et al. (2001) compare the spectral
lags of short and long GRBs. Spectral lag is a measurement of the spectral evolution timescale of the pulse structure,
where a positive value indicates a hard-to-soft evolution (see Norris et al., 2000, for an exact definition). They find
that long bursts show positive spectral lags that extend up to ∼ 2 s with a core around 50 ms. SHBs, however, show a
symmetric distribution of lags that ranges between ±30 ms.

Thus the temporal structure of SHBs shows both similarities and dissimilarities to that of long GRBs. Unfortunately
additional comparisons of the temporal structure of short and long bursts were not carried out so far, mostly because
of the difficulty in the analysis of SHB light curves. While the temporal structure of long GRBs was explored in detail
(e.g., Norris et al., 1996), only the general properties of the temporal structure of SHBs are known.

2.1.3. Spectrum
Comparison of the hardness ratio of SHBs to that of long GRBs shows that SHBs are on average harder. This result

was used by Kouveliotou et al. (1993), together with the bimodal duration distribution, to suggest that SHBs and long
GRBs are two distinctive populations. Fig. 3 depicts T90 and the hardness (ratio between the 50–100 keV and the

7 The sample includes only long GRBs that have high-resolution light curve and an initial pulse that is shorter than 2 s.

sGRB	light	curve

ref)	Nakar	2007

DuraOon	distribuOon	of	GRBs



Kilonova/Macronova

• A	Kilonova/macronova	is	a	electromagneOc	(EM)  
	emission	which	expected	to	be	associate	with	 
a	NS	binary	merger.	

• Ejected	material	is	neutron-rich  
→heavy	radioacOve	nuclei	would	be	synthesized	 
in	the	ejecta	by	the	so-called	 
r-process	nucleosynthesis 
 
→EM	emission	in	opOcal	and	infrared	wavelengths	
could	occur	by	radioacOve	decays	of	heavy	elements 
:	kilonova/macronova 
 
			Li	&	Paczyński	1998,	Kulkarni	2005, 
			Metzger	et	al.	2010	… Ref:	K.	Hotokezaka	et	al.	2013
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R-process nucleosynthesis
Credit) Sho Fujibayashi
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Ejecta opacity

The	ejecta	opacity	varies	significantly	(0.1—10	cm^2/g)	depending	on	 
whether	lanthanide	elements	are	synthesized	or	not,	which	reflects	the	electron	fracOon,	Ye,	of	ejecta. 

(Kasen	et	al.	2013,	Barnes	et	al.	2013,	Tanaka	et	al.	2013)

ref)	Tanaka	et	al.	2018,2019

Ye =
[p]

[p] + [n]
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Figure 1. Element abundances in the ejecta of NS mergers at
t = 1 day after the merger. The orange line shows abundances for
dynamical ejecta (Wanajo et al. 2014), which is derived by averag-
ing the nucleosynthesis results of Ye = 0.10 − 0.40 assuming a flat
Ye distribution. The blue and green lines show the nucleosynthesis
results from trajectories of Ye = 0.25 and 0.30, respectively, which
represent the abundance patterns of high-Ye post-merger ejecta.
Black points connected with the line show the solar abundance
ratios of r-process elements (Simmerer et al. 2004).

inantly by neutrino heating (Wanajo & Janka 2012;
Perego et al. 2014; Fujibayashi et al. 2017) and nuclear
recombination (Fernández & Metzger 2013). These
components are as a whole denoted as “post-merger”
ejecta in this paper. The post-merger ejecta can consist
of less neutron rich material than in the dynamical
ejecta (Just et al. 2015; Martin et al. 2015; Wu et al.
2016; Lippuner et al. 2017); neutrino absorption as well
as a high temperature caused by viscous heating makes
ejected material less neutron rich or electron fraction Ye
(number of protons per nucleon) higher. If the ejecta
are free from Lanthanide elements, the emission from
post-merger ejecta can be brighter and bluer, which can
be called “blue kilonova” (Metzger & Fernández 2014;
Kasen et al. 2015). However, due to the lack of atomic
data of r-process elements, previous studies assume
opacities of Fe for Lanthanide-free ejecta. To predict
emission properties of kilonova, systematic atomic data
for r-process elements are important (see Kasen et al.
2013; Fontes et al. 2017; Wollaeger et al. 2017).
In this paper, we newly perform atomic structure cal-

culations for selected r-process elements. Using these
data, we perform radiative transfer simulations and
study the impact of element abundances to kilonova
emission. In Section 2, we show methods and results of
our atomic structure calculations. In Section 3, we cal-
culate opacities with these atomic data and discuss the
dependence on the elements. We then apply our data
for radiative transfer simulations in Section 4, and show
light curves of kilonova from dynamical and post-merger
ejecta of NS mergers. Finally we give summary in Sec-
tion 5.

2. ATOMIC STRUCTURE CALCULATIONS

We perform atomic structure calculations for Se (Z =
34), Ru (Z = 44), Te (Z = 52), Ba (Z = 56), Nd
(Z = 60) and Er (Z = 68). These elements are se-

lected to systematically study the opacities of elements
with different open shells: Ba is an open s-shell element,
Se and Te are open p-shell elements, Ru is an open d-
shell element, and Nd and Er are open f-shell elements.
We focus on neutral atom and singly and doubly ionized
ions because these ionization states are most common in
kilonova at t ∼> 1 day after the merger (Kasen et al. 2013;
Tanaka & Hotokezaka 2013).
In Figure 1, these elements are shown with three dif-

ferent abundance patterns in the ejecta of NS merg-
ers. While relativistic simulations of NS mergers predict
wide ranges of Ye between 0.05 and 0.45, the detailed
Ye distributions depend on the NS masses and their ra-
tios as well as the adopted nuclear equations of state
(Sekiguchi et al. 2015, 2016). In this paper, we assume
a flat mass distribution between Ye = 0.10 and 0.40 as
representative of dynamical ejecta. As shown in Figure
1 (orange line), the dynamical ejecta consist of a wide
range of r-process elements from the first (Z = 34) to
third (Z = 78) abundance peaks. For the post-merger
ejecta, we consider single Ye models of 0.25 (green) and
0.30 (blue) for simplicity. The former represents a case
that contains the second (Z = 52) abundance peak and a
small amount of Lanthanides. The latter is a Lanthanide-
free model without elements of Z > 50. For all the mod-
els, the nucleosynthesis abundances of each Ye are taken
from Wanajo et al. (2014).
For the atomic structure calculations, we use two dif-

ferent codes, HULLAC (Bar-Shalom et al. 2001) and
GRASP2K (Jönsson et al. 2013). The HULLAC code,
which employs a parametric potential method, is used
to provide atomic data for many elements while the
GRASP2K code, which enables more ab-initio calcu-
lations based on the multiconfiguration Dirac-Hartree-
Fock (MCDHF) method, is used to provide benchmark
calculations for a few elements. Such benchmark calcula-
tions are important because systematic improvement of
the accuracies is not always obtained with the HULLAC
code especially when little data are available in NIST
Atomic Spectra Database (ASD, Kramida et al. 2015).
By using these two codes, we also study the influence
of the accuracies of atomic calculations to the opacities.
Tables 1 and 2 summarize the list of ions for atomic struc-
ture calculations. In the following sections, we describe
our methods to calculate the atomic structures and tran-
sition probabilities.

2.1. HULLAC

HULLAC (Hebrew University Lawrence Livermore
Atomic Code, Bar-Shalom et al. 2001) is an integrated
code for calculating atomic structures and cross sections
for modeling of atomic processes in plasmas and emission
spectra. The latest version (9-601k) of HULLAC is used
in the present work to provide atomic data for Se i-iii, Ru
i-iii, Te i-iii, Nd i-iii, and Er i-iii. In HULLAC, fully
relativistic orbitals are used for calculations of atomic
energy levels and radiative transition probabilities. The
orbital functions ϕnljm are solutions of the single elec-
tron Dirac equation with a local central-field potential
U(r) which represents a nuclear field and a spherically
averaged interaction with other electrons in atoms,

[

cα · p+ (β − 1)c2 + U(r)
]

ϕnljm = εnljϕnljm, (1)
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Figure 9. Top: Abundance distribution for different Ye (Wanajo et al. 2014). Bottom left: Expansion opacity as a function
of wavelength for each Ye. Bottom right: Planck mean opacity as a function of temperature for each Ye.

ture. Since the ionization potentials of d-shell elements
are generally higher than those of f -shell elements, the
applicable temperature range is wider for high Ye cases,
where d-shell elements dominate the opacities.
Note that the opacity of κ = 0.1−0.5 cm2 g−1 is often

used for blue kilonovae because it gives a good approxi-
mation for Type Ia supernova. However, the opacities of

mixture of r-process elements are almost always higher
than κ = 0.1− 0.5 cm2 g−1 even for high Ye, except for
a low temperature (T < 2, 000 K). This is because Fe
is not necessarily representative of d-shell elements and
the contribution of Fe-like elements (Ru and Os) is low
compared with other d-shell elements at T < 10, 000 K
(Figure 5).
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Table 1. Planck mean opacity for element
mixture

Ye X(La)a X(La+Ac)b κ c

cm2 g−1

0.10 7.1× 10−2 1.7× 10−1 d 27.0

0.15 2.6× 10−1 2.6× 10−1 32.9

0.20 1.1× 10−1 1.1× 10−1 22.3

0.25 5.5× 10−3 5.5× 10−3 5.60

0.30 3.4× 10−7 3.4× 10−7 5.36

0.35 0.0 0.0 3.30

0.40 0.0 0.0 0.96

Note— a Mass fraction of lanthanide ele-
ments.
b Mass fraction of lanthanide and actinide
elements.
c Average Planck mean opacity for
T = 5, 000− 10, 000 K (ρ = 1× 10−13 g cm−3

and t = 1 day after the merger).
d 1.1× 10−1 excluding elements with Z ≥ 93,
for which no atomic data are available.

For the ease of applications in analytical models, we
give average values of the Planck mean opacities in Table
1. However, it is emphasized that the average opacities
are derived only at T = 5, 000− 10, 000 K and there is
a strong temperature dependence at T < 5, 000 K. Fur-
thermore, the expansion opacities also depend on the
density (and thus, the position in the ejecta) as well
as the time after the merger. Therefore, we need full
numerical calculations to quantitatively connect obser-
vational properties with abundance distributions.

4.2. Light curves

In this section, we apply our new opacity data to
radiative transfer simulations of kilonovae. We use
a Monte-Carlo radiative transfer code developed by
Tanaka & Hotokezaka (2013); Tanaka et al. (2014) and
further updated by Kawaguchi et al. (2018) to in-
clude special-relativistic effects. We adopt a simple
one-dimensional ejecta model with a power-law den-
sity structure ρ ∝ r−3 from v = 0.05c to v = 0.2c
(Metzger et al. 2010; Metzger 2017), which gives an av-
erage velocity of ⟨v⟩ = 0.1c. The total mass is set to be
Mej = 0.03M⊙.
To see the effects of opacities, we perform simula-

tions by changing the abundances of r-process elements.
We show three cases with different Ye ranges: high
Ye (Ye = 0.30 − 0.40, no lanthanide), intermediate Ye

(Ye = 0.20−0.30, lanthanide fraction of ∼ 5×10−3), and
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Figure 10. Multi-color light curves in optical (griz)
and NIR (JHK) filters for the models with high Ye (Ye =
0.30−0.40, top), intermediate Ye (Ye = 0.20−0.30, middle),
and low Ye (Ye = 0.10 − 0.20, bottom) compared with the
observed light curves of GW170817/AT2017gfo (compiled by
Villar et al. 2017).
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Table 1. Planck mean opacity for element
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b Mass fraction of lanthanide and actinide
elements.
c Average Planck mean opacity for
T = 5, 000− 10, 000 K (ρ = 1× 10−13 g cm−3

and t = 1 day after the merger).
d 1.1× 10−1 excluding elements with Z ≥ 93,
for which no atomic data are available.

For the ease of applications in analytical models, we
give average values of the Planck mean opacities in Table
1. However, it is emphasized that the average opacities
are derived only at T = 5, 000− 10, 000 K and there is
a strong temperature dependence at T < 5, 000 K. Fur-
thermore, the expansion opacities also depend on the
density (and thus, the position in the ejecta) as well
as the time after the merger. Therefore, we need full
numerical calculations to quantitatively connect obser-
vational properties with abundance distributions.

4.2. Light curves

In this section, we apply our new opacity data to
radiative transfer simulations of kilonovae. We use
a Monte-Carlo radiative transfer code developed by
Tanaka & Hotokezaka (2013); Tanaka et al. (2014) and
further updated by Kawaguchi et al. (2018) to in-
clude special-relativistic effects. We adopt a simple
one-dimensional ejecta model with a power-law den-
sity structure ρ ∝ r−3 from v = 0.05c to v = 0.2c
(Metzger et al. 2010; Metzger 2017), which gives an av-
erage velocity of ⟨v⟩ = 0.1c. The total mass is set to be
Mej = 0.03M⊙.
To see the effects of opacities, we perform simula-

tions by changing the abundances of r-process elements.
We show three cases with different Ye ranges: high
Ye (Ye = 0.30 − 0.40, no lanthanide), intermediate Ye

(Ye = 0.20−0.30, lanthanide fraction of ∼ 5×10−3), and
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Figure 10. Multi-color light curves in optical (griz)
and NIR (JHK) filters for the models with high Ye (Ye =
0.30−0.40, top), intermediate Ye (Ye = 0.20−0.30, middle),
and low Ye (Ye = 0.10 − 0.20, bottom) compared with the
observed light curves of GW170817/AT2017gfo (compiled by
Villar et al. 2017).
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∼100 s (calculated starting from 24 Hz) in the detectors’
sensitive band, the inspiral signal ended at 12∶41:04.4 UTC.
In addition, a γ-ray burst was observed 1.7 s after the
coalescence time [39–45]. The combination of data from
the LIGO and Virgo detectors allowed a precise sky
position localization to an area of 28 deg2. This measure-
ment enabled an electromagnetic follow-up campaign that
identified a counterpart near the galaxy NGC 4993, con-
sistent with the localization and distance inferred from
gravitational-wave data [46–50].
From the gravitational-wave signal, the best measured

combination of the masses is the chirp mass [51]
M ¼ 1.188þ0.004

−0.002M⊙. From the union of 90% credible
intervals obtained using different waveform models (see
Sec. IV for details), the total mass of the system is between
2.73 and 3.29 M⊙. The individual masses are in the broad
range of 0.86 to 2.26 M⊙, due to correlations between their
uncertainties. This suggests a BNS as the source of the
gravitational-wave signal, as the total masses of known
BNS systems are between 2.57 and 2.88 M⊙ with compo-
nents between 1.17 and ∼1.6 M⊙ [52]. Neutron stars in
general have precisely measured masses as large as 2.01#
0.04 M⊙ [53], whereas stellar-mass black holes found in
binaries in our galaxy have masses substantially greater
than the components of GW170817 [54–56].
Gravitational-wave observations alone are able to mea-

sure the masses of the two objects and set a lower limit on
their compactness, but the results presented here do not
exclude objects more compact than neutron stars such as
quark stars, black holes, or more exotic objects [57–61].
The detection of GRB 170817A and subsequent electro-
magnetic emission demonstrates the presence of matter.
Moreover, although a neutron star–black hole system is not
ruled out, the consistency of the mass estimates with the
dynamically measured masses of known neutron stars in
binaries, and their inconsistency with the masses of known
black holes in galactic binary systems, suggests the source
was composed of two neutron stars.

II. DATA

At the time of GW170817, the Advanced LIGO detec-
tors and the Advanced Virgo detector were in observing
mode. The maximum distances at which the LIGO-
Livingston and LIGO-Hanford detectors could detect a
BNS system (SNR ¼ 8), known as the detector horizon
[32,62,63], were 218 Mpc and 107 Mpc, while for Virgo
the horizon was 58 Mpc. The GEO600 detector [64] was
also operating at the time, but its sensitivity was insufficient
to contribute to the analysis of the inspiral. The configu-
ration of the detectors at the time of GW170817 is
summarized in [29].
A time-frequency representation [65] of the data from

all three detectors around the time of the signal is shown in
Fig 1. The signal is clearly visible in the LIGO-Hanford
and LIGO-Livingston data. The signal is not visible

in the Virgo data due to the lower BNS horizon and the
direction of the source with respect to the detector’s antenna
pattern.
Figure 1 illustrates the data as they were analyzed to

determine astrophysical source properties. After data col-
lection, several independently measured terrestrial contribu-
tions to the detector noise were subtracted from the LIGO
data usingWiener filtering [66], as described in [67–70]. This
subtraction removed calibration lines and 60 Hz ac power
mains harmonics from both LIGO data streams. The sensi-
tivity of the LIGO-Hanford detector was particularly
improved by the subtraction of laser pointing noise; several
broad peaks in the 150–800 Hz region were effectively
removed, increasing the BNS horizon of that detector
by 26%.

FIG. 1. Time-frequency representations [65] of data containing
the gravitational-wave event GW170817, observed by the LIGO-
Hanford (top), LIGO-Livingston (middle), and Virgo (bottom)
detectors. Times are shown relative to August 17, 2017 12∶41:04
UTC. The amplitude scale in each detector is normalized to that
detector’s noise amplitude spectral density. In the LIGO data,
independently observable noise sources and a glitch that occurred
in the LIGO-Livingston detector have been subtracted, as
described in the text. This noise mitigation is the same as that
used for the results presented in Sec. IV.
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LIGO-Livingston, and Virgo data respectively, making it
the loudest gravitational-wave signal so far detected. Two
matched-filter binary-coalescence searches targeting
sources with total mass between 2 and 500 M⊙ in the
detector frame were used to estimate the significance of this
event [9,12,30,32,73,81–83,86,87,91–97]. The searches
analyzed 5.9 days of LIGO data between August 13,
2017 02∶00 UTC and August 21, 2017 01∶05 UTC.
Events are assigned a detection-statistic value that ranks
their probability of being a gravitational-wave signal. Each
search uses a different method to compute this statistic and
measure the search background—the rate at which detector
noise produces events with a detection-statistic value equal
to or higher than the candidate event.
GW170817 was identified as the most significant event

in the 5.9 days of data, with an estimated false alarm rate of
one in 1.1 × 106 years with one search [81,83], and a
consistent bound of less than one in8.0 × 104 years for the
other [73,86,87]. The second most significant signal in this
analysis of 5.9 days of data is GW170814, which has a
combined SNR of 18.3 [29]. Virgo data were not used in
these significance estimates, but were used in the sky
localization of the source and inference of the source
properties.

IV. SOURCE PROPERTIES

General relativity makes detailed predictions for the
inspiral and coalescence of two compact objects, which

may be neutron stars or black holes. At early times, for low
orbital and gravitational-wave frequencies, the chirplike
time evolution of the frequency is determined primarily by
a specific combination of the component masses m1 and
m2, the chirp mass M ¼ ðm1m2Þ3=5ðm1 þ m2Þ−1=5. As the
orbit shrinks and the gravitational-wave frequency grows
rapidly, the gravitational-wave phase is increasingly influ-
enced by relativistic effects related to the mass ratio
q ¼ m2=m1, where m1 ≥ m2, as well as spin-orbit and
spin-spin couplings [98].
The details of the objects’ internal structure become

important as the orbital separation approaches the size of
the bodies. For neutron stars, the tidal field of the
companion induces a mass-quadrupole moment [99,100]
and accelerates the coalescence [101]. The ratio of the
induced quadrupole moment to the external tidal field is
proportional to the tidal deformability (or polarizability)
Λ ¼ ð2=3Þk2½ðc2=GÞðR=mÞ&5, where k2 is the second Love
number and R is the stellar radius. Both R and k2 are fixed
for a given stellar massm by the equation of state (EOS) for
neutron-star matter, with k2 ≃ 0.05–0.15 for realistic neu-
tron stars [102–104]. Black holes are expected to have
k2 ¼ 0 [99,105–109], so this effect would be absent.
As the gravitational-wave frequency increases, tidal

effects in binary neutron stars increasingly affect the phase
and become significant above fGW ≃ 600 Hz, so they are
potentially observable [103,110–116]. Tidal deformabil-
ities correlate with masses and spins, and our measurements
are sensitive to the accuracy with which we describe
the point-mass, spin, and tidal dynamics [113,117–119].
The point-mass dynamics has been calculated within the
post-Newtonian framework [34,36,37], effective-one-body
formalism [10,120–125], and with a phenomenological
approach [126–131]. Results presented here are obtained
using a frequency domain post-Newtonian waveform
model [30] that includes dynamical effects from tidal
interactions [132], point-mass spin-spin interactions
[34,37,133,134], and couplings between the orbital angular
momentum and the orbit-aligned dimensionless spin com-
ponents of the stars χz [92].
The properties of gravitational-wave sources are inferred

by matching the data with predicted waveforms. We
perform a Bayesian analysis in the frequency range
30–2048 Hz that includes the effects of the 1σ calibration
uncertainties on the received signal [135,136] (< 7% in
amplitude and 3° in phase for the LIGO detectors [137] and
10% and 10° for Virgo at the time of the event). Unless
otherwise specified, bounds on the properties of
GW170817 presented in the text and in Table I are 90%
posterior probability intervals that enclose systematic
differences from currently available waveform models.
To ensure that the applied glitch mitigation procedure

previously discussed in Sec. II (see Fig. 2) did not bias the
estimated parameters, we added simulated signals with
known parameters to data that contained glitches analogous
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FIG. 3. Sky location reconstructed for GW170817 by a rapid
localization algorithm from a Hanford-Livingston (190 deg2,
light blue contours) and Hanford-Livingston-Virgo (31 deg2,
dark blue contours) analysis. A higher latency Hanford-Living-
ston-Virgo analysis improved the localization (28deg2, green
contours). In the top-right inset panel, the reticle marks the
position of the apparent host galaxy NGC 4993. The bottom-right
panel shows the a posteriori luminosity distance distribution
from the three gravitational-wave localization analyses. The
distance of NGC 4993, assuming the redshift from the NASA/
IPAC Extragalactic Database [89] and standard cosmological
parameters [90], is shown with a vertical line.
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GW170817:Constraints on  
binary parameters

• Binary parameters were constrained  
Dghtly as ever was (SNR~32), 
 and the	'dal	deformability	is indeed 
measured (constrained) in this event

Tidal	deformability Ref:	LIGO/Virgo	2017,2018
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the posterior for ⇤̃, goes to zero in the limit ⇤̃ ! 0. To
avoid the misinterpretation that there is no evidence for
⇤̃ = 0, we reweight the posterior for ⇤̃ by dividing by the
prior used, e↵ectively imposing a flat prior in ⇤̃. In prac-
tice, this is done by dividing a histogram of the posterior
by a histogram of the prior. The resulting histogram is
then resampled and smoothed with kernel density esti-
mation. We have verified the validity of the reweighting
procedure by comparing the results to runs where we fix
⇤2 = 0 and use a flat prior in ⇤̃. This di↵ers from the
reweighting procedure only in the small, next-to-leading-
order tidal e↵ect.

After reweighting there is still some support at ⇤̃ = 0.
For the high-spin prior, we can only place a 90% upper
limit on the tidal parameter, shown in Fig. 11 and listed
in Tables II and IV. For the TaylorF2 model, this 90% up-
per limit can be directly compared to the value reported
in [3]. We note, however, that due to a bookkeeping error
the value reported in [3] should have been 800 instead of
700. Our improved value of 730 is ⇠ 10% less than this
corrected value. As with the ⇤1–⇤2 posterior (Fig. 10),
the three models with the NRTidal prescription predict
90% upper limits that are consistent with each other and
less than the TaylorF2 results by ⇠ 10%. For the low-
spin prior, we can now place a two-sided 90% highest
posterior density (HPD) credible interval on ⇤̃ that does
not contain ⇤̃ = 0. This 90% HPD interval is the smallest
interval that contains 90% of the probability.

The PDFs for the NRTidal waveform models are bi-
modal. The secondary peak’s origin is the subject of
further investigation, but it may result from a specific
noise realization, as similar results have been seen with
injected waveforms with simulated Gaussian noise (see
Fig. 4 of [135]).

In Fig. 11 we also show posteriors of ⇤̃ (gray PDFs)
predicted by the same EOSs as in Fig. 10, evaluated us-
ing the masses m1 and m2 sampled from the posterior.
The sharp cuto↵ to the right of each EOS posterior cor-
responds to the equal mass ratio boundary. Again, as in
Fig. 10, the EOSs MS1, MS1b, and H4 lie outside the
90% credible upper limit, and are therefore disfavored.

The di↵erences between the high-spin prior and low-
spin prior can be better understood from the joint pos-
terior for ⇤̃ and the mass ratio q. Figure 12 shows these
posteriors for the PhenomPNRT model without reweight-
ing by the prior. For mass ratios near q = 1, the two
posteriors are similar. However, the high-spin prior al-
lows for a larger range of mass ratios, and for smaller
values of q there is more support for small values of ⇤̃.
If we restrict the mass ratio to q >⇠ 0.5, or equivalently
m2

>⇠ 1 M�, we find that there is less support for small
values of ⇤̃, and the two posteriors for ⇤̃ are nearly iden-
tical.

To verify that we have reliably measured the tidal
parameters, we supplement the four waveforms used in
this paper with two time-domain EOB waveform models:
SEOBNRv4T [75, 136] and TEOBResumS [74]. SEOB-
NRv4T includes dynamical tides and the e↵ects of the
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FIG. 11. PDFs of the combined tidal parameter ⇤̃ for the
high-spin (top) and low-spin (bottom) priors. Unlike in Fig. 6,
the PDFs have been reweighted by dividing by the origi-
nal prior for ⇤̃ (also shown). The 90% HPD credible in-
tervals are represented by vertical lines for each of the four
waveform models: TaylorF2, PhenomDNRT, SEOBNRT, and
PhenomPNRT. For the high-spin prior, the lower limit on
the credible interval is ⇤̃ = 0. The seven gray PDFs are
those for the seven representative EOSs using the masses es-
timated with the PhenomPNRT model. Their normalization
constants have been rescaled to fit in the figure. For these
EOSs, a 1.36M� NS has a radius of 10.4 km (WFF1), 11.3 km
(APR4), 11.7 km (SLy), 12.4 km (MPA1), 14.0 km (H4),
14.5 km (MS1b), and 14.9 km (MS1).

spin-induced quadrupole moment. TEOBResumS incor-
porates a gravitational-self-force re-summed tidal poten-
tial and the spin-induced quadrupole moment. Both
models are compatible with state-of-the-art BNS numer-
ical simulations up to merger [77, 137].

Unfortunately, these waveform models are too expen-
sive to be used for parameter estimation with LALIn-
ference. We therefore use the parallelized, but less
validated parameter estimation code RapidPE [78, 79].
This code uses a di↵erent procedure from the standard
LALInference code for generating posterior samples
and allows for parameter estimation with significantly
more expensive waveform models. For each point in the
intrinsic parameter space, RapidPE marginalizes over
the extrinsic parameters with Monte Carlo integration.
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FIG. 4. Marginalized posteriors for the binary inclination
(✓JN) and luminosity distance (DL) using a uniform-in-volume
prior (blue) and EM-constrained luminosity distance prior
(purple) [104]. The dashed and solid contours enclose the
50% and 90% credible regions respectively. Both analyses
use a low-spin prior and make use of the known location of
SSS17a. 1-D marginal distributions have been renormalized
to have equal maxima to facilitate comparison, and the ver-
tical and horizontal lines mark 90% credible intervals.

gle ✓JN = 151+15
�11 deg (low-spin) and ✓JN = 153+15

�11 deg
(high spin). This measurement is consistent for both the
high-spin and low-spin cases, since the EM measurements
constrain the source of GW170817 to higher luminosity
distances and correspondingly more face-on inclination
values. They are also consistent with the limits reported
in previous studies using afterglow measurements [108]
and combined GW and EM constraints [104, 109, 110] to
infer the inclination of the binary.

B. Masses

Owing to its low mass, most of the SNR for GW170817
comes from the inspiral phase, while the merger and
post-merger phases happen at frequencies above 1 kHz,
where LIGO and Virgo are less sensitive (Fig. 1). This
is di↵erent than the BBH systems detected so far,
e.g. GW150914 [111–114] or GW170814 [52]. The inspiral
phase evolution of a compact binary coalescence can be
written as a PN expansion, a power series in v/c, where v

is the characteristic velocity within the system [87]. The
intrinsic parameters on which the system depends enter
the expansion at di↵erent PN orders. Generally speak-
ing, parameters which enter at lower orders have a large
impact on the phase evolution, and are thus easier to
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FIG. 5. 90% credible regions for component masses using
the four waveform models for the high-spin prior (top) and
low-spin prior (bottom). The true thickness of the contour,
determined by the uncertainty in the chirp mass, is too small
to show. The points mark the edge of the 90% credible re-
gions. 1-D marginal distributions have been renormalized to
have equal maxima, and the vertical and horizontal lines give
the 90% upper and lower limits on m1 and m2, respectively.

measure using the inspiral portion of the signal.

The chirp mass M enters the phase evolution at the
lowest order, thus we expect it to be the best-constrained
among the source parameters [32, 80, 92, 93]. The mass
ratio q, and consequently the component masses, are in-
stead harder to measure due to two main factors: 1)

Masses	of	the	binary	components

Mchirp
<latexit sha1_base64="qD/pLocRAXh1OmQpxb8zc2C16Rg="></latexit>

⌘
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FIG. 9. Inferred spin parameters using the PhenomPNRT
model as in Fig. 8, but in the low-spin case where the dimen-
sionless component spin magnitudes � < 0.05. The posterior
probability densities for the dimensionless spin components
and for �p are plotted at the reference gravitational wave fre-
quency of f = 100 Hz.

by the small uncertainty in chirp mass. The lengths of
these bands are determined by the uncertainty in mass
ratio. They have most of their support near the ⇤1 = ⇤2

line corresponding to the equal mass case, and end at the
90% lower limit for the mass ratio. The predicted values
of the tidal parameters for the EOSs MS1, MS1b, and H4
lie well outside of the 90% credible region for both the
low-spin and high-spin priors, and for all waveform mod-
els. This can be compared to Fig. 5 of [3] where H4 was
still marginally consistent with the 90% credible region.

The leading tidal contribution to the GW phase evo-
lution is a mass-weighted linear combination of the two
tidal parameters ⇤̃ [135]. It first appears at 5PN order
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FIG. 10. PDFs for the tidal deformability parameters ⇤1 and
⇤2 using the high-spin (top) and low-spin (bottom) priors.
The blue shading is the PDF for the precessing waveform
PhenomPNRT. The 50% (dashed) and 90% (solid) credible
regions are shown for the four waveform models. The seven
black curves are the tidal parameters for the seven represen-
tative EOS models using the masses estimated with the Phe-
nomPNRT model, ending at the ⇤1 = ⇤2 boundary.

and is defined such that ⇤̃ = ⇤1 = ⇤2 when m1 = m2:

⇤̃ =
16

13

(m1 + 12m2)m4
1⇤1 + (m2 + 12m1)m4

2⇤2

(m1 + m2)5
. (5)

In Fig. 11 we show marginalized posteriors of ⇤̃ for the
two spin priors and four waveform models. Because we
used flat priors for ⇤1 and ⇤2, the prior for ⇤̃, and thus

⇤̃ =
16

13(1 + q)5
⇥
(1 + 12q)⇤1 + (12 + q)q4⇤2

⇤

<latexit sha1_base64="x846jOhmCMWlQsZ+Kjw5IIEqVXk="></latexit>



GW170817: Constraints on  
binary parameters

• Chirp mass gives rigid lower limit to the total mass 
 

• Tidal deformability: 
 

6

Low-spin prior (�  0.05) High-spin prior (�  0.89)

Binary inclination ✓JN 146+25
�27 deg 152+21

�27 deg

Binary inclination ✓JN using EM distance constraint [104] 151+15
�11 deg 153+15

�11 deg

Detector frame chirp mass Mdet 1.1975+0.0001
�0.0001M� 1.1976+0.0004

�0.0002M�

Chirp mass M 1.186+0.001
�0.001M� 1.186+0.001

�0.001M�

Primary mass m1 (1.36, 1.60) M� (1.36, 1.89) M�

Secondary mass m2 (1.16, 1.36) M� (1.00, 1.36) M�

Total mass m 2.73+0.04
�0.01M� 2.77+0.22

�0.05M�

Mass ratio q (0.73, 1.00) (0.53, 1.00)

E↵ective spin �e↵ 0.00+0.02
�0.01 0.02+0.08

�0.02

Primary dimensionless spin �1 (0.00, 0.04) (0.00, 0.50)

Secondary dimensionless spin �2 (0.00, 0.04) (0.00, 0.61)

Tidal deformability ⇤̃ with flat prior 300+500
�190(symmetric)/ 300+420

�230(HPD) (0, 630)

TABLE II. Properties for GW170817 inferred using the PhenomPNRT waveform model. All properties are source properties
except for the detector frame chirp mass Mdet = M(1 + z). Errors quoted as x+z

�y represent the median, 5% lower limit, and
95% upper limit. Errors quoted as (x, y) are one-sided 90% lower or upper limits, and are used when one side is bounded by
a prior. For the masses, m1 is bounded from below and m2 is bounded from above by the equal mass line. The mass ratio
is bounded by q  1. For the tidal parameter ⇤̃, we quote results using a constant (flat) prior in ⇤̃. In the high-spin case we
quote a 90% upper limit for ⇤̃, while in the low-spin case we report both the symmetric 90% credible interval and the 90%
highest posterior density (HPD) interval, which is the smallest interval that contains 90% of the probability.

FIG. 3. The improved localization of GW170817, with the lo-
cation of the associated counterpart SSS17a/AT 2017gfo. The
darker and lighter green shaded regions correspond to 50%
and 90% credible regions respectively, and the gray dashed
line encloses the previously-derived 90% credible region pre-
sented in [3].

arise because under that prior our weak constraint on
precession (see Sec. III C) helps to rule out binary in-
clinations which are closer to edge-on and where preces-

sion e↵ects would be measurable, and hence increases the
lower bound on the luminosity distance. Meanwhile, the
upper bound on the luminosity distance is achieved with
face-o↵ binary inclinations, and is nearly the same for
both high-spin and low-spin cases.

This same weak constraint on precession leads to a
tighter constraint on the inclination angle in the high-
spin case when using the precessing signal model Phe-
nomPNRT, ✓JN = 152+21

�27 deg, as compared to the low-
spin case. The inclination measurement in the low-spin
case, ✓JN = 146+25

�27 deg, agrees with the inferred values
for both the high- and low-spin cases of our three wave-
form models that treat only aligned-spins (see Table IV
in Appendix A). This gives further evidence that it is the
absence of strong precession e↵ects in the signal, which
can only occur in the high-spin case of the precessing
model, that leads to tighter constraints on ✓JN . This
tighter constraint is absent for systems restricted to the
lower spins expected from Galactic NS binaries.

Conversely, EM measurements of the distance to the
host galaxy can be used to reduce the e↵ect of this degen-
eracy, improving constraints on the luminosity distance
of the binary and its inclination, which may be useful for
constraining emission mechanisms. Figure 4 compares
our posterior estimates for distance and inclination with
no a priori assumptions regarding the distance to the
binary (i.e., using a uniform-in-volume prior) to the im-
proved constraints from an EM-informed prior for the
distance to the binary. For the EM-informed results we
have reweighted the posterior distribution to use a prior
in distance following a normal distribution with mean
40.7 Mpc and standard deviation 2.36 Mpc [104]. This
leads to improved measurements of the inclination an-
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FIG. 6. Posterior PDF for the e↵ective spin parameter �e↵

using the high-spin prior (top) and low-spin prior (bottom).
The four waveform models used are TaylorF2, PhenomDNRT,
PhenomPNRT, and SEOBNRT.

�p and the individual spins are extracted. For the pre-
cessing waveform PhenomPNRT used in this work, we
use 100 Hz.

As discussed previously we use two choices for priors on
component spins, a prior which allows for high spins (� 
0.89) and one which restricts to lower spin magnitudes
(�  0.05). The choice of prior has a strong impact on
our spin inferences, which in turn influences the inferred
component masses through the q–�e↵ degeneracy.

Figure 6 shows the marginalized posterior probabil-
ity distributions for �e↵ from the four waveform mod-
els, along with the high-spin and low-spin priors. For
the high-spin case we find that negative values of �e↵

are mostly excluded for all of the models, although small
negative �e↵ and negligible values are still allowed. Large
values of �e↵ are also excluded, and the 90% credi-
ble interval for PhenomPNRT is �e↵ 2 (�0.00, 0.10).
The uncertainty in �e↵ is reduced by nearly a factor of
two as compared with the more conservative constraint
�e↵ 2 (�0.01, 0.17) reported in [3] for this prior, and
remains consistent with negligibly small spins. For the
low-spin prior, the constraints on negative values of �e↵

are nearly identical, but in this case the upper end of the
�e↵ marginal posterior is shaped by the prior distribu-

�0.02 0.00 0.02 0.04 0.06 0.08 0.10 0.12
�e�
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0.4

0.5

0.6
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0.8

0.9

1.0

q

� < 0.89

� < 0.05

FIG. 7. Marginalized two-dimensional posteriors for the ef-
fective spin �e↵ and mass ratio q using the PhenomPNRT
model for the high-spin prior (blue) and low-spin prior (or-
ange). The 50% (dashed) and 90% (solid) credible regions are
shown for the joint posterior. The 90% credible interval for
�e↵ is shown by vertical lines and the 90% lower limit for q
is shown by horizontal lines. 1-D marginal distributions have
been renormalized to have equal maxima.

tion. The 90% credible interval in the low-spin case for
PhenomPNRT is �e↵ 2 (�0.01, 0.02), which is the same
range as reported in [3] for the low-spin case.

Figure 7 shows two-dimensional marginalized pos-
teriors for q and �e↵ for PhenomPNRT, illustrating
the degeneracy between these parameters. The two-
dimensional posterior distributions are truncated at the
boundary q = 1, and when combined with the degeneracy
this causes a positive skew in the marginalized �e↵ poste-
riors, as seen in Fig. 6 [132]. Compared to the high-spin
priors, the low-spin prior on �e↵ cuts o↵ smaller values
of q, favoring nearly equal-mass systems.

While all of the models provide constraints on the ef-
fective spin, only the PhenomPNRT model provides con-
straints on the spin-precession of the binary. The top
panel of Fig. 8 shows the inferred component spin magni-
tudes and orientations for the high-spin case. In the high-
spin case, Fig. 8 shows that we rule out large spin compo-
nents aligned or anti-aligned with L, but the constraints
on in-plane spin components are weaker. As such, we
can only rule out large values for the e↵ective precession
parameter �p, as seen in the bottom panel of Fig 8, with
the upper 90th percentile at 0.53. Nevertheless, in this
case we can place bounds on the magnitudes of the com-
ponent spins; we find that the 90% upper bounds are
�1  0.50 and �2  0.61, still well above the range of
spins inferred for Galactic binary neutron stars.

Mass	raOo-spin	degeneracy

⇤̃ < 800 (90%)
<latexit sha1_base64="GTHQtVNhEkLdIZnM/GJ2zzW9VTo="></latexit>

m = Mchirp⌘
�3/5 � 2.72M�
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Ref:	LIGO/Virgo	2018

※						depends	only	weakly	on	the	mass	raOo	for	fixed	chirp	mass

⇤1.4 < 800 (90%)
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GW170817:  
ElectromagneDc Counterparts

• ElectromagneDc (EM) counterparts 
 to GW170817 were observed simultaneously  
over the enDre wavelength range  
 (from radio to gamma wavelengths) 

• The follow-up observaDon of  
the electromagneDc counterparts  
allowed us to idenDfy the host galaxy  
(NGC4993: ~40 Mpc) 

• Observed lightcurves and spectra provided  
the physical implicaDon to  
the merger ~ post-merger dynamics of the system  
 
(property of merger remnant, 
 r-process	nucleosynthesis,  
 existence of relaDvisDc jets,…)

In the mid-1960s, gamma-ray bursts (GRBs) were discovered
by the Vela satellites, and their cosmic origin was first established
by Klebesadel et al. (1973). GRBs are classified as long or short,
based on their duration and spectral hardness(Dezalay et al. 1992;
Kouveliotou et al. 1993). Uncovering the progenitors of GRBs
has been one of the key challenges in high-energy astrophysics
ever since(Lee & Ramirez-Ruiz 2007). It has long been
suggested that short GRBs might be related to neutron star
mergers (Goodman 1986; Paczynski 1986; Eichler et al. 1989;
Narayan et al. 1992).

In 2005, the field of short gamma-ray burst (sGRB) studies
experienced a breakthrough (for reviews see Nakar 2007; Berger
2014) with the identification of the first host galaxies of sGRBs
and multi-wavelength observation (from X-ray to optical and
radio) of their afterglows (Berger et al. 2005; Fox et al. 2005;
Gehrels et al. 2005; Hjorth et al. 2005b; Villasenor et al. 2005).
These observations provided strong hints that sGRBs might be
associated with mergers of neutron stars with other neutron stars
or with black holes. These hints included: (i) their association with
both elliptical and star-forming galaxies (Barthelmy et al. 2005;
Prochaska et al. 2006; Berger et al. 2007; Ofek et al. 2007; Troja
et al. 2008; D’Avanzo et al. 2009; Fong et al. 2013), due to a very
wide range of delay times, as predicted theoretically(Bagot et al.
1998; Fryer et al. 1999; Belczynski et al. 2002); (ii) a broad
distribution of spatial offsets from host-galaxy centers(Berger
2010; Fong & Berger 2013; Tunnicliffe et al. 2014), which was
predicted to arise from supernova kicks(Narayan et al. 1992;
Bloom et al. 1999); and (iii) the absence of associated
supernovae(Fox et al. 2005; Hjorth et al. 2005c, 2005a;
Soderberg et al. 2006; Kocevski et al. 2010; Berger et al.
2013a). Despite these strong hints, proof that sGRBs were
powered by neutron star mergers remained elusive, and interest
intensified in following up gravitational-wave detections electro-
magnetically(Metzger & Berger 2012; Nissanke et al. 2013).

Evidence of beaming in some sGRBs was initially found by
Soderberg et al. (2006) and Burrows et al. (2006) and confirmed

by subsequent sGRB discoveries (see the compilation and
analysis by Fong et al. 2015 and also Troja et al. 2016). Neutron
star binary mergers are also expected, however, to produce
isotropic electromagnetic signals, which include (i) early optical
and infrared emission, a so-called kilonova/macronova (hereafter
kilonova; Li & Paczyński 1998; Kulkarni 2005; Rosswog 2005;
Metzger et al. 2010; Roberts et al. 2011; Barnes & Kasen 2013;
Kasen et al. 2013; Tanaka & Hotokezaka 2013; Grossman et al.
2014; Barnes et al. 2016; Tanaka 2016; Metzger 2017) due to
radioactive decay of rapid neutron-capture process (r-process)
nuclei(Lattimer & Schramm 1974, 1976) synthesized in
dynamical and accretion-disk-wind ejecta during the merger;
and (ii) delayed radio emission from the interaction of the merger
ejecta with the ambient medium (Nakar & Piran 2011; Piran et al.
2013; Hotokezaka & Piran 2015; Hotokezaka et al. 2016). The
late-time infrared excess associated with GRB 130603B was
interpreted as the signature of r-process nucleosynthesis (Berger
et al. 2013b; Tanvir et al. 2013), and more candidates were
identified later (for a compilation see Jin et al. 2016).
Here, we report on the global effort958 that led to the first joint

detection of gravitational and electromagnetic radiation from a
single source. An ∼ 100 s long gravitational-wave signal
(GW170817) was followed by an sGRB (GRB 170817A) and
an optical transient (SSS17a/AT 2017gfo) found in the host
galaxy NGC 4993. The source was detected across the
electromagnetic spectrum—in the X-ray, ultraviolet, optical,
infrared, and radio bands—over hours, days, and weeks. These
observations support the hypothesis that GW170817 was
produced by the merger of two neutron stars in NGC4993,
followed by an sGRB and a kilonova powered by the radioactive
decay of r-process nuclei synthesized in the ejecta.

Figure 1. Localization of the gravitational-wave, gamma-ray, and optical signals. The left panel shows an orthographic projection of the 90% credible regions from
LIGO (190 deg2; light green), the initial LIGO-Virgo localization (31 deg2; dark green), IPN triangulation from the time delay between Fermi and INTEGRAL (light
blue), and Fermi-GBM (dark blue). The inset shows the location of the apparent host galaxy NGC 4993 in the Swope optical discovery image at 10.9 hr after the
merger (top right) and the DLT40 pre-discovery image from 20.5 days prior to merger (bottom right). The reticle marks the position of the transient in both images.

958 A follow-up program established during initial LIGO-Virgo observations
(Abadie et al. 2012) was greatly expanded in preparation for Advanced LIGO-
Virgo observations. Partners have followed up binary black hole detections,
starting with GW150914 (Abbott et al. 2016a), but have discovered no firm
electromagnetic counterparts to those events.

2

The Astrophysical Journal Letters, 848:L12 (59pp), 2017 October 20 Abbott et al.

Ref:	P.	S.	Cowperthwaite	2017
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• A	Kilonova/macronova	model	with	mulOple	components	well	interprets	the	opOcal-Infrared	observaOon  
(see	e.g.,	Kasliwal	et	al.	2017,	Cowperthwaite	et	al.	2017,	Kasen	et	al.	2017,	Villar	et	al.	2017)	

• early-blue	component	(~1day)	from	lanthanide-free	ejecta	(~0.01	M_sun,	opacity	~0.1-1	cm^2/g) 
+	long-lasOng	red	component	(~10days)	from	lanthanide-rich	ejecta	(~0.04	M_sun,	opacity	~10	cm^2/g)
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Figure 5 | A unified kilonova model explaining the optical/infrared counterpart of 

GW170817. The model is the superposition of the emission from two spatially distinct 

ejecta components: a ‘blue’ kilonova (light r-process ejecta with M = 0.025M
!

, vk = 0.3c 

and Xlan = 10"4) plus a ‘red’ kilonova (heavy r-process ejecta with M = 0.04M
!

, 

vk = 0.15c, and Xlan = 10"1.5). a, Optical–infrared spectral time series, where the black line 

is the sum of the light r-process (blue line) and heavy r-process (red line) contributions. 

b, Composite broadband light curves. The light r-process component produces the rapidly 

evolving optical emission while the heavy r-process component produces the extended 

infrared emission. The composite model predicts a distinctive colour evolution, spectral 

continuum shape and infrared spectral peaks, all of which resemble the properties of 

AT 2017gfo. 
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Red	kilonova	
			M	~	0.03	Msun	
			v	~	0.1	c

Blue	kilonova		
			M	~	0.02	Msun	
			v	~	0.25c Too	fast		

as	post-merger	ejecta??

Too	massive	as	
dynamical	ejecta??

See	e.g.,	Metzger+18,	 
Waxman+18

What	is	the	origin	of	blue/red	kilonova?

Post-merger	ejecta		
Inside	of	dynamical	ejecta	
(less	dynamical	ejecta	 
near	the	pole)

Blue	(lanthanide-free)

Red	(lanthanide-rich)

ref)	Masaomi’s	slide
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※radia'on	transfer	effect	among	the	mul'ple	ejecta	components	would	change	the	ejecta	mass	es'ma'on



Gamma ray burst?

• Gamma ray signal was detected 1.7s aner the GW trigger  
…however, not typical short hard GRB? 

• Superluminal moDon of the radio counterpart  
→ existence of  a relaDvisDc jet
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Figure 2. The joint, multimessenger detection of GW170817 and GRB 170817A. Top: The summed GBM lightcurve for
sodium iodide (NaI) detectors 1, 2, and 5 for GRB 170817A between 10 and 50 keV, matching the 100 ms time bins of SPI-ACS
data. The background estimate from Goldstein et al. (2016) is overlaid in red. Second: The same as the top panel but in the
50–300 keV energy range. Third: The SPI-ACS lightcurve with the energy range starting approximately at 100 keV and with
a high energy limit of least 80 MeV. Bottom: The time-frequency map of GW170817 was obtained by coherently combining
LIGO-Hanford and LIGO-Livingston data. All times here are referenced to the GW170817 trigger time TGW

0 .

Figure 1: Proper motion of the radio counterpart of GW170817. The centroid offset posi-

tions (shown by 1� errorbars) and 3�-12� contours of the radio source detected 75 d (black)

and 230 d (red) post-merger with Very Long Baseline Interferometry (VLBI) at 4.5 GHz. The

two VLBI epochs have image RMS noise of 5.0 µJy beam�1 and 5.6 µJy beam�1 (natural-

weighting) respectively, and the peak flux densities of GW170817 are 58 µJy beam�1 and 48 µJy

beam�1 respectively. The radio source is consistent with being unresolved at both epochs. The

shape of the synthesized beam for the images from both epochs are shown as dotted ellipses to the

lower right corner. The proper motion vector of the radio source has a magnitude of 2.7± 0.3 mas

and a position angle of 86o ± 18o, over 155 d.

75	days
230	days

Ref:	LIGO/Virgo/Fermi/INTEGRAL		2017
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MulD-messenger Astronomy 

• The first opportunity of  
mul'-messenger	astronomy  
with the combinaDon GW and EM observaDon 

• Host galaxy + GW luminosity distance  
→ Hubble parameter 

• Time delay of Gamma ray observaDon: 
→ GW propagaDon speed  

• Tidal deformability + EM Constraint 
→ Tighter limit on the NS property  
(e.g. Radice & Dai  2018, Kiuchi et al. 2019)
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4.1. Speed of Gravity

Assuming a small di↵erence in travel time �t between
photons and GWs, and the known travel distance D, the
fractional speed di↵erence during the trip can be written
�v/vEM ⇡ vEM�t/D, where �v = vGW�vEM is the dif-
ference between the speed of gravity vGW and the speed
of light vEM. This relation is less constraining for small
distances, hence we conservatively use here D = 26Mpc,
the lower bound of the 90% credible interval on luminos-
ity distance derived from the GW signal (Abbott et al.
2017a). If we conservatively assume that the peak of the
GW signal and the first photons were emitted simulta-
neously, attributing the entire (+1.74 ± 0.05) s lag to
faster travel by the GW signal, this time di↵erence pro-
vides an upper bound on �v. To obtain a lower bound
on �v, one can assume that the two signals were emitted
at times di↵ering by more than (+1.74±0.05) s with the
faster EM signal making up some of the di↵erence. As
a conservative bound relative to the few second delays
discussed in Section 2.1, we assume the SGRB signal
was emitted 10 s after the GW signal. The resulting
constraint on the fractional speed di↵erence is

�3 ⇥ 10�15  �v

vEM

 +7 ⇥ 10�16 . (1)

The intergalactic medium dispersion has negligible im-
pact on the gamma-ray photon speed, with an expected
propagation delay many orders of magnitude smaller
than our errors on vGW.

Lags much longer than 10 s are proposed in alterna-
tive models (e.g., Ciolfi & Siegel 2015; Rezzolla & Ku-
mar 2015), and emission of photons before the merger
is also possible (Tsang et al. 2012). Hence, certain ex-
otic scenarios can extend this time di↵erence window to
(�100 s, 1000 s), yielding a 2 orders of magnitude broad-
ening of the allowed velocity range on either side. While
the emission times of the two messengers are inherently
model dependent, conservative assumptions yield dra-
matic improvements over existing indirect (Kostelecký
& Russell 2017) and direct (Cornish et al. 2017) con-
straints, which allow for time di↵erences of more than
1000 years. Future joint GW-GRB detection should al-
low disentangling the emission time di↵erence from the
relative propagation time, as only the latter is expected
to depend on distance.

4.2. Lorentz Invariance Violation Limits

Within a comprehensive e↵ective field theory descrip-
tion of Lorentz violation (Colladay & Kostelecký 1997;
Colladay & Kostelecký 1998; Kostelecký 2004; Tasson
2014), the relative group velocity of GWs and EM waves,
is controlled by di↵erences in coe�cients for Lorentz vi-
olation in the gravitational sector and the photon sector

at each mass dimension d (Kostelecký & Mewes 2016,
2009; Kostelecký & Mewes 2008; Wei et al. 2017). We
focus here on the non-birefringent, non-dispersive limit
at mass dimension d = 4, as it yields by far the most
impressive results. In this case, the di↵erence in group
velocities for the two sectors takes the form

�v = �
X

`m
`2

Y`m(n̂)
⇣

1

2
(�1)1+`s(4)

`m � c(4)

(I)`m

⌘
. (2)

The result is presented in a spherical harmonic, Y`m, ba-
sis, s(4)

`m and c(4)

(I)`m being spherical-basis coe�cients for
Lorentz violation in the gravitational and EM sectors,
respectively. The direction n̂ refers to the sky position
(provided in Coulter et al. 2017b,a).

For ease of comparison with the many existing sen-
sitivities (Shao 2014a,b; Shao et al. 2017; Kostelecký
& Tasson 2015; Bourgoin et al. 2016; Le Poncin-Lafitte
et al. 2016; Kostelecký & Russell 2017) to the d = 4
gravity-sector coe�cients (Bailey & Kostelecký 2006;
Hees et al. 2016), an analysis in which the coe�cients are
constrained one at a time is useful (Flowers et al. 2016),
with all other coe�cients, including the EM sector ones,
set to zero. These results are presented in Table 1 along
with the best constraints for each coe�cient prior to this
work. These results can be compared with the isotropic
A, ↵LV Lorentz violation parametrization (Mirshekari
et al. 2012) used by Abbott et al. (2017g) in dispersive
GW tests. The ↵LV = 2 limit of this parametrization
is equivalent to the isotropic limit of the framework dis-
cussed above, with s(4)

00
!

p
4⇡A. Constraints on A for

↵LV = 2 can be obtained from the first line of Table 1;
these cannot be established within the analysis carried
out in Abbott et al. (2017g).

4.3. Test of the Equivalence Principle

Probing whether EM radiation and GWs are a↵ected
by background gravitational potentials in the same way
is a test of the equivalence principle (Will 2014). One
way to achieve this is to use the Shapiro e↵ect (Shapiro
1964), which predicts that the propagation time of mass-
less particles in curved spacetime, i.e., through gravi-
tational fields, is slightly increased with respect to the
flat spacetime case. We will consider the following sim-
ple parametrized form of the Shapiro delay (Krauss &
Tremaine 1988; Longo 1988; Gao et al. 2015; Kahya &
Desai 2016):

�tS = �1 + �

c3

Z ro

re

U(r(l))dl, (3)

where re and ro denote emission and observation po-
sitions, respectively, U(r) is the gravitational poten-
tial, and the integral is computed along the wave path.

3

The measurement of the GW polarization is cru-
cial for inferring the binary inclination. This in-
clination, ◆, is defined as the angle between the
line of sight vector from the source to the detec-
tor and the orbital angular momentum vector of
the binary system. For electromagnetic (EM) phe-
nomena it is typically not possible to tell whether a
system is orbiting clockwise or counter-clockwise
(or, equivalently, face-on or face-off), and sources
are therefore usually characterized by a viewing
angle: min (◆, 180� � ◆). By contrast, GW mea-
surements can identify the sense of the rotation,
and thus ◆ ranges from 0 (counter-clockwise) to
180 deg (clockwise). Previous GW detections by
LIGO had large uncertainties in luminosity dis-
tance and inclination (Abbott et al. 2016a) because
the two LIGO detectors that were involved are
nearly co-aligned, preventing a precise polariza-
tion measurement. In the present case, thanks to
Virgo as an additional detector, the cosine of the
inclination can be constrained at 68.3% (1�) con-
fidence to the range [�1.00,�0.81] corresponding
to inclination angles between [144, 180] deg. This
implies that the plane of the binary orbit is almost,
but not quite, perpendicular to our line of sight
to the source (◆ ⇡ 180 deg), which is consistent
with the observation of a coincident GRB (LVC,
GBM, & INTEGRAL 2017 in prep.; Goldstein et
al. 2017, ApJL, submitted; Savchenko et al. 2017,
ApJL, submitted). We report inferences on cos ◆
because our prior for it is flat, so the posterior is
proportional to the marginal likelihood for it from
the GW observations.

EM follow-up of the GW sky localization re-
gion (Abbott et al. 2017c) discovered an opti-
cal transient (Coulter et al. 2017; Soares-Santos
et al. 2017; Valenti et al. 2017; Arcavi et al. 2017;
Tanvir et al. 2017; Lipunov et al. 2017) in close
proximity to the galaxy NGC 4993. The location
of the transient was previously observed by the
Distance Less Than 40 Mpc (DLT40) survey on
2017 July 27.99 UT and no sources were found
(Valenti et al. 2017). We estimate the probability

Figure 1. GW170817 measurement of H0. Marginal-
ized posterior density for H0 (blue curve). Constraints
at 1- and 2� from Planck (Planck Collaboration et al.
2016) and SHoES (Riess et al. 2016) are shown in
green and orange. The maximum a posteriori value
and minimal 68.3% credible interval from this PDF is
H0 = 70.0+12.0

�8.0 km s�1Mpc�1. The 68.3% (1�) and
95.4% (2�) minimal credible intervals are indicated by
dashed and dotted lines.

of a random chance association between the opti-
cal counterpart and NGC 4993 to be 0.004% (see
the Methods section for details). In what follows
we assume that the optical counterpart is associ-
ated with GW170817, and that this source resides
in NGC 4993.

To compute H0 we need to estimate the back-
ground Hubble flow velocity at the position of
NGC 4993. In the traditional electromagnetic cal-
ibration of the cosmic “distance ladder” (Freed-
man et al. 2001), this step is commonly carried
out using secondary distance indicator informa-
tion, such as the Tully-Fisher relation (Sakai et al.
2000), which allows one to infer the background
Hubble flow velocity in the local Universe scaled
back from more distant secondary indicators cal-
ibrated in quiet Hubble flow. We do not adopt
this approach here, however, in order to preserve
more fully the independence of our results from
the electromagnetic distance ladder. Instead we
estimate the Hubble flow velocity at the position

Ref:	LIGO/Virgo		2017
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2 David Radice, Liang Dai: Multimessenger Parameter Estimation of GW170817

Mdet = (1+ z) (M1 M2)3/5/(M1 +M2)1/5 is the detector-
frame chirp mass, q = M2/M1  1 is the binary mass
ratio, �e↵ = (M1�1z + M2�2z)/(M1 + M2) and �a =
(�1z � �2z)/2 are the parameters describing spin com-
ponents aligned with the binary orbital angular momen-
tum, and tc,1 and tc,2 are the arrival times at Livingston
and at Hanford, respectively. Not aiming to measure the
source’s orientation and its sky position, we independently
maximize the likelihood at each detector with respect to
a constant wave phase and an amplitude normalization,
and we assume that tc,1 and tc,2 can be independently ad-
justed. This approximation greatly simplifies the param-
eter estimation by reducing the number of parameters.
Since GW170817 has a high matched filtering signal-to-
noise ratio (SNR), this simplification does not bias the
maximum-likelihood values of the parameters but only
leads to percent-level increase of their uncertainties [51].

Assuming GW and EM data to be independent, we
can write the joint GW and EM likelihood as the product
of the separate likelihoods, namely

P
⇥
{dGW, dEM}|✓

⇤
= P [dGW|✓] P [dEM|✓], (1)

where dGW and dEM denote the GW and EM data, re-
spectively.

We compute the first factor with the relative binning
method [52, 53]. We use the noise-subtracted LIGO data
release1 of GW170817 and include frequencies in the range
[23, 1000] Hz. The exclusion of higher frequency GW data
results in a slightly broader posterior of ⇤̃ whose support
also extends to somewhat larger values, as discussed in
detail in Ref. [53]. It is important, however, to remark that
the two NSs first touch when the GW frequency is between
1.0 kHz and 1.5 kHz [54]. It is thus not clear whether or not
current waveform models, which are typically constructed
by adding tidal corrections to point particle models, are
reliable past 1 kHz, e.g., Ref. [55]. Consequently, to be
conservative, we restrict our analysis to the part of the
GW signal below frequency of 1 kHz, which is theoretically
well understood. We use the phenomenological waveform
model IMRPhenomD NRTidal implemented in LALSuite.

We follow Ref. [2] for the choice of priors. Both com-
ponent masses have flat priors in the range [0.5, 7.7] M�.
The two dimensionless spin vectors have their moduli uni-
formly distributed in [0, 0.89] and have isotropic orienta-
tions. Their aligned components are then extracted and
used to evaluate the non-precessing waveform model
IMRPhenomD NRTidal.

Following the prescription of Ref. [24], we relate the
component tidal deformability parameters through ⇤1 =
⇤s q3 and ⇤2 = ⇤s/q3, where ⇤s is assigned a uniform
prior within [0, 5000]. This implicitly assumes that the
radii of the two NS are identical, which is a reasonable
approximation if no first-order phase transition occurs in
matter at densities intermediate between those achieved
in the secondary and in the primary NS. The error in-
troduced assuming that the NSs have a common radius

1 In the noise-substracted data release, the glitch that hap-
pened to overlap with GW170817 in the Livingston strain has
been removed by the LIGO/Virgo collaboration.
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Fig. 1. Remnant disk mass as a function of the tidal deforma-
bility parameter ⇤̃. The data points show the results from our
simulations, while the dashed line shows the fit in the form of
Eq. (3). The gray shaded region in the lower panel shows the
uncertainty � we use in Eq. (4). We find that disk formation
is suppressed in the case of prompt BH formation.

is much smaller than current statistical errors [24]. This
choice is also consistent with the use of data from our
simulations not accounting for the possibility of first or-
der phase transitions in dense matter. Finally, we exclude
⇤̃ > 5000 which is unreasonable with any plausible EOS.

Current models of the EM signal are not yet su�-
ciently advanced to follow the same procedure as for the
GW data. However, extant light curve models indicate
that 0.02�0.05 M� of material with a broad distribution
in electron fraction and asymptotic velocity of ⇠0.1 c is
needed to explain the observations [17,19–21,23]. Because
of their properties, these ejecta are thought to originate
from winds launched from the remnant accretion disk af-
ter merger, e.g., Ref. [56]. Long term simulations of post-
merger disks indicate that these winds can entrain 10�40 %
of the total disk mass [22, 57–74]. Consequently, we can
conservatively estimate that a disk of at least 0.04 M�
should have formed in GW170817. Accordingly, we ap-
proximate the EM likelihood as

P [dEM|✓] ' P [Mdisk(✓) > 0.04 M�]. (2)

We have performed numerical relativity simulations of
merging NS using the WhiskyTHC code [75–77]. We consid-
ered 29 binaries, including both equal and unequal mass
configurations and 4 temperature and composition depen-
dent nuclear EOSs: the DD2 EOS [78, 79], the BHB⇤�
EOS [80], the LS220 EOS [81], and the SFHo EOS [82].
The simulations included temperature and compositional
changes due to the emission of neutrinos using a leakage
scheme [83]. A detailed account of the numerical results is
given in Refs. [46, 49, 73].

The simulation data suggest that the remnant disk
masses can be related to the tidal deformability param-

�v = vGW � vEM
<latexit sha1_base64="2V5Q0UxgalilCVaroka4NJJOYes="></latexit>



GW170817:Further constraints on  
Λ/Radius/Maximum mass

• Analysis of GW data with further assumpDons 

• Lower limit on the NS Ddal deformability / radius  
based on EM observaDon 

• Upper limit on the maximum mass  
based on EM observaDon



Analysis of GW data with further 
assumpDons

• Tighter constraints on  
the NS Ddal deformability and radius  
are obtained by considering  

• the same NS EoS for two objects  
 (c.f. twin stars) 

• current lower limit for the NS maximum mass 
(Mmax > 1.97 Msun : Antoniadis et al. 2013) 
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directly in an EOS parameter space. We sample uni-
formly in all EOS parameters within the following ranges:
�0 2 [0.2, 2], �1 2 [�1.6, 1.7], �2 2 [�0.6, 0.6], and
�3 2 [�0.02, 0.02] and additionally impose that the adi-
abatic index �(p) 2 [0.6, 4.5]. This choice of prior
ranges for the EOS parameters was chosen such that our
parametrization encompasses a wide range of candidate
EOSs [110]. Then for each sample, the four EOS pa-
rameters and the masses are mapped to a (⇤1,⇤2) pair
through the Tolman-Oppenheimer-Volkoff (TOV) equa-
tions describing the equilibrium configuration of a spher-
ical star [119]. The two tidal deformabilities are then used
to compute the waveform template.

Sampling directly in the EOS parameter space allows for
certain prior constraints to be conveniently incorporated in
the analysis. In our analysis, we impose the following cri-
teria on all EOS and mass samples: (i) causality, the speed
of sound in the NS must be less than the speed of light (plus
10% to allow for imperfect parameterization) up to the cen-
tral pressure of the heaviest star supported by the EOS; (ii)
internal consistency, the EOS must support the proposed
masses of each component; and (iii) observational consis-
tency, the EOS must have a maximum mass at least as high
as previously observed NS masses, specifically 1.97M�.
Another condition the EOS must obey is that of thermody-
namic stability; the EOS must be monotonically increasing
(d✏/dp > 0). This condition is built into the parametriza-
tion [110], so we do not need to explicitly impose it.

RESULTS

We begin by demonstrating the improvement in the mea-
surement of the tidal deformability parameters due to im-
posing a common but unknown EOS for the two NSs. In
Fig. 1 we show the marginalized joint posterior PDF for
the individual tidal deformabilities. We show results from
our analysis using the ⇤a(⇤s, q) relation in green and the
parametrized EOS without a maximum mass constraint in
blue. These are compared to results from [52], where the
two tidal deformability parameters are sampled indepen-
dently, in orange. The shaded region marks the ⇤2 < ⇤1

region that is naturally excluded when a common realis-
tic EOS is assumed, but is not excluded from the analysis
of [52]. In both cases imposing a common EOS leads to
a smaller uncertainty in the tidal deformability measure-
ment. The area of the 90% credible region for the ⇤1–⇤2

posterior shrinks by a factor of ⇠ 3, which is consistent
with the results of [106] for soft EOSs and NSs with simi-
lar masses. The tidal deformability of a 1.4M� NS can be
estimated through a linear expansion of ⇤(m)m5 around
1.4M� as in [5, 48, 120] to be ⇤1.4 = 190+390

�120
at the 90%

level when a common EOS is imposed (here and through-
out this paper we quote symmetric credible intervals). Our
results suggest that “soft” EOSs such as APR4, which pre-
dict smaller values of the tidal deformability parameter, are

favored over “stiff” EOSs such as H4 or MS1, which pre-
dict larger values of the tidal deformability parameter and
lie outside the 90% credible region.
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FIG. 1. Marginalized posterior for the tidal deformabilities of the
two binary components of GW170817. The green shading shows
the posterior obtained using the ⇤a(⇤s, q) EOS-insensitive re-
lation to impose a common EOS for the two bodies, while the
green, blue, and orange lines denote 50% (dashed) and 90%
(solid) credible levels for the posteriors obtained using EOS-
insensitive relations, a parameterized EOS without a maximum
mass requirement, and independent EOSs (taken from [52]), re-
spectively. The grey shading corresponds to the unphysical re-
gion ⇤2 < ⇤1 while the seven black scatter regions give the
tidal parameters predicted by characteristic EOS models for this
event [113, 115, 121–125].

We next explore what inferences we can make about the
structure of NSs. We do this using the spectral EOS pa-
rameterization described above in combination with the re-
quirement that the EOS must support NSs up to at least
1.97M�, a conservative estimate based on the heaviest
known pulsar [65]. From this we obtain a posterior for
the NS interior pressure as a function of rest-mass density.
The result is shown in Fig. 2, along with predictions of
the pressure-density relationship from various EOS mod-
els. The pressure posterior is shifted from the 90% credible
prior region (marked by the orange lines) and towards the
soft floor of the parameterized family of EOS. This means
that the posterior is indicating more support for softer EOS
than the prior. The vertical lines denote the nuclear satu-
ration density and two more density values that are known
to approximately correlate with bulk macroscopic proper-
ties of NSs [19]. The pressure at twice (six times) the nu-
clear saturation density is measured to be 3.5+2.7

�1.7 ⇥ 1034

(9.0+7.9
�2.6 ⇥ 1035) dyn/cm2 at the 90% level.

The pressure posterior appears to show minor signs of a
bend above a density of ⇠ 5⇢nuc. Evidence of such behav-

Ref:	LIGO/Virgo		2018
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FIG. 3. The 90% credible region of the posterior probability for
the common radius R̂ and binary tidal deformability ⇤̃ with the
common EOS constraint for the three mass priors. The posteriors
for the individual parameters are shown with dotted lines at the
5%, 50% and 95% percentiles. The values of ⇤̃, and hence R̂
forbidden by causality have been excluded from the posteriors.

mon radius R̂ of the neutron stars in the binary. Our results
suggest a radius R̂ = 10.7+2.1

�1.6 ± 0.2 km (90% credible
interval, statistical and systematic errors) for the uniform
mass prior, R̂ = 10.9+2.1

�1.6±0.2 km for double neutron star
mass prior, and R̂ = 10.8+2.1

�1.6±0.2 km for the prior based
on all neutron star masses.

For the uniform mass prior, we computed the Bayes fac-
tor comparing a model with a prior ⇤s ⇠ U [0, 5000] to a
model with a prior ⇤s ⇠ U [0, 100]. We find log10(B) ⇠
1, suggesting that the data favors a model that includes
measurement of tidal deformability ⇤̃ & 100. However,
the evidences were calculated using thermodynamic inte-
gration of the MCMC chains [9]. We will investigate model
selection using, e.g., nested sampling [44] in a future work.

Finally, we note the post-Newtonian waveform family
used will result in systematic errors in our measurement of
the tidal deformability [45, 46]. However, this waveform
family allows a direct comparison to the results of Ref. [1].
Accurate modeling of the waveform is challenging, as the
errors in numerical simulations are comparable to the size
of the matter effects that we are trying to measure [47].
Waveform systematics and comparison of other waveform
models (e.g., [48]) will be investigated in a future work.

Discussion.—Using Bayesian parameter estimation, we
have measured the tidal deformability and common radius
of the neutron stars in GW170817. Table I summarizes
our findings. To compare to Ref. [1], which reports a 90%
upper limit on ⇤̃  800 under the assumption of a uni-
form prior on ⇤̃, we integrate the posterior for ⇤̃ to obtain
90% upper limits on ⇤̃. For the common EOS analyses,
these are 485, 521, and 516 for the uniform, double neu-

Mass prior ⇤̃ R̂ (km) B ⇤̃90%

Uniform 222+420
�138 10.7+2.1

�1.6 ± 0.2 369 < 485

Double neutron star 245+453
�151 10.9+2.1

�1.6 ± 0.2 125 < 521

Galactic neutron star 233+448
�144 10.8+2.1

�1.6 ± 0.2 612 < 516

TABLE I. Results from parameter estimation analyses using three
different mass prior choices with the common EOS constraint,
and applying the causal minimum constraint to ⇤(m). We show
90% credible intervals for ⇤̃, 90% credible intervals and system-
atic errors for R̂, Bayes factors B comparing our common EOS
to the unconstrained results, and the 90% upper limits on ⇤̃.

tron star, and Galactic neutron star component mass pri-
ors, respectively. We find that, in comparison to the un-
constrained analysis, the common EOS assumption signif-
icantly reduces the median value and 90% confidence up-
per bound of ⇤̃ by about 28% and 19%, respectively, for
all three mass priors. The difference between our common
EOS results for the three mass priors is consistent with the
physics of the gravitational waveform. At constant M, de-
creasing q causes the binary to inspiral more quickly [49].
At constant M and constant q, increasing ⇤̃ also causes the
binary to inspiral more quickly, so there is a mild degener-
acy between q and ⇤̃. The uniform mass prior allows the
largest range of mass ratios, so we can fit the data with a
larger q and smaller ⇤̃. The double neutron star mass prior
allows the smallest range of mass ratios, and so, a larger
⇤̃ is required to fit the data, with the Galactic neutron star
mass prior lying between these two cases.

Nevertheless, considering all analyses we performed
with different mass prior choices, we find a relatively ro-
bust measurement of the common neutron star radius with
a mean value hR̂i = 10.8 km bounded above by R̂ <

13.2 km and below by R̂ > 8.9 km. Nuclear theory and
experiment currently predict a somewhat smaller range by
2 km but with approximately the same centroid as our re-
sults [14, 50]. A minimum radius 10.5–11 km is strongly
supported by neutron matter theory [51–53], the unitary
gas [54], and most nuclear experiments [14, 50, 55]. The
only major nuclear experiment that could indicate radii
much larger than 13 km is the PREX neutron skin measure-
ment, but this has published error bars much larger than
previous analyses based on antiproton data, charge radii of
mirror nuclei, and dipole resonances. Our results are con-
sistent with photospheric radius expansion measurements
of x-ray binaries which obtain R ⇡ 10–12 km [12, 56, 57].
Reference [58] found from an analysis of five neutron stars
in quiescent low-mass x-ray binaries a common neutron
star radius 9.4 ± 1.2 km, but systematic effects includ-
ing uncertainties in interstellar absorption and the neutron
stars’ atmospheric compositions are large. Other analyses
have inferred 12± 0.7 [59] and 12.3± 1.8 km [60] for the
radii of 1.4M� quiescent sources.

We have found that the relation q
7.48

< ⇤1/⇤2 < q
5.76,

in fact, completely bounds the uncertainty for the range of

Ref:	De	et	al.		2018
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FIG. 3. Marginalized posterior for the mass m and areal radius R of each binary component using EOS-insensitive relations (left panel)
and a parametrized EOS where we impose a lower limit on the maximum mass of 1.97M� (right panel). The top blue (bottom orange)
posterior corresponds to the heavier (lighter) NS. Example mass-radius curves for selected EOSs are overplotted in grey. The lines in
the top left denote the Schwarzschild BH (R = 2m) and Buchdahl (R = 9m/4) limits. In the one-dimensional plots, solid lines are
used for the posteriors, while dashed lines are used for the corresponding parameter priors. Dotted vertical lines are used for the bounds
of the 90% credible intervals.

ence [63] arrives at a similar conclusion using our ⇤̃ < 800
constraint [5] (though see [52] for an amended ⇤̃ bound)
and the observation that ⇤̃ is almost insensitive to the bi-
nary mass ratio [99]. Our improved estimate of ⇤1.4 =
190+390

�120
, and R1 = 10.8+2.0

�1.7 km and R2 = 10.7+2.1
�1.5 km

for the EOS-insensitive-relation analysis is roughly consis-
tent with these estimates (see for example Fig. 1 of [62]
and [58]). If we additionally enforce the heaviest ob-
served pulsar to be supported by placing direct constraints
on the EOS parameter space, we get further improvement
in the radius measurement, with R1 = 11.9+1.4

�1.4 km and
R2 = 11.9+1.4

�1.4 km.

A recent analysis of the GW170817 data was performed
in De et al. [53] using the TaylorF2 model, imposing that
the two NSs have the same radii which, under the addi-
tional assumption that ⇤ / C�6 (an alternative to the ⇤–
C relation used here [104]), directly relates the two tidal
deformabilities as ⇤1 = q6⇤2. De et al. constrain the
common NS radius to a 90% credible interval 8.7 km <
R̂ < 14.1 km, corresponding to a width of 5.4 km, which
is wider than the uncertainties on radii presented in this pa-
per by a factor of about two. There are differences in sev-
eral details of the set-up of the two analyses (most notably,
frequency range, data calibration, the noise PSD estima-
tion, waveform model, parameter priors, assumed relations
between radii and ⇤s and treatment of corresponding un-
certainties), each of which may be responsible for part of

the observed discrepancies. The analysis of De et al. re-
produces the initial tidal deformability results of Abbott
et al. [5], but improvements detailed in [52] and used in this
work improved our tidal constraints by ⇠ 10-20%. Here,
in contrast to De et al, we found that enforcing a common
EOS additionally restricts the recovered tidal parameters,
as shown in Fig 1. We note, however, that while our re-
sulting posteriors for the two NS radii are similar to each
other, a fraction of the posterior samples gives pairs with
significantly different NS radii, up to |R1 � R2| ⇠ 2 km.
Therefore, the De et al. analysis makes considerably dif-
ferent assumptions when enforcing a common EOS than
us.

Our results, and specifically the lower radius limit,
do not constitute observational proof of tidal effects in
GW170817, as our analysis has explicitly assumed that the
coalescing bodies were NSs both in terms of their spins
and tidal deformabilities. In particular, the spins are re-
stricted to small values typical for galactic NSs in binaries,
and the tidal deformabilites are calculated consistently as-
suming a common typical NS EoS. Moreover, the ⇤–C
map diverges as ⇤ approaches zero (BH), and therefore
the lower bounds obtained for the radii do not imply lower
bounds on the tidal deformabilities. Meanwhile, the analy-
sis of [52] assumes independent tidal parameters and finds
a lower bound on ⇤̃ only under the small-spin assumption
but not if spins larger than 0.05 are allowed.

The detection of GW170817 has opened new avenues in

⇤̃ = 222+420
�138

<latexit sha1_base64="PB/Ejl8HzSbkvpZu4xUCunt3at8="></latexit>

⇤1.4 = 190+390
�120
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Mdet = (1+ z) (M1 M2)3/5/(M1 +M2)1/5 is the detector-
frame chirp mass, q = M2/M1  1 is the binary mass
ratio, �e↵ = (M1�1z + M2�2z)/(M1 + M2) and �a =
(�1z � �2z)/2 are the parameters describing spin com-
ponents aligned with the binary orbital angular momen-
tum, and tc,1 and tc,2 are the arrival times at Livingston
and at Hanford, respectively. Not aiming to measure the
source’s orientation and its sky position, we independently
maximize the likelihood at each detector with respect to
a constant wave phase and an amplitude normalization,
and we assume that tc,1 and tc,2 can be independently ad-
justed. This approximation greatly simplifies the param-
eter estimation by reducing the number of parameters.
Since GW170817 has a high matched filtering signal-to-
noise ratio (SNR), this simplification does not bias the
maximum-likelihood values of the parameters but only
leads to percent-level increase of their uncertainties [51].

Assuming GW and EM data to be independent, we
can write the joint GW and EM likelihood as the product
of the separate likelihoods, namely

P
⇥
{dGW, dEM}|✓

⇤
= P [dGW|✓] P [dEM|✓], (1)

where dGW and dEM denote the GW and EM data, re-
spectively.

We compute the first factor with the relative binning
method [52, 53]. We use the noise-subtracted LIGO data
release1 of GW170817 and include frequencies in the range
[23, 1000] Hz. The exclusion of higher frequency GW data
results in a slightly broader posterior of ⇤̃ whose support
also extends to somewhat larger values, as discussed in
detail in Ref. [53]. It is important, however, to remark that
the two NSs first touch when the GW frequency is between
1.0 kHz and 1.5 kHz [54]. It is thus not clear whether or not
current waveform models, which are typically constructed
by adding tidal corrections to point particle models, are
reliable past 1 kHz, e.g., Ref. [55]. Consequently, to be
conservative, we restrict our analysis to the part of the
GW signal below frequency of 1 kHz, which is theoretically
well understood. We use the phenomenological waveform
model IMRPhenomD NRTidal implemented in LALSuite.

We follow Ref. [2] for the choice of priors. Both com-
ponent masses have flat priors in the range [0.5, 7.7] M�.
The two dimensionless spin vectors have their moduli uni-
formly distributed in [0, 0.89] and have isotropic orienta-
tions. Their aligned components are then extracted and
used to evaluate the non-precessing waveform model
IMRPhenomD NRTidal.

Following the prescription of Ref. [24], we relate the
component tidal deformability parameters through ⇤1 =
⇤s q3 and ⇤2 = ⇤s/q3, where ⇤s is assigned a uniform
prior within [0, 5000]. This implicitly assumes that the
radii of the two NS are identical, which is a reasonable
approximation if no first-order phase transition occurs in
matter at densities intermediate between those achieved
in the secondary and in the primary NS. The error in-
troduced assuming that the NSs have a common radius

1 In the noise-substracted data release, the glitch that hap-
pened to overlap with GW170817 in the Livingston strain has
been removed by the LIGO/Virgo collaboration.
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Fig. 1. Remnant disk mass as a function of the tidal deforma-
bility parameter ⇤̃. The data points show the results from our
simulations, while the dashed line shows the fit in the form of
Eq. (3). The gray shaded region in the lower panel shows the
uncertainty � we use in Eq. (4). We find that disk formation
is suppressed in the case of prompt BH formation.

is much smaller than current statistical errors [24]. This
choice is also consistent with the use of data from our
simulations not accounting for the possibility of first or-
der phase transitions in dense matter. Finally, we exclude
⇤̃ > 5000 which is unreasonable with any plausible EOS.

Current models of the EM signal are not yet su�-
ciently advanced to follow the same procedure as for the
GW data. However, extant light curve models indicate
that 0.02�0.05 M� of material with a broad distribution
in electron fraction and asymptotic velocity of ⇠0.1 c is
needed to explain the observations [17,19–21,23]. Because
of their properties, these ejecta are thought to originate
from winds launched from the remnant accretion disk af-
ter merger, e.g., Ref. [56]. Long term simulations of post-
merger disks indicate that these winds can entrain 10�40 %
of the total disk mass [22, 57–74]. Consequently, we can
conservatively estimate that a disk of at least 0.04 M�
should have formed in GW170817. Accordingly, we ap-
proximate the EM likelihood as

P [dEM|✓] ' P [Mdisk(✓) > 0.04 M�]. (2)

We have performed numerical relativity simulations of
merging NS using the WhiskyTHC code [75–77]. We consid-
ered 29 binaries, including both equal and unequal mass
configurations and 4 temperature and composition depen-
dent nuclear EOSs: the DD2 EOS [78, 79], the BHB⇤�
EOS [80], the LS220 EOS [81], and the SFHo EOS [82].
The simulations included temperature and compositional
changes due to the emission of neutrinos using a leakage
scheme [83]. A detailed account of the numerical results is
given in Refs. [46, 49, 73].

The simulation data suggest that the remnant disk
masses can be related to the tidal deformability param-

4 Bauswein et al.

The lower bound of Mthres given by the measured total
mass of GW170817 is shown as dark blue band. The
radius Rmax of the nonrotating maximum-mass NS is
thus constrained to be larger than 9.26+0.17

�0.03 km.
Instead of using Eq. (1) it may be more realistic to

assume that the remnant was stable for at least 10 mil-
liseconds to yield the observed ejecta properties (high
masses, blue component) (Margalit & Metzger 2017;
Nicholl et al. 2017; Cowperthwaite et al. 2017). In this
case our numerical simulations suggest that Mthres �
Mtot � 0.1 M�. This strengthens the radius constraints
to R1.6 � 10.68+0.15

�0.04 km and Rmax � 9.60+0.14
�0.03 km.

Figure 2 shows these radius constraints overlaid on
mass-radius relations of di↵erent EoSs available in the
literature. Our new radius constraints for R1.6 and Rmax

derived from GW170817 exclude EoS models describing
very soft nuclear matter. For the three EoSs excluded by
our “realistic” constraint in Fig. 2, e.g. the softest EoS
in Hebeler et al. (2013), we crosschecked that numeri-
cal simulations with the binary masses of GW170817 do
indeed result in a prompt collapse.
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Figure 2. Mass-radius relations of di↵erent EoSs with
very conservative (red area) and “realistic” (cyan area) con-
straints of this work for R1.6 and Rmax. Horizontal lines
display the limit by Antoniadis & et al. (2013). The dashed
line shows the causality limit.

3.3. Discussion: robustness and errors

We took an overall conservative approach in this first
study. Future refinements may strengthen these con-
straints. Our way of inferring NS radii is particularly
appealing and robust because it only relies on (1) a
well measured quantity (total binary mass with reli-
able error bars), (2) a single verifiable empirical relation

(Eqs. (2) or (3)) derived from simulations, and (3) a
clearly defined working hypothesis (delayed/no collapse
of the merger remnant). All assumptions can be fur-
ther substantiated and refined by more advanced models
and future observations, and error bars can be robustly
quantified.

(1) Mass measurement: The total binary mass can
be measured with good accuracy and the error bars are
given with high confidence. We fully propagate the error
through our analysis using the low-spin prior results of
Abbott et al. (2017). If GW170817 was an asymmetric
merger as tentatively suggested by the high ejecta mass,
the true Mtot lies at the upper bound of the error band
and our radius constraints become stronger.

(2) Accuracy of empirical relations for Mthres: The
empirical relations (Eqs. (2) and (3)) are inferred from
hydrodynamical simulations (Bauswein et al. 2013a,
2016) and carry a systematic error1 and an intrinsic scat-
ter (stemming from the sample of candidate EoSs, which
do not perfectly fulfill the analytic fit). Mthres has been
numerically determined with a precision of ±0.05 M�.
Deviations between fits and numerical data are on aver-
age less than 0.03 M� and at most 0.075 M�

2. We do
not include this uncertainty in our error analysis because
the numerically determined Mthres of all tested micro-
physical candidate EoSs is significantly smaller than the
maximum of the Mthres(Mmax) sequence for the radius
given by the respective EoS3. Recall that the maxima
of the Mthres(Mmax) sequences are given by maximally
(unrealistically) sti↵ EoSs only constrained by causality.
We thus remain conservative by determining minimum
NS radii through the maxima of the sequences defined
by causality.

1 Simulations for determining Mthres and corresponding fits
employ a conformally flat spatial metric with a GW backreac-
tion scheme (Oechslin et al. 2007; Bauswein et al. 2013a), which
results in a slightly decelerated inspiral (compared to fully rela-
tivistic calculations) and thus leads to a slight overestimation of
Mthres by ⇠ 0.05 M�. We will quantify this e↵ect in future work
and emphasize that a small overestimation implies that our radius
constraints are conservative.

2 We computed Mthres for six additional EoSs not included
in Bauswein et al. (2013a) to verify this accuracy in particular for
EoS models yielding relatively small NS radii (as small as R1.6 =
10.37 km).

3 Within our sample of 17 candidate EoSs the true Mthres

is on average 0.17 M� (0.14 M� for the Rmax sequence) be-
low the maximum Mup

thres of the Mthres(Mmax, R) relation, which
well justifies to neglect the scatter in Eqs. (2) and (3). Three
EoSs (eosAU, WFF1, LS375) are relatively close to the maximum
(⇠ 0.02 M� below Mup

thres). However, these EoS models become
acausal (vsound > c), i.e. unrealistically sti↵, at densities of high-
mass merger remnants, which artificially increases Mthres. For
these EoSs we determined Mthres with a precision of ±0.025 M�.

Ref:	Bauswein	et	al.	2017 Ref:	Kiuchi	et	al.	2019
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Figure 3. X-shooter spectra (black lines) in units of
log10(ergs/s/A) at the available epochs (in units of days on
the far left) and one and two component model fits to the
spectra (Pian et al. 2017; Smartt et al. 2017). The shown
spectra correspond to a maximum likelihood �2 fit to the
data. Shaded regions correspond to an assumed 1mag error
budget. The gray shaded regions mark ignored regions due
to atmospheric transmission.

fits such as those from Dietrich & Ujevic (2017). In
this work, we improve on the fit of Dietrich & Ujevic
(2017), which connects the intrinsic binary parameters
with dynamical ejecta properties extracted from full 3D
numerical relativity simulations. We describe these new
fits in Appendix F.
This fit allows us to directly tie the measured ejecta

mass and velocity to properties of the binary, includ-
ing the mass ratio and equation of state. Based on this
fit and the numerical relativity simulations that underly
it, the total amount of dynamical numerical relativity
ejecta will be largest when the NS involved are not very
compact. Therefore, based on our estimates for the to-
tal amount of ejecta required to explain the kilonova
as reported in Table 1, we expect that a self-consistent
analysis of EM and GW data will disfavor NSs that are
too compact and hence allow us to constrain the nuclear
equation of state.
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Figure 4. Corner plot for the constraining the mass ra-
tio q, and tidal deformability ⇤̃ assuming a chirp mass of
Mc = 1.188M� and based on the ejecta estimated obtained
from the lightcurve fitting. We include estimates for the tidal
deformability for a set of possible EOSs as orange lines show-
ing that too soft EOSs are ruled out by our analysis. The
numbers represent the 90% limits on the parameters.

Incorporating information from gravitational-wave
parameter estimation, namely a chirp mass Mc of
Mc = 1.188M� (Abbott et al. 2017a) and an upper
limit on the tidal deformability of ⇤̃ . 640 4 we are able
to place constraints on the mass ratio and tidal deforma-
bility of the system. Fig. 4 summarizes our findings. We
find that the mass ratio of GW170817 is with 90% confi-
dence smaller than q . 1.38, while the 90% lower bound
on the tidal deformability is ⇤̃ & 197. This lower bound
shows that too compact EOSs such as WFF1 are dis-
favored, see Fig. 4. These results can be compared to
estimates obtained from a reanalysis of GW170817 (De
et al. 2018), which incorporates quasi-universal rela-
tions for the tidal deformability and obtains 90% lower
bounds on the tidal deformability ⇤̃ & 117 and 90%
upper bounds on the mass ratio q . 1.51. Our analy-
sis shows that even without the use of quasi-universal
relations tighter constraints on the binary parameters

4
The exact value of ⇤̃ . 640 arises from the fact that as

stated in Abbott et al. (2017a) an analysis of GW170817 with the

SEOBNRv4 ROM NRtidal waveform model Bohe et al. (2017);

Dietrich et al. (2017a, 2018) gives an 80% tighter bound than the

PN based TaylorF2 model for which ⇤̃ = 800 was stated.

Ref:	Coughlin	et	al.	2018

Revisiting the lower bound on tidal deformability derived by AT 2017gfo 5

Table 3
Dependence of the Fate of the Remnant, Mdyn, and Mdisk on �th

q ⇤̃ �th type Mdyn [M�] Mdisk [M�]
0.774 242 1.8 long 0.013 0.26

1.7 short 0.011 0.045
1.6 short 7.6⇥ 10�3 0.036
1.5 short 6.5⇥ 10�3 0.033

0.774 272 1.8 long 0.011 0.26
1.7 long 0.013 0.26
1.6 long 0.014 0.27
1.5 short 9.8⇥ 10�3 0.042

Note. — We specify the models by q(= 0.774) and ⇤̃ to be
compared with those shown in Table 1.

chance of ejecting 0.05M�,9 but also the mass asymme-
try of q = 0.774 does not save any model with ⇤̃ < 377.
On the other hand, if the maximum mass is as large as
2.1M�, many models produce long-lived remnants. Ac-
tually, all the asymmetric binaries considered here are
capable of explaining the luminosity of AT 2017gfo. The
lowest value of ⇤̃ of models that can eject 0.05M� is 242.
Figure 2 suggests that, if Mmax is larger than 2.1M�,
then the lower bound on ⇤̃ derived by AT 2017gfo may
become looser than that found in this study.
We also find that all the models with ⇤̃ > 400 are

capable of ejecting 0.05M� if 100% ejection e�ciency is
adopted. This is consistent with the findings of Radice
et al. (2018b).
The fate of the merger remnant depends on the

strength of the finite-temperature e↵ect for marginal
cases. For example, the lowest value of ⇤̃ that can ex-
plain the luminosity of AT 2017gfo is 242 in our models
if the fiducial �th = 1.8 is adopted, where the outcome
is a long-lived remnant. However, the remnant becomes
short lived for �th  1.7 because of the reduced ther-
mal pressure and fails to eject 0.05M�. This indicates
that the finite-temperature e↵ect must be moderately
strong for this model to account for AT 2017gfo. We
also find that the model with ⇤̃ = 272 results in the
long-lived remnant only when �th � 1.6, whereas the
short-lived remnant for a very small value of �th = 1.5
can eject 0.05M� if 100% e�ciency is assumed. The
results for them are summarized in Table 3. Although
our conclusion that binaries with ⇤̃ . 400 are capable of
explaining the luminosity of AT 2017gfo is unchanged,
these observations imply that accurate incorporation of
the finite-temperature e↵ect is also crucial to infer pre-
cise properties of the zero-temperature equation of state
from electromagnetic counterparts.

5. DISCUSSION

We conclude that the lower bound on binary tidal de-
formability is ⇤̃  242 if an ejection of 0.05M� is re-
quired. We speculate that lower values of ⇤̃ than this
could even be acceptable if we employ an equation of
state that supports a maximum mass larger than 2.1M�
and/or increase the degree of asymmetry. The precise
value of the threshold depends also on the strength of
the finite-temperature e↵ect, represented by �th in our
study.

9 A model with ⇤̃ = 508 can eject 0.05M� if the e�ciency
exceeds 77%.
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Figure 3. Disk mass vs. the binary tidal deformability. The
errorbars denote the typical relative error of a factor of two and
absolute error of 10�3M� (see Sec. 3). The values for the thresh-
old density of 1012 g cm�3 and 1011 g cm�3 are shown with small
symbols for long-lived remnants. We also show the fit derived in
Radice & Dai (2019). The correlation between Mdisk and ⇤̃ is not
significant in our models, and the applicability of the fit due to
Radice & Dai (2019) is very limited.

We also find that an asymmetric binary that results
in a no-bounce collapse can explain the luminosity of
AT 2017gfo, if moderately high ⇡ 60% ejection e�ciency
from the remnant is admitted. The lower bounds pro-
posed in Bauswein et al. (2017) are satisfied for the
equation of state of this model, with which the radii of
1.6M� and maximum-mass configurations are 10.93 and
9.66 km, respectively. However, our finding would poten-
tially invalidate the argument of Bauswein et al. (2017)
and its future application.
Our results indicate that the mass ratio is critically

important to derive reliable constraints on neutron star
properties from electromagnetic emission as also argued
in Radice et al. (2018b). If the binary turns out to be
symmetric, it is possible that ⇤̃ & 400 is necessary as
Radice et al. (2018b) originally proposed. Indeed, we
find no symmetric model with ⇤̃ < 377 that can eject
0.05M�. However, Fig. 3 shows that the mass asym-
metry significantly obscures the correlation between the
disk mass and binary tidal deformability, which is the ba-
sis of previous attempts to constrain ⇤̃ from AT 2017gfo.
In light of our results, fitting formulas adopted in Radice
& Dai (2019) and Coughlin et al. (2018b) have severe
systematic errors. Further investigation is required to
clarify precisely the e↵ect of asymmetry. Although the
mass ratio can be determined from gravitational-wave
data analysis, the degeneracy with the spin must be re-
solved to achieve high precision (Hannam et al. 2013).
The velocity and the composition can potentially be

used as additional information to examine binary mod-
els. Some previous work attempted to associate either
the blue or red component of AT 2017gfo to dynamical
ejecta to improve parameter estimation (Gao et al. 2017;

R1.6 < 10.68 km
<latexit sha1_base64="jvVaxAt2ibsLAiJTio385PoTp14="></latexit>

⇤̃ > 197
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Fig. 4.— Constraints on properties of the NS EOS — radius of
a 1.3M� NS, R1.3, and maximal non-rotating gravitational mass,
Mg

max — based on joint GW-EM observations of GW170817. Dif-
ferent EOS are represented as points, the color of which corre-
sponds to the consistency of the given EOS with observational
constraints. The similarly colored diagonal curves represent poly-
tropic EOSs of index n, while the grey shaded regions to the bot-
tom right are ruled out by the requirement of causality (see text).
Clearly, a low NS maximal mass is preferred due to constraints
ruling out SMNS formation. The background grey curve shows
the cumulative probability distribution function that the maxi-
mum mass Mg

max is less than a given value (see text), from which
we find Mg

max . 2.17M� at 90% confidence. The bottom panel
shows masses of observed Galactic NSs, from which a lower limit
on Mg

max can be placed (vertical dashed line).

Koranda et al. 1997) which is conservative since R1.3
is generally larger than the radius of a maximum mass
NS, Rmax. A tighter estimate of R1.3 � 3.1GMg

max/c
2

is therefore also shown (light shaded region). The back-
ground grey curve shows the cumulative probability dis-
tribution function that the maximum mass Mmax is less
than a given value. This was calculated by marginalizing
over the R1.3 axis and treating the consistency values as
points in a probability distribution function. We weight
EOS with Mg

max below 2.01M� by a Gaussian prior ac-
counting for consistency with the maximum measured
pulsar mass of 2.01 ± 0.04M� (Antoniadis et al. 2013).
Thus, we find Mg

max . 2.17M� at 90% confidence.

4. DISCUSSION

Several works have explored the potentially exotic EM
signals of BNS mergers in cases when a long-lived SMNS
or stable neutron star remnant is formed (Metzger et al.
2008b; Bucciantini et al. 2012; Yu et al. 2013; Metzger &
Bower 2014; Metzger & Piro 2014; Gao et al. 2016; Siegel
& Ciolfi 2016a,b). However, one of the biggest lessons
from GW170817 was the well-behaved nature of its EM
emission, under the simplest case of a relatively short-
lived HMNS remnant (Shibata & Taniguchi 2006), with
an o↵-axis afterglow (van Eerten & MacFadyen 2011)
and KN emission (Metzger et al. 2010) closely resembling
“vanilla” theoretical predictions.

Here we have made explicit the argument that the
BNS merger GW170817 formed a HMNS. In combination
with the GW-measured binary mass, this inferred out-
come places upper and lower limits on the maximum NS
mass. The lower limit on Mmax is not constraining com-
pared to those from well-measured pulsar masses, though
tighter constraints would be possible by the future detec-
tion of similar fast-expanding blue KN ejecta (indicating
HMNS formation) from a future BNS merger with a sim-
ilar observing inclination but higher binary mass than
GW170817. The lack of a luminous blue KN following
the short GRB050509b (Bloom et al. 2006; Metzger et al.
2010; Fong et al. 2017) may implicate a high mass binary
and prompt collapse for this event.2

On the other hand, our upper limits on Mmax .
2.17M� (90% confidence limit; Fig. 4) are more con-
straining than the previous weak upper limits from
causality, and less model-dependent than other methods
(e.g. Lasky et al. 2014; Lawrence et al. 2015; Fryer et al.
2015; Gao et al. 2016; Alsing et al. 2017). A low value
of Mmax has also been suggested based on Galactic NS
radius measurements (Özel et al. 2016; Özel & Freire
2016) and would be consistent with the relatively small
NS radius . 11 km inferred from modeling the blue KN
(Nicholl et al. 2017; Cowperthwaite et al. 2017). Further-
more, the lack of measurable tidal-e↵ects in the inspiral
of GW170817 similarly imply a small NS radius and thus
a low Mmax (LIGO Scientific Collaboration & Virgo Col-
laboration 2017). Upper limits onMmax will be improved
by the future discovery of EM emission from a merger
with a lower total mass than GW170817. Conversely, the
detection of a substantially brighter afterglow or faster
evolving KN emission could instead point to the forma-
tion of a long-lived SMNS or stable remnant. The NS
masses measured for GW170817 are broadly consistent
with being drawn from Galactic NS population, which is
well-fit by a Gaussian of mean µ = 1.32M� and standard
deviation � = 0.11M� (Kiziltan et al. 2013); this hints
that the HMNS formation inferred in GW170817 is likely
a common�if not the most frequent�outcome of a BNS
merger.
A simple analytic estimate of our result can be ob-

tained from Eq. (7), using the approximation Mb =
Mg + 0.075M2

g for the relation between baryonic and
gravitational masses (Timmes et al. 1996). From this
relation, the total baryonic binary mass is constrained,
Mb

rem . Mb
tot . 3.06M�. A typical value of ⇠ ⇡ 1.18

then implies that

Mg
max .

p
1 + 0.3Mb

rem/⇠ � 1

0.15
. 2.2M�, (8)

in agreement with our more elaborately calculated result.
We stress that the calculation above is intended only as
an approximate analytic estimate, and that we do not
use the Timmes et al. (1996) relation nor do we assume
a universal value for ⇠ in our complete analysis (§ 3).
Our approach di↵ers in several respects from simi-

lar works constraining Mmax (e.g. Lawrence et al. 2015;

2 A prompt collapse might also be consistent with the low mea-
sured gamma-ray fluence of GRB050509b, because the mass of
the remnant accretion torus responsible for powering the GRB jet
would also be lower for a prompt collapse than if a HMNS had
formed.

Ref:	Margalit	&	Metzger		2017
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FIG. 3.— Maximum-mass constraints MTOV (blue lines) as a function
of the observed gravitational mass of the BMP Mg and of the inferred blue
ejected mass Mej as obtained from (6). The dashed lines refer to conservative
error estimates of the disk mass of the merger product (Hanauske et al. 2017).
Shown in red is the 90% credibility interval of Mg (Abbott et al. 2017b),
with the red line denoting the most probable value from GW 170817. The
transparency of this area reflects the probability distribution of Mej.

where � = 1.20+0.02
�0.02 (Breu & Rezzolla 2016) and Mg =

⌘�1Mb = 2.74+0.04
�0.01, which is consistent with low-spin pri-

ors (Abbott et al. 2017b).
The assumption that the core collapses exactly at the max-

imum mass-shedding limit, i.e., � ' 1.2, brings in an error
that needs to be accounted for, by considering a lower value
for � (Equation (12) in Breu & Rezzolla (2016)). We thus set
the lower bound to � = 1.15, corresponding to a star close to,
but not at the maximum mass-shedding limit.

Hanauske et al. (2017) have found that the mass frac-
tion of the core after dynamical mass ejection is roughly
⇠ = 0.95+0.06

�0.06 [see table II in Hanauske et al. (2017)]. The
mass of the ejecta from the core is harder to estimate but, us-
ing standard kilonova models (Metzger 2017b; Shibata et al.
2017), it is reasonable to associate them with the blue ejecta
Mblue

ej
= 0.014+0.010

�0.010 (Cowperthwaite et al. 2017; Drout et al.
2017), where we have assumed a conservative kilonova model
dependent error that we use as 2� for assigning a Gaussian
probability distribution to the blue ejecta.

The resulting fit for MTOV is shown in Fig. 3, where the
dashed lines refer to errors in ⇠ and the red shaded region is
modeled with a Gaussian distribution taking into account the
errors of Mej. This region is framed by the 90% credibility
levels of the binary mass (Abbott et al. 2017b).

In summary, collecting all available information, we con-
clude that the maximum mass that can be supported against
gravity by a compact nonrotating star is in the range

2.01+0.04
+0.04 < MTOV/M� < 2.16+0.17

�0.15 , (7)

where the lower limit in the range (7) is actually derived from
accurate observations of massive pulsars in binary systems
(Antoniadis et al. 2013).

The error corresponds to twice the standard deviation (⇠
90% confidence) computed with standard error propagation,
where the asymmetric errors in Mg and � are taken into ac-
count by computing the standard deviation for the upper and
lower limit separately. Clearly, values close to the upper and
lower limits are unlikely, given the fact that not all the values
of Mg and Mej are equally likely (compare to the red shaded

area).
Note the interesting general trend shown by the maximum

mass in Fig. 3: the estimates for MTOV grow systematically
with increasingly massive binary systems and with decreas-
ing ejected masses (compare to the shading from light to dark
blue). Hence, future detections of merging binary systems
with masses smaller than that of GW 170817 will help set
even tighter constraints on the maximum mass MTOV.

5. CONCLUSIONS

We have combined the recent GW observations of merg-
ing systems of binary neutron stars via the event GW 170817
with a quasi-universal relation between the maximum mass
of nonrotating stellar models MTOV and the maximum mass
that can be supported through uniform rotation to set new and
tighter constraints on MTOV.

Our estimate follows a simple line of arguments and is
based on a single and reasonable assumption that the prod-
uct of the merger measured with GW170817 has collapsed
to a rotating black hole when it had reached a mass close to
the maximum mass for SMNS models. In this way, we can
exploit quasi-universal relations to deduce that the maximum
mass for nonrotating stellar configurations should be in the
range 2.012.01+0.04

�0.04  MTOV/M� . 2.16+0.17
�0.15. We note

that it is, in principle, possible to constrain the lower limit
for MTOV also with a quasi-universal relation on the maxi-
mum mass of a neutron star in differential rotation (Weih et al.
2018).

A few remarks before concluding. First, a much more con-
servative upper limit MTOV can be set uniquely assuming
that the maximum nonrotating mass MTOV cannot be smaller
than the mass in the uniformly rotating core Mcore. Tak-
ing into account the amount of mass ejected and the con-
version between baryon and gravitational mass, this yields
MTOV/M� . 2.59. Second, our predictions are compat-
ible with those recently presented by Shibata et al. (2017);
Margalit & Metzger (2017), sharing a number of similar con-
siderations with the latter. However, differently from these
other works, we have not employed a simple correlation be-
tween the maximum mass-shedding mass and the maximum
nonrotating mass, or fitting formulas stemming from numer-
ical simulations whose error budget is uncertain (Bauswein
et al. 2013), nor have we relied on direct comparisons with
numerical-relativity simulations for the electromagnetic emis-
sion. Rather, using basic arguments from kilonova model-
ing (Cowperthwaite et al. 2017), we have exploited the power
of universal relations for the maximum mass that are valid
for any value of the specific angular momentum (Breu &
Rezzolla 2016). Third, the results presented here already
have a direct impact on some of the EOSs describing mat-
ter at nuclear densities (see, e.g., Oertel et al. (2017) for a
recent review). For instance, a popular EOS routinely em-
ployed in numerical-relativity calculations such as the DD2
EOS (Typel et al. 2010), violates the constraint (7) since it
has MTOV = 2.419M�; at the same time, EOSs with hyper-
ons, e.g., BHB⇤� (Banik et al. 2014) and DD2Y (Marques
et al. 2017), have maximum masses . 2.1M� and there-
fore seem favoured (Richers et al. 2017). Finally, we note
that the procedure outlined here and the use of stacking tech-
niques, as those developed in the analysis of the GW signal
of BNSs (Del Pozzo et al. 2013; Agathos et al. 2015; Clark
et al. 2016; Bose et al. 2017), can be employed in the future
as the results of new detections become available to set new
and tighter constraints on the maximum mass. New obser-

Ref:	Rezzolla	et	al.	2018
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FIG. 3. Relation between f0/fMS and Mmax for marginally-stable rigidly-rotating neutron stars with several equations of
state listed in Table I. The lower and upper ends of each uncertainty range correspond to J = 0 and J = Jmax, respectively.
The numbers attached in each data denote the model equations of state. The tilted lines show the relation of Eq. (2.17) for
fr = 1.20, 1.18, 1.16, · · · , 1.04, 1.02, and 1.00 (from left to right) with (Mout +Meje)/fMS = 0.04M⊙ (left panel) and 0.08M⊙

(right panel) and with M = 2.74M⊙. The thick lines are for fr = 1.20, 1.10, and 1.00.

Here the variation in η by ±0.003 systematically changes
the values of EGW,p and Eν only by at most ±0.007M⊙

and ∓0.007M⊙. Hence, we only show the results with
η = 0.247. Since the dependence of Jout + Jeje on Rout

is not very strong (compared with the dependence on
Mout + Meje), we fix Rout to be 140km. On the other
hand, Mout + Meje has a strong effect on the solution.
Thus, we vary it in a wide range (e.g., see Fig. 4).

With these preparations, Eq. (2.17) can be considered
as a relation between fr and fMS. Here, in Eq. (2.17), M
is given (2.74M⊙), f0 is determined for a given equation
of state and each mass of binary, and Mout +Meje is an
input parameter. An equilibrium sequence of rigidly ro-
tating neutron stars along the turning points for a given
equation of state also gives another monotonic relation
between these two variables as found in Fig. 2. Thus,
we first determine fr and fMS by solving a simultane-
ous equation composed of two independent relations and
specify a model for the rigidly rotating neutron star at a
turning point. (We note that for some equations of state,
e.g., EOS-12, the solution does not exist.) We can then
obtain Jf , Mf , ΩMS, and RMS for this model using the
monotonic relations of fMS(Jf ), Mf(Jf ), ΩMS(Jf ), and
RMS(Jf ): cf. Fig. 2.

We can subsequently determine EGW,p + Eν and
JGW,p+Jν from Eqs. (2.8) and (2.11). For Eq. (2.11), we
employ J0, MMNS(= Mf ), Rout, RMNS(= RMS), f , and
Ω(= ΩMS) for each equation of state. Then these two
relations, EGW,p + Eν =const and JGW,p + Jν =const,
constitute a simultaneous equation for EGW,p and Eν be-
cause we have already given the values of RMNS, Ω, and
f , which are necessary to relate JGW,p and Jν to EGW,p

and Eν , respectively. Thus, these two quantities are im-
mediately determined, if the solution exists. (Again we
note that for some equations of state, a physical solution
does not exist: see below.)

C. Results

Table III shows the solutions that self-consistently sat-
isfy the conservation relations of energy and angular mo-
mentum for each equation of state with the selected val-
ues of Mout + Meje; 0.048M⊙, 0.096M⊙, and 0.150M⊙.
Figure 4 also shows representative results: The top-left,
top-right, and bottom-left panels display EGW,p and Eν

as functions of Mout +Meje for EOS-3, 6, and 9, respec-
tively, and the bottom-right panel shows fr as a func-
tion of Mout + Meje for EOS-1, 3, 6, 9, and 11. Here,
associated with the uncertainties in J0 and EGW,i by
±0.1× 1049 erg s, and 0.005M⊙c2, respectively, an uncer-
tainty, typically, of ±0.007M⊙c2 and ∓0.012M⊙c2, exists
in EGW,p and Eν , respectively. The three curves for each
plot in the the top-left, top-right, and bottom-left panels
of Fig. 4 denote the upper and lower bounds as well as the
central value for EGW,p and Eν . In addition, the change
of f0 from the 1.35-1.40M⊙ case to the 1.20-1.55M⊙ case
varies EGW,p and Eν typically by −0.003M⊙c2 for both
quantities.
For EOS-12, no solution is found for given parame-

ters. The reason for this is that (i) for large values
of Mout + Meje, the predicted final mass of the rem-
nant neutron star, Mf , becomes smaller than Mmax, and
hence, no solution with fr ≥ 1 is present and (ii) for
Mout + Meje ! 0.057M⊙, the value of fr is determined
but physical (positive) values for the set of (EGW,p, Eν)
are not found. If this type of equation of state with
Mmax " 2.4M⊙ would be the real one, the final outcome
should be a stable neutron star in the GW170817 event.
However, this is not likely as we discuss in Sec. III D.
For EOS-1 and 2 for which Mmax is rather small,

! 2.1M⊙, we often fail to find a solution. The rea-
son for this is that Eq. (2.17) can be satisfied only for
a high value of fr ∼ 1.2, and thus, for small values of

Ref:	Shibata	et	al.	2019
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O3	observaOon



Third	observing	run	(O3)

• The third observing run has been started from this April.

Ref:	hcps://www.ligo.org/scienOsts/GWEMalerts.php



O3 detecDon candidates

• BH-BH: 20 (21) candidates 
• S190828l, S190828j, S190728q, S190727h, 

S190720a, S190707q, S190706ai, S190701ah, 
S190630ag, S190602aq, S190521r, S190521g, 
S190519bj, S190517h, S190513bm, 
S190512at, S190503bf, S190421ar, S190412m, 
S190408an  
 (, S190426c) 

• NS-NS: 1 (4) candidates 

• S190425z (, S190718y, S190510g, S190426c) 

• BH-NS: 1 (3) candidates 

• S190814bv (, S190901ap, S190426c)

hcps://gracedb.ligo.org/superevents/public/O3/



BH-NS candidate: S190814bv
• DetecDon candidates of BH-NS merger has 

been reported at Aug. 14, 2019 21:10:39 UTC 

• False alarm rate~1 per/ 1025 yrs. 

• D~267±52 Mpc. (GW170817: ~40 Mpc) 

• Sky localizaDon: 23 deg2 (90%)

2019/8/14 2019/8/15

Mass	gap:	one	of	objects	is	3	Msun	<	M	<	5		Msun

NSBH:	one	of	objects	is	M<	3	Msun		and	the	another	is	M	>	5		Msun



S190814bv: EM follow up

• No electromagneDc counterpart has been observed 

• ~200 galaxies in 50% confident volume (1.8x104 Mpc3) 

• OpDcal counterparts similar to /brighter than GW170817 are not likely

2 Gomez et al.

Figure 1. Localization region of S190814bv overlaid with the locations of galaxies observed in our Magellan search on 2019

August 16 (red) and 17 (blue). These represent all galaxies present in the GLADE catalog within the 50% localization volume,

corresponding to about 50% of all galaxies in this region down to a luminosity of 0.15 L⇤
, and about 75% of the integrated

galaxy luminosity within the region.

initially considered the first possible NS-BH merger, its
probability of being such an event is only 13% and its
false alarm rate (FAR) is only 1 in 1.6 years (with a
corresponding 14% probability that it is terrestrial in
origin).
On 2019 August 14 at 21:10:39 UTC (=58709.88240

MJD), ALV detected a GW candidate event, desig-
nated S190814bv, with an incredibly low FAR of 1 in
1.56 ⇥ 1025 yr, a luminosity distance of 267 ± 52 Mpc,
and a 90% (50%) confidence localization region of 23 (5)
deg2 (LIGO Scientific Collaboration & Virgo Collabo-
ration 2019a,b); see Figure 1 for the localization map.
S190814bv was initially classified with 100% confidence
as a “mass-gap” event, namely a merger in which at
least one of the binary members is in the mass range
3� 5 M�. About 13 hours later, initial parameter esti-
mation revised the claimed nature of the event to NS-BH
merger (i.e., a merger in which the lightest member has
a mass of < 3 M�) with a probability of > 99%. We
note that this definition allows the event to actually be
a BH-BH merger, depending on the actual upper mass
cut-o↵ for neutron stars. In addition, the initial param-
eter estimation indicates that the probability for matter
outside of the final merger remnant (the BH) is < 1%,
suggesting that the merger is unlikely to produce elec-
tromagnetic (EM) emission (LIGO Scientific Collabora-
tion & Virgo Collaboration 2019b). We note that this
probability encapsulates information from the parame-
ters of the binary (e.g., mass ratio, spin), which are not

currently publicly available, and assumptions about the
neutron star equation of state.
Here we report our optical follow-up of S190814bv us-

ing the Magellan Baade 6.5 m telescope to target galax-
ies within the localization volume. In §2 we present our
Magellan observations. In §3 we compare the results
of our search to the kilonova emission of GW170817,
to theoretical kilonova models, and to on- and o↵-axis
afterglow models. We summarize and draw initial con-
clusions in §4.

2. GALAXY-TARGETED FOLLOW-UP WITH
MAGELLAN

Upon receipt of the LVC public alert for S190814bv,
our automated software generated a list of galaxies
from the Galaxy List for the Advanced Detector Era
(GLADE) catalog (Dálya et al. 2018) covering the 90%
confidence volume and ranked by probability within the
volume (see Hosseinzadeh et al. 2019 for a detailed dis-
cussion).
We commenced follow-up observations with the

Inamori-Magellan Areal Camera and Spectrograph
(IMACS) on the Magellan Baade 6.5 m telescope at
Las Campanas Observatory in Chile on 2019 August 16
at 08:15:38 UT (35 hours post-merger) and continued
until morning twilight, with our last exposure ending at
10:30:02 UT, observing a total of 45 galaxies (Gomez
et al. 2019a). On the following night (2019 August 17)
we observed from 08:08:39 to 10:27:14 UT (59� 61.3 hr
post-merger) and imaged 51 additional galaxies (Gomez

Gomez	et	al.	2019	(arXiv:1908.08913)
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Figure 3. Our Magellan search limits compared to several potential optical emission light curve models. The black arrows

and lines represent the 90% range for the limiting absolute magnitudes in each night, using the relevant distance of each

targeted galaxy. Also shown are the model light curves for the kilonova associated with GW170817 (blue; Villar et al. 2017b),

a lanthanide-rich kilonova with an ejecta mass of 0.01 M� (red), and afterglows based on the median short GRB properties

(Fong et al. 2015) for on-axis (purple) and o↵-axis (15
�
; grey) viewing angles. The right-hand-side ordinate shows the relevant

apparent magnitudes for the mean distance of S190814bv (267 Mpc) to provide an indication of the rough depth required to

detect the various models.

model with a nominal ejecta mass of 0.01 M� and a high
opacity, which has a peak brightness of Mi ⇡ �13 mag
(i ⇡ 23.5� 25 mag at the distance range of S190814bv)
on a timescale of about 1 � 2 days (Figure 3). Such a
model is beyond the reach of our observations.
Finally, it is possible that an NS-BH merger can

launch a relativistic jet as in short GRBs (Berger 2014;
Paschalidis et al. 2015). The currently-available GW
information does not provide any insight on the incli-
nation angle of the binary, so here we compare to both
on- and o↵-axis models using the median properties of
short GRB afterglows (Fong et al. 2015) in the BOXFIT

software package (van Eerten & MacFadyen 2011). We
find that an on-axis afterglow can be ruled out by our
observations, while a model with an o↵-axis viewing an-

gle of & 15� will be dimmer than about 24 mag, beyond
the limits of our search.
We therefore conclude that for the region covered by

our search we can generally rule out an optical coun-
terpart similar to or brighter than GW170817, as well
as an on-axis jet typical of cosmological short GRBs.
However, we cannot rule out potential scenarios such
as low-mass and lanthanide-rich kilonova, or an o↵-axis
jet. We note again that current parameter estimation
indicates no matter outside of the remnant’s horizon so
it is possible that S190814bv did not produce any EM
radiation.

4. DISCUSSION AND CONCLUSIONS

We presented Magellan follow-up observations of the
NS-BH merger candidate S190814bv. Our search tar-



S190814bv: ImplicaDon

• S190814bv could be the first event which does not support q~1
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FIG. 4. Parameter estimation summary plots I. Posterior probability densities of the masses, spins, and SNR of the GW events. For the
two-dimensional distributions, the contours show 90% credible regions. Left panel: Source frame component masses m1 and m2. We use the
convention that m1 � m2, which produces the sharp cut in the two-dimensional distribution. Lines of constant mass ratio q = m2/m1 are shown
for 1/q = 2, 4, 8. For low-mass events, the contours follow lines of constant chirp mass. Right panel: The mass Mf and dimensionless spin
magnitude af of the final black holes. The colored event labels are ordered by source frame chirp mass. The same color code and ordering
(where appropriate) apply to Figs. 5 to 8.

stellar-mass BHs [126–128]. The posterior distribution of the
heavier component in the heaviest BBH, GW170729, grazes
the lower boundary of the possible mass gap expected from
pulsational pair instability and pair instability supernovae at
⇠ 60 � 120M� [129–131]. The lowest-mass BBH systems,
GW151226 and GW170608, have 90% credible lower bounds
on m2 of 5.6 M� and 5.9 M�, respectively, and therefore lie
above the proposed BH mass gap region [132–135] of 2�5M�.
The component masses of the BBHs show a strong degener-
acy with each other. Lower mass systems are dominated by
the inspiral of the binary, and the component mass contours
trace out a line of constant chirp mass Eq. (5) which is the
best measured parameter in the inspiral [33, 60, 116]. Since
higher-mass systems merge at a lower GW frequency, their
GW signal is dominated by the merger of the binary. For high
mass binaries the total mass can be measured with accuracy
comparable to that of the chirp mass [136–138].

We show posteriors for the ratio of the component
masses Eq. (6) in the top left panel of Fig. 5. This parameter
is much harder to constrain than the chirp mass. The width
of the posteriors depends mostly on SNR and so the mass
ratio is best measured for the loudest events, GW170817,
GW150914 and GW170814. Even though GW170817 has
the highest SNR of all events, its mass ratio is less well con-
strained, because the signal power comes predominantly from
the inspiral, while the merger contributes little compared to
BBH [139]. GW151226 and GW151012 have posterior sup-
port for more unequal mass ratios than the other events, with
lower bounds of 0.28 and 0.30 at 90% credible level.

The final mass, radiated energy, final spin, and peak lumi-

nosity of the BH remnant from a BBH coalescence are com-
puted using averages of fits to numerical relativity (NR) re-
sults7 [14, 140–144]. Posteriors for the mass and spin of the
BH remnant for BBH coalescences are shown in the right
panel of Fig. 4. Only a small fraction (0.02–0.07) of the bi-
nary’s total mass is radiated away in GWs. The amount of
radiated energy scales with its total mass. The heaviest rem-
nant BH found is GW170729, at 80.3+14.6

�10.2M� while the light-
est remnant BH is GW170608, at 17.8+3.2

�0.7M�.
GW mergers reach extraordinary values of peak luminos-

ity which is independent of the total mass. While it de-
pends on mass ratio and spins, the posteriors overlap to a
large degree for the observed BBH events. Because of its
relatively high spin GW170729 has the highest value `peak =
4.2+0.9
�1.5 ⇥ 1056 erg s�1.

C. Spins

The spin vectors of compact binaries can a priori point in
any direction. Particular directions in the spin space are easier
to constrain and we focus on these first. An averaged pro-
jection of the spins parallel to the Newtonian orbital angular
momentum of the binary can be measured best. This e↵ec-
tive aligned spin �e↵ is defined by Eq. (4). Positive (nega-

7 The fits for the final mass and spin can be di↵erent from the fits used inter-
nally in the waveform models used in the analyses.
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FIG. 4. Parameter estimation summary plots I. Posterior probability densities of the masses, spins, and SNR of the GW events. For the
two-dimensional distributions, the contours show 90% credible regions. Left panel: Source frame component masses m1 and m2. We use the
convention that m1 � m2, which produces the sharp cut in the two-dimensional distribution. Lines of constant mass ratio q = m2/m1 are shown
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stellar-mass BHs [126–128]. The posterior distribution of the
heavier component in the heaviest BBH, GW170729, grazes
the lower boundary of the possible mass gap expected from
pulsational pair instability and pair instability supernovae at
⇠ 60 � 120M� [129–131]. The lowest-mass BBH systems,
GW151226 and GW170608, have 90% credible lower bounds
on m2 of 5.6 M� and 5.9 M�, respectively, and therefore lie
above the proposed BH mass gap region [132–135] of 2�5M�.
The component masses of the BBHs show a strong degener-
acy with each other. Lower mass systems are dominated by
the inspiral of the binary, and the component mass contours
trace out a line of constant chirp mass Eq. (5) which is the
best measured parameter in the inspiral [33, 60, 116]. Since
higher-mass systems merge at a lower GW frequency, their
GW signal is dominated by the merger of the binary. For high
mass binaries the total mass can be measured with accuracy
comparable to that of the chirp mass [136–138].

We show posteriors for the ratio of the component
masses Eq. (6) in the top left panel of Fig. 5. This parameter
is much harder to constrain than the chirp mass. The width
of the posteriors depends mostly on SNR and so the mass
ratio is best measured for the loudest events, GW170817,
GW150914 and GW170814. Even though GW170817 has
the highest SNR of all events, its mass ratio is less well con-
strained, because the signal power comes predominantly from
the inspiral, while the merger contributes little compared to
BBH [139]. GW151226 and GW151012 have posterior sup-
port for more unequal mass ratios than the other events, with
lower bounds of 0.28 and 0.30 at 90% credible level.

The final mass, radiated energy, final spin, and peak lumi-

nosity of the BH remnant from a BBH coalescence are com-
puted using averages of fits to numerical relativity (NR) re-
sults7 [14, 140–144]. Posteriors for the mass and spin of the
BH remnant for BBH coalescences are shown in the right
panel of Fig. 4. Only a small fraction (0.02–0.07) of the bi-
nary’s total mass is radiated away in GWs. The amount of
radiated energy scales with its total mass. The heaviest rem-
nant BH found is GW170729, at 80.3+14.6

�10.2M� while the light-
est remnant BH is GW170608, at 17.8+3.2

�0.7M�.
GW mergers reach extraordinary values of peak luminos-

ity which is independent of the total mass. While it de-
pends on mass ratio and spins, the posteriors overlap to a
large degree for the observed BBH events. Because of its
relatively high spin GW170729 has the highest value `peak =
4.2+0.9
�1.5 ⇥ 1056 erg s�1.

C. Spins

The spin vectors of compact binaries can a priori point in
any direction. Particular directions in the spin space are easier
to constrain and we focus on these first. An averaged pro-
jection of the spins parallel to the Newtonian orbital angular
momentum of the binary can be measured best. This e↵ec-
tive aligned spin �e↵ is defined by Eq. (4). Positive (nega-

7 The fits for the final mass and spin can be di↵erent from the fits used inter-
nally in the waveform models used in the analyses.
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Mass	measurement	for	O2	events:



KAGRA joining O3

• KAGRA is planning to join O3 at the end of this year

Ref:	hcps://www.ligo.org/scienOsts/GWEMalerts.php



Importance of KAGRA
• KAGRA joining to the detector 

network will contributes to  
 the improvement of sky localizaDon 

• Enables to test the polarizaDon 
modes of GW beyond GR  
(e.g., H. Takeda et al. 2018)

C.	M.	Will	2014

GW SKY LOCALIZATION 7

HLV HKLV HIKLV

SNR 0 0.05 0.4 0 0.05 0.4 0 0.05 0.4

12 74 80 80 30 34 34 12 13 12

14 43 56 58 21 21 22 9.3 8.1 9.0

16 37 35 45 15 13 15 6.1 5.8 5.9

20 22 24 24 8.0 7.8 8.3 3.1 3.8 3.9

Table 2. The 90% localization region values for BNS runs in square degrees. Each set of three columns corresponds to a network configuration
(top), and a component spin magnitude (below network). Each row corresponds to the same event with a distance adjust such that the SNR
values are 12, 14, 16, and 20.

Nissanke et al. (2013) recover an analogous five-detector me-
dian localization of 6 deg2 with a maximum of 65 deg2.
These results are consistent with our NSBH localizations
recorded in Table 1, with slight differences largely attributed
to differences in NSBH mass and spin.

Chen & Holz (2016) examine a population of BNS in both
a three instrument HLV as well as five instrument HIKLV
configuration with a volumetrically and isotropically dis-
tributed population. Our fiducial event in the HLV configura-
tion falls above their median for all SNRs, but is comparable
for their median in the five instrument configuration, when
the SNR 20 case is considered.

5. ELECTROMAGNETIC FOLLOW-UP

We can use the electromagnetic follow-up campaigns of
GW150914 (Abbott et al. 2016a) and GW170817 (Abbott
et al. 2017f) as examples of how the electromagnetic obser-
vation of a potential NSBH event would develop. The follow-
up of GW150914 and GW170817 included several facilities
which are likely to continue operation as the three-instrument
network reaches design sensitivity. Potential electromagnetic
counterparts to BNS and NSBH signals should be accessible
to many of these instruments, as the peak gravitational-wave
emission exceeds the instruments’ limiting sensitivities for
both BNS (no further than ⇠ 500 Mpc, z ⇠ 0.1) and a canon-
ical NSBH (approximately ⇠ 2 Gpc, z ⇠ 0.4 for a 10 M� +
1.4 M� system) (Chen et al. 2017). If we are able to confi-
dently separate the true source from a transient background,
then the limiting factor for electromagnetic counterpart iden-
tification is slew and observation time versus field of view
(FOV), under ideal observing conditions.

GW170817 was relatively nearby and well-localized, al-
lowing a manageable area to be searched through electro-
magnetic campaigns. GW170817’s localization lies well
below the median expected localization for the second ob-
serving run (Abbott et al. 2016b) and near the median ex-
pected for the fully advanced LIGO-Virgo network (Veitch
et al. 2012). Given the population of NSBHs in this work,
it is likely that a NSBH source will lie further away than
GW170817 (given the accessible volume of space for just the

three-instrument network) and thus the sky localization will
expand accordingly. If the cadence and FOV of current and
upcoming telescopes are typical of follow-up instruments for
NSBH events, prospects of joint detection before a fourth in-
strument activates will be challenging. Several of the cur-
rent and upcoming wide field instruments, such as the Dark
Energy Camera (Flaugher et al. 2015), PanSTARRS (Smartt
et al. 2017), ZTF (Bellm 2016), and LSST (Ivezic et al.
2008), have FOVs between 1 deg2 and 10 deg2 while slew
and observation times can vary significantly (see Table 4
in Cowperthwaite & Berger (2015)). In the four- and five-
detector era, NSBH sources will typically be localized to
less than 20 deg2, thus allowing these instruments to survey
localization regions with a few to several pointings. Identi-
fication of an electromagnetic counterpart in these localiza-
tion regions depends on several factors including magnitude
and observation time. Such factors will motivate optimal
follow-up campaigns to search localization regions for pos-
sible multi-messenger sources.

6. CONCLUSION

We have made the first examination of the localization ca-
pabilities for a set of astrophysically-motivated NSBH events
projected through the expected evolution of the advanced
gravitational-wave network. When additional independent
baselines are added, the coverage of the network becomes
more isotropic and reduces 90% confidence regions drasti-
cally, sometimes by an order of magnitude between the three-
and five-instrument networks. With the five-instrument net-
work, there are few patches of the sky where sky localiza-
tion would exceed 100 deg2, and in some cases, the required
search area is less than a few square degrees. NSBH sources
are localized at the 90% credible region to a median of 60
deg2 in the three-detector era. Analogous localization is re-
duced to 19 deg2 in the four-detector era and 11 deg2 with
five detectors. Detected event populations tend to "pile up"
in regions of the sky where the network response is most
sensitive, and the antenna response of the HLV network is
qualitatively different from HKLV and HIKLV. Adding an in-
strument can never decrease the localization capability, and

C.	Pankow	et	al.	2018

Improvement	in	sky	localizaOon	for	BNS  
(assuming	HL~K~I)



Summary
• AnalyDcal/numerical studies for compact binary mergers have been 

enable us to achieve comprehensive understanding of observaDons.  

• GW170817 achieved the measurement of the NS Ddal deformability 
and confirmed that GW observaDon has a great impact on NS physics. 

• The simultaneous observaDon of EM counterparts to GW170817 
marked up the beginning of mulD-messenger astronomy era. 

• More and more GW events with more precise measurements of 
physical parameters would be achieved in the future. 

• Further theoreDcal invesDgaDon is needed to maximize the scienDfic 
returns from the GW/EM events.
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First GW event: GW150914
properties of space-time in the strong-field, high-velocity
regime and confirm predictions of general relativity for the
nonlinear dynamics of highly disturbed black holes.

II. OBSERVATION

On September 14, 2015 at 09:50:45 UTC, the LIGO
Hanford, WA, and Livingston, LA, observatories detected

the coincident signal GW150914 shown in Fig. 1. The initial
detection was made by low-latency searches for generic
gravitational-wave transients [41] and was reported within
three minutes of data acquisition [43]. Subsequently,
matched-filter analyses that use relativistic models of com-
pact binary waveforms [44] recovered GW150914 as the
most significant event from each detector for the observa-
tions reported here. Occurring within the 10-ms intersite

FIG. 1. The gravitational-wave event GW150914 observed by the LIGO Hanford (H1, left column panels) and Livingston (L1, right
column panels) detectors. Times are shown relative to September 14, 2015 at 09:50:45 UTC. For visualization, all time series are filtered
with a 35–350 Hz bandpass filter to suppress large fluctuations outside the detectors’ most sensitive frequency band, and band-reject
filters to remove the strong instrumental spectral lines seen in the Fig. 3 spectra. Top row, left: H1 strain. Top row, right: L1 strain.
GW150914 arrived first at L1 and 6.9þ0.5

−0.4 ms later at H1; for a visual comparison, the H1 data are also shown, shifted in time by this
amount and inverted (to account for the detectors’ relative orientations). Second row: Gravitational-wave strain projected onto each
detector in the 35–350 Hz band. Solid lines show a numerical relativity waveform for a system with parameters consistent with those
recovered from GW150914 [37,38] confirmed to 99.9% by an independent calculation based on [15]. Shaded areas show 90% credible
regions for two independent waveform reconstructions. One (dark gray) models the signal using binary black hole template waveforms
[39]. The other (light gray) does not use an astrophysical model, but instead calculates the strain signal as a linear combination of
sine-Gaussian wavelets [40,41]. These reconstructions have a 94% overlap, as shown in [39]. Third row: Residuals after subtracting the
filtered numerical relativity waveform from the filtered detector time series. Bottom row:A time-frequency representation [42] of the
strain data, showing the signal frequency increasing over time.
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entering our sensitive band [85,86] and could not have
formed from an asymptotically spin antialigned binary.
We could exclude those systems if we believe the binary is
not precessing. However, we do not make this assumption
here and instead accept that the models can only extract
limited spin information about a more general, precessing
binary.
We also need to specify the prior ranges for the ampli-

tude and phase error functions δAkðf; ~ϑÞ and δϕkðf; ~ϑÞ, see
Eq. (5). The calibration during the time of observation of
GW150914 is characterized by a 1-σ statistical uncertainty
of no more than 10% in amplitude and 10° in phase [1,47].
We use zero-mean Gaussian priors on the values of the
spline at each node with widths corresponding to the
uncertainties quoted above [48]. Calibration uncertainties
therefore add 10 parameters per instrument to the model
used in the analysis. For validation purposes we also
considered an independent method that assumes frequency-
independent calibration errors [87], and obtained consistent
results.

III. RESULTS

The results of the analysis using binary coalescence
waveforms are posterior PDFs for the parameters describ-
ing the GW signal and the model evidence. A summary is
provided in Table I. For the model evidence, we quote
(the logarithm of) the Bayes factor Bs=n ¼ Z=Zn, which
is the evidence for a coherent signal hypothesis divided
by that for (Gaussian) noise [5]. At the leading order, the
Bayes factor and the optimal SNR ρ ¼ ½

P
khhMk jhMk i%1=2 are

related by lnBs=n ≈ ρ2=2 [88].
Before discussing parameter estimates in detail, we

consider how the inference is affected by the choice of
the compact-binary waveform model. From Table I, we see
that the posterior estimates for each parameter are broadly
consistent across the two models, despite the fact that
they are based on different analytical approaches and that
they include different aspects of BBH spin dynamics. The
models’ logarithms of the Bayes factors, 288.7 & 0.2 and
290.3 & 0.1, are also comparable for both models: the data
do not allow us to conclusively prefer one model over the
other [89]. Therefore, we use both for the Overall column
in Table I. We combine the posterior samples of both
distributions with equal weight, in effect marginalizing
over our choice of waveform model. These averaged results
give our best estimate for the parameters describing
GW150914.
In Table I, we also indicate how sensitive our results are

to our choice of waveform. For each parameter, we give
systematic errors on the boundaries of the 90% credible
intervals due to the uncertainty in the waveform models
considered in the analysis; the quoted values are the 90%
range of a normal distribution estimated from the variance
of results from the different models. (IfXwere an edge of a

credible interval, we quote systematic uncertainty
& 1.64σsys using the estimate σ2sys¼ ½ðXEOBNR−XOverallÞ2þ
ðXIMRPhenom−XOverallÞ2%=2. For parameters with bounded
ranges, like the spins, the normal distributions should
be truncated. However, for transparency, we still quote
the 90% range of the uncut distributions. These numbers
provide estimates of the order of magnitude of the potential
systematic error). Assuming a normally distributed error is
the least constraining choice [90] and gives a conservative
estimate. The uncertainty from waveform modeling is less
significant than the statistical uncertainty; therefore, we are
confident that the results are robust against this potential
systematic error. We consider this point in detail later in the
Letter.
The analysis presented here yields an optimal coherent

SNR of ρ ¼ 25.1þ 1.7
−1.7 . This value is higher than the one

reported by the search [1,3] because it is obtained using a
finer sampling of (a larger) parameter space.
GW150914’s source corresponds to a stellar-mass BBH

with individual source-frame masses msource
1 ¼ 36þ 5

−4M⊙
and msource

2 ¼ 29þ 4
−4M⊙, as shown in Table I and Fig. 1.

The two BHs are nearly equal mass. We bound the mass
ratio to the range 0.66 ≤ q ≤ 1 with 90% probability. For
comparison, the highest observed neutron star mass is
2.01 & 0.04M⊙ [91], and the conservative upper-limit for

FIG. 1. Posterior PDFs for the source-frame component masses
msource

1 and msource
2 . We use the convention that msource

2 ≤ msource
1 ,

which produces the sharp cut in the two-dimensional distribution.
In the one-dimensional marginalized distributions we show the
Overall (solid black), IMRPhenom (blue), and EOBNR (red)
PDFs; the dashed vertical lines mark the 90% credible interval
for the Overall PDF. The two-dimensional plot shows the
contours of the 50% and 90% credible regions plotted over a
color-coded PDF.
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FIG. 12. PDFs for the tidal parameter ⇤̃ and mass ratio q
using the PhenomPNRT model for the high-spin (blue) and
low-spin (orange) priors. Unlike Fig. 11, the posterior is not
reweighted by the prior, so the support that is seen at ⇤̃ = 0
is due to smoothing from the KDE. The 50% (dashed) and
90% (solid) credible regions are shown for the joint posterior.
The 90% credible interval for ⇤̃ is shown by vertical lines and
the 90% lower limit for q is shown by horizontal lines.

For aligned-spin models, the resulting 6-dimensional in-
trinsic marginalized posterior is then adaptively sampled
and fit with Gaussian process regression. Samples from
this fitted posterior are then drawn using a Markov-chain
Monte Carlo algorithm.

We performed runs with RapidPE using the low-spin
prior for three waveform models. The first used the
PhenomDNRT waveform for a direct comparison with
the LALInference result. The 90% highest poste-
rior density credible interval for ⇤̃ is shifted downward
from (70, 730) using LALInference to (20, 690) using
RapidPE. Although these di↵erences are not negligi-
ble, they are still smaller than the di↵erences between
di↵erent waveform models. The main di↵erence, how-
ever, is that ⇤̃ has a bimodal structure using LALIn-
ference that is not seen with RapidPE. There are sev-
eral possible reasons for this di↵erence. One possibility
is over-smoothing from the Gaussian process regression
fit used in RapidPE. Another possibility is di↵erences
in data processing when evaluating the likelihood func-
tions for the two codes. In addition, RapidPE does
not marginalize over detector calibration uncertainties.
However, comparisons using LALInference with and
without calibration error marginalization show that this
cannot account for the di↵erences between LALInfer-
ence and RapidPE. Unfortunately, we have not been
able to resolve the di↵erences in the shape of the pos-

terior. Given its extensive previous use and testing we
use LALInference for our main results, and only use
RapidPE for exploratory studies, leaving detailed com-
parisons to future work. For the two EOB waveforms,
the 90% highest posterior density credible interval for ⇤̃
is (0, 560) for SEOBNRv4T and (10, 690) for TEOBRe-
sumS. We note that the lower bound for SEOBNRv4T
of ⇤̃ = 0 is not the result of railing against the ⇤̃ = 0
bound. The posterior value is the same for the lower and
the upper limits of the 90% credible interval.

Recently, De et al. performed an independent analysis
of the GW data to measure the tidal parameters [138].
Their results are broadly consistent with those presented
here, but are made under the assumption that the two
merging NSs have the same EOS. They assume that the
two NSs have identical radii and that the tidal deforma-
bility of the individual stars are related by the approxi-
mate relation ⇤1 = q

6⇤2, whereas we allow the tidal pa-
rameters to vary independently. Furthermore [138] used
the TaylorF2 waveform model and restricted the spin
components �1z and �2z to be uniform in [-0.05, 0.05]
(similar to our low-spin prior on the spin magnitudes).
Their results for their least restrictive mass prior, where
they allow m1 and m2 to vary uniformly in [1, 2]M�, are
most directly comparable to our results. They obtain a
90% symmetric credible interval of ⇤̃ = 310+679

�234 (Table
I of [138]). This can be compared to our equivalent 90%
symmetric credible interval for the TaylorF2 waveform
and low-spin prior of 340+580

�240 (Table IV). Note, however,
that a symmetric 90% interval will always (by construc-
tion) yield a nonzero lower bound on ⇤̃, even if values
close to zero are not disfavored by the data. We there-
fore prefer to use an HPD interval, which may have either
a nonzero or zero lower bound, determined by the poste-
rior distribution. A more direct comparison of the results
can be done with our companion paper where we assume
a common EOS using approximate universal relations as
well as directly sampling a parameterized EOS [41, 100–
102, 139, 140].

IV. LIMITS ON POST-MERGER SIGNAL

Having used the inspiral phase of the GW signal to
constrain the properties of the component bodies, we
now place limits on the signal content after the two stars
merged to make inferences about the remnant object.
The outcome of a BNS coalescence depends on the pro-
genitor masses and the NS EOS. Soft EOSs and large
masses result in the prompt formation of a black hole
immediately after the merger [141]. Sti↵er EOS and
lower masses result in the formation of a stable or quasi-
stable NS remnant [142, 143]. A hypermassive NS, whose
mass exceeds the maximum mass of a uniformly rotating
star but is supported by di↵erential rotation and possi-
bly thermal gradients [142], will survive for <⇠ 1 s, after
which time the NS collapses into a black hole [144, 145].
A supramassive star, whose mass is lower but still ex-

Ref:	LIGO/Virgo	2017,2018
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FIG. 8. Binary tidal deformability as a function of the chirp
mass in the range of the mass ratio 0.7  q = m1/m2  1.
For a given equation of state, we select masses m1 and m2

in this mass range and plot the corresponding (Mc, ⇤̃) with
points. We only consider neutron stars heavier than 1.0M�
for drawing this plot following Ref. [19].

ity, ⇤̃, is reasonably interpreted as the measurement of
the tidal deformability ⇤ of a neutron star with the mass
21/5Mc ⇡ 1.15Mc. In addition, the variation of ⇤̃ is
usually larger than and at most comparable to the sys-
tematic error of our waveform model shown in Table IV.
This suggests that the systematic error may not degrade
performance of our waveform model unless the mass ratio
is determined very precisely.

IV. STATISTICAL ERROR

The standard Fisher-matrix analysis is useful to esti-
mate the statistical error in the measurement of binary
parameters [12, 14, 15, 19]. The Fisher information ma-
trix for our waveform model is defined by

Fij =

 
@h̃model

@✓i

�����
@h̃model

@✓j

!
. (4.1)

The standard error in the measurement of each parame-
ter, ✓i, is given by the diagonal component of the inverse
of the Fisher information matrix as

�✓i =
q

F�1
ii . (4.2)

�✓i approximately gives the statistical error in the mea-
surement of ✓i at the 1� level. We note that �✓i is pro-
portional to the inverse of the signal-to-noise ratio. In
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FIG. 9. The values of the statistical error in the measurement
of Mc (the top panel) and ⌘ (the bottom panel) as functions
of the upper-bound frequency, fmax, for various binary pa-
rameters. The curves with di↵erent color denote the results
for the di↵erent combination of (Mc, ⇤̃). The black curves
denote the results of the analysis in which the tides are not
considered. The solid and dashed curves denote the cases with
⌘ = 0.25 and 0.244, respectively. The signal-to-noise ratio is
always fixed to be 50.

the following, we always show �✓i for the case that the
signal-to-noise ratio is 50.

Figure 9 shows the values of the statistical error in
the measurement of Mc (the top panel) and ⌘ (the
bottom panel) as functions of the upper-bound fre-
quency, fmax. The results for three values of chirp mass
(Mc/(1/4)3/5 = 2.5, 2.7, and 2.9M�), two values of
symmetric mass ratio (⌘ = 0.25 and 0.244), and two val-
ues of tidal deformability (⇤̃ = 0 and 1200) are shown.
The curves with di↵erent color denote the results for the
cases with di↵erent combination of (Mc, ⇤̃). The solid

Ref:	KK	et	al.	2018
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Figure 5 | A unified kilonova model explaining the optical/infrared counterpart of 

GW170817. The model is the superposition of the emission from two spatially distinct 

ejecta components: a ‘blue’ kilonova (light r-process ejecta with M = 0.025M
!

, vk = 0.3c 

and Xlan = 10"4) plus a ‘red’ kilonova (heavy r-process ejecta with M = 0.04M
!

, 

vk = 0.15c, and Xlan = 10"1.5). a, Optical–infrared spectral time series, where the black line 

is the sum of the light r-process (blue line) and heavy r-process (red line) contributions. 

b, Composite broadband light curves. The light r-process component produces the rapidly 

evolving optical emission while the heavy r-process component produces the extended 

infrared emission. The composite model predicts a distinctive colour evolution, spectral 

continuum shape and infrared spectral peaks, all of which resemble the properties of 

AT 2017gfo. 
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GW170817:  
Kilonova/macronova with mulDple components

• ElectromagneOc	(EM)	counterparts	to	GW170817	were	observed	simultaneously	 
over	the	enOre	wavelength	range		(from	radio	to	gamma	wavelengths)	

• A	Kilonova/macronova	model	with	mulOple	components	well	interprets	the	opOcal-Infrared	observaOon  
(see	e.g.,	Kasliwal	et	al.	2017,	Cowperthwaite	et	al.	2017,	Kasen	et	al.	2017,	Villar	et	al.	2017)	

• early-blue	component	(~1day)	from	lanthanide-free	ejecta	(~0.01	M_sun,	opacity	~0.1-1	cm^2/g) 
+	long-lasOng	red	component	(~10days)	from	lanthanide-rich	ejecta	(~0.04	M_sun,	opacity	~10	cm^2/g)

Ref:	D.	Kasen	et	al.	2017

Red	kilonova	
			M	~	0.03	Msun	
			v	~	0.1	c

Blue	kilonova		
			M	~	0.02	Msun	
			v	~	0.25c Too	fast		

as	post-merger	ejecta??

Too	massive	as	
dynamical	ejecta??

See	e.g.,	Metzger+18,	 
Waxman+18

What	is	the	origin	of	blue/red	kilonova?

Post-merger	ejecta		
Inside	of	dynamical	ejecta	
(less	dynamical	ejecta	 
near	the	pole)

Blue	(lanthanide-free)

Red	(lanthanide-rich)

ref)	Masaomi’s	slide
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• The	emission	is	expected	to	be	bright	in	the	op'cal	and	infrared	wavelength.		

• The	mass,	velocity,	morphology,	and	the	composi'on(electron	frac'on)	of	the	ejecta	characterize	
the	lightcurve	of	the	kilonova/macronova.

ProperDes of kilonovae / macronovae

Meje :ejecta mass

veje :expanding velocity

 :opacity

Order	EsOmaOon

f : energy conversion rate
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R-process nucleosynthesis
Credit) Sho Fujibayashi
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Ejecta opacity

The	ejecta	opacity	varies	significantly	(0.1—10	cm^2/g)	depending	on	 
whether	lanthanide	elements	are	synthesized	or	not,	which	reflects	the	electron	fracOon,	Ye,	of	ejecta. 

(Kasen	et	al.	2013,	Barnes	et	al.	2013,	Tanaka	et	al.	2013)
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Figure 5. Line expansion opacities for mixture of elements in
the ejecta of NS mergers (see Figure 1). The orange line represents
the opacity in the dynamical ejecta, which is calculated with the
abundance pattern of Ye = 0.10 − 0.40. The blue and green lines
represent the opacities in the high-Ye post-merger ejecta, which
are calculated with the abundance patterns of Ye = 0.25 and 0.30,
respectively. All the calculations assume ρ = 1 × 10−13 g cm−3,
T = 5, 000 K, and t = 1 day after the merger.

Layer 0 calculations with GRASP2K gives Nd iii opaci-
ties lower than more realistic (Layer 1 and Layer 2) cal-
culations. This is because the Layer 0 calculations give
higher energy levels (Figure 2), which reduces the con-
tribution of bound-bound transitions involving excited
levels for a given temperature.
For the Er ions, we find that two atomic codes give

larger discrepancies in the energy levels compared with
the cases of Nd ions. As in the case of Nd iii, opacities of
Er ii and Er iii from HULLAC calculations are slightly
smaller that those from GRASP2K calculations because
HULLAC calculations give slightly higher energy levels
for the excited energy levels. However, the difference in
the opacity is only up to a factor of about 2. Therefore,
we conclude that a relatively simplified calculations with
the HULLAC code gives opacities with sufficient accura-
cies for astronomical applications.
Finally we calculate the opacities for mixture of ele-

ments. We use the HULLAC results which cover more
elements and ionization states. Because we have atomic
structure calculations for a small number of elements, we
assume the same bound-bound transition properties for
the elements with the same open shell (see Figure 1).
For open f-shell elements, the former and latter halfs are
replaced with Nd and Er, respectively. For the heavy
elements with Z > 71, we repeat to use the data of Ru,
Te, Nd, and Er. For the elements with Z < 32, we use
Kurucz’s line list (Kurucz & Bell 1995). We neglect the
contribution of open s-shell elements because the total
fraction of these elements are small in the ejecta (Figure
1) and the opacities are subdominant (Figure 3).
As a result of high opacity of Lanthanide elements,

the opacities for the mixture of elements depends sig-
nificantly on Ye. Figure 5 shows the line expansion
opacity for the element mixture in the dynamical ejecta
(Ye = 0.10 − 0.40) and high-Ye ejecta (Ye = 0.25 and
0.30). If the ejecta is completely Lanthanide free as in the
case of Ye = 0.30, the line expansion opacity is smaller
than that in the Lanthanide-rich ejecta by a factor of
> 10 near the middle of optical range (∼ 5000 Å). How-
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Figure 6. Bolometric light curves of simple NS merger models
with Mej = 0.01M⊙ and vch = 0.1c. The solid curves show the re-
sults with the wavelength-dependent radiative transfer for different
abundance ratios according to Figure 1: Ye = 0.10−0.40 (orange),
Ye = 0.25 (green), and Ye = 0.30 (blue). The dashed lines shows
the results with the gray radiative transfer with the gray opacity
of 1.0 and 10.0 cm2 g−1 from top to bottom. For all the models,
the analytic heating rates are used and constant thermalization
efficiency (ϵ = 0.25) is assumed.

ever, small inclusion of Lanthanide elements dramatically
enhances the opacities as shown in the case of Ye = 0.25.
This demonstrates the importance of accurate Ye deter-
mination in the merger simulations for the accurate pre-
diction of kilonova signals.

4. RADIATIVE TRANSFER SIMULATIONS

We perform radiative transfer simulations by using
our new atomic data. We use three-dimensional, time-
dependent, wavelength-dependent Monte Carlo radia-
tive transfer code (Tanaka & Hotokezaka 2013). The
code takes into account electron scattering and bound-
bound, bound-free, and free-free transitions as sources
of opacity. In the previous version of the code
(Tanaka & Hotokezaka 2013; Tanaka et al. 2014; Tanaka
2016), we use the VALD database (Piskunov et al. 1995;
Ryabchikova et al. 1997; Kupka et al. 1999, 2000) for the
bound-bound transitions, while in this paper we use our
atomic data presented in Section 2 and treat element
mixture by using representative elements as described in
Section 3. To save the memory space in the computation,
we use a subset of the line list including the transitions
whose lower level energy is E1 < 5, 10, 15 eV for neutral
atom and singly and doubly ionized ions, respectively
(Subset 1 in Table 1) and whose oscillator strengths are
log(gfl) ≥ −3.0 (Subset 2 in Table 1). We confirm that
the use of this subset does not significantly affect the
calculated light curves and spectra.

4.1. Simple models

To study the effect of the element abundances (or Ye)
on the light curves, we calculate the light curves for the
three different abundance patterns displayed in Figure
1. For ease to extract the effect of opacities on the
element abundances, we employ a simple model of NS
merger ejecta, of which parameters are set to be the
same for three cases. The ejecta mass is taken to be
Mej = 0.01M⊙. The density structure of the ejecta is

ref)	Tanaka	et	al.	2018
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Figure 1. Element abundances in the ejecta of NS mergers at
t = 1 day after the merger. The orange line shows abundances for
dynamical ejecta (Wanajo et al. 2014), which is derived by averag-
ing the nucleosynthesis results of Ye = 0.10 − 0.40 assuming a flat
Ye distribution. The blue and green lines show the nucleosynthesis
results from trajectories of Ye = 0.25 and 0.30, respectively, which
represent the abundance patterns of high-Ye post-merger ejecta.
Black points connected with the line show the solar abundance
ratios of r-process elements (Simmerer et al. 2004).

inantly by neutrino heating (Wanajo & Janka 2012;
Perego et al. 2014; Fujibayashi et al. 2017) and nuclear
recombination (Fernández & Metzger 2013). These
components are as a whole denoted as “post-merger”
ejecta in this paper. The post-merger ejecta can consist
of less neutron rich material than in the dynamical
ejecta (Just et al. 2015; Martin et al. 2015; Wu et al.
2016; Lippuner et al. 2017); neutrino absorption as well
as a high temperature caused by viscous heating makes
ejected material less neutron rich or electron fraction Ye
(number of protons per nucleon) higher. If the ejecta
are free from Lanthanide elements, the emission from
post-merger ejecta can be brighter and bluer, which can
be called “blue kilonova” (Metzger & Fernández 2014;
Kasen et al. 2015). However, due to the lack of atomic
data of r-process elements, previous studies assume
opacities of Fe for Lanthanide-free ejecta. To predict
emission properties of kilonova, systematic atomic data
for r-process elements are important (see Kasen et al.
2013; Fontes et al. 2017; Wollaeger et al. 2017).
In this paper, we newly perform atomic structure cal-

culations for selected r-process elements. Using these
data, we perform radiative transfer simulations and
study the impact of element abundances to kilonova
emission. In Section 2, we show methods and results of
our atomic structure calculations. In Section 3, we cal-
culate opacities with these atomic data and discuss the
dependence on the elements. We then apply our data
for radiative transfer simulations in Section 4, and show
light curves of kilonova from dynamical and post-merger
ejecta of NS mergers. Finally we give summary in Sec-
tion 5.

2. ATOMIC STRUCTURE CALCULATIONS

We perform atomic structure calculations for Se (Z =
34), Ru (Z = 44), Te (Z = 52), Ba (Z = 56), Nd
(Z = 60) and Er (Z = 68). These elements are se-

lected to systematically study the opacities of elements
with different open shells: Ba is an open s-shell element,
Se and Te are open p-shell elements, Ru is an open d-
shell element, and Nd and Er are open f-shell elements.
We focus on neutral atom and singly and doubly ionized
ions because these ionization states are most common in
kilonova at t ∼> 1 day after the merger (Kasen et al. 2013;
Tanaka & Hotokezaka 2013).
In Figure 1, these elements are shown with three dif-

ferent abundance patterns in the ejecta of NS merg-
ers. While relativistic simulations of NS mergers predict
wide ranges of Ye between 0.05 and 0.45, the detailed
Ye distributions depend on the NS masses and their ra-
tios as well as the adopted nuclear equations of state
(Sekiguchi et al. 2015, 2016). In this paper, we assume
a flat mass distribution between Ye = 0.10 and 0.40 as
representative of dynamical ejecta. As shown in Figure
1 (orange line), the dynamical ejecta consist of a wide
range of r-process elements from the first (Z = 34) to
third (Z = 78) abundance peaks. For the post-merger
ejecta, we consider single Ye models of 0.25 (green) and
0.30 (blue) for simplicity. The former represents a case
that contains the second (Z = 52) abundance peak and a
small amount of Lanthanides. The latter is a Lanthanide-
free model without elements of Z > 50. For all the mod-
els, the nucleosynthesis abundances of each Ye are taken
from Wanajo et al. (2014).
For the atomic structure calculations, we use two dif-

ferent codes, HULLAC (Bar-Shalom et al. 2001) and
GRASP2K (Jönsson et al. 2013). The HULLAC code,
which employs a parametric potential method, is used
to provide atomic data for many elements while the
GRASP2K code, which enables more ab-initio calcu-
lations based on the multiconfiguration Dirac-Hartree-
Fock (MCDHF) method, is used to provide benchmark
calculations for a few elements. Such benchmark calcula-
tions are important because systematic improvement of
the accuracies is not always obtained with the HULLAC
code especially when little data are available in NIST
Atomic Spectra Database (ASD, Kramida et al. 2015).
By using these two codes, we also study the influence
of the accuracies of atomic calculations to the opacities.
Tables 1 and 2 summarize the list of ions for atomic struc-
ture calculations. In the following sections, we describe
our methods to calculate the atomic structures and tran-
sition probabilities.

2.1. HULLAC

HULLAC (Hebrew University Lawrence Livermore
Atomic Code, Bar-Shalom et al. 2001) is an integrated
code for calculating atomic structures and cross sections
for modeling of atomic processes in plasmas and emission
spectra. The latest version (9-601k) of HULLAC is used
in the present work to provide atomic data for Se i-iii, Ru
i-iii, Te i-iii, Nd i-iii, and Er i-iii. In HULLAC, fully
relativistic orbitals are used for calculations of atomic
energy levels and radiative transition probabilities. The
orbital functions ϕnljm are solutions of the single elec-
tron Dirac equation with a local central-field potential
U(r) which represents a nuclear field and a spherically
averaged interaction with other electrons in atoms,

[

cα · p+ (β − 1)c2 + U(r)
]

ϕnljm = εnljϕnljm, (1)

Ye =
[p]

[p] + [n]
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Mass EjecDon Mechanisms
• In	the	last	decades,	many	efforts	have	been	made	to	study	
the	mass	ejecOon	process	and	evoluOon	of	the	merger	
remnant	performing	numerical-relaOvity	simulaOons	

• Dynamical	mass	ejec'on  
mass	ejecOon	driven	by	Odal	interacOon  
																					or 
shock	heaOng	during	the	collision  
(e.g.,	Hotokezaka	et	al.	2013;	Bauswein	et	al.	2013;	
Sekiguchi	et	al.	2016;	Radice	et	al.	2016;	Dietrich	et	al.	
2017;	Bovard	et	al.	2017)	

• Post-merger	mass	ejec'on  
mass	ejecOon	from	the	merger	remnant	driven	by	 
effecOve	viscosity	and/or	neutrino	heaOng	 
(e.g.,	Dessart	et	al.	2009;	Metzger	&	Fernández	2014;	
Perego	et	al.	2014;	Just	et	al.	2015;	Shibata	et	al.	2017;	
Lippuner	et	al.	2017;	Fujibayashi	et	al.	2018,	Siegel	et	al.	
2018,	Fernandez	et	al.2018)  

Dynamical	mass	ejecOon  
@merger

Post-merger	mass	ejecOon  
@axer	merger



Dynamical ejecta
The Astrophysical Journal Letters, 789:L39 (6pp), 2014 July 10 Wanajo et al.

Figure 2. Color-coded distributions for density, temperature, Ye, and S/kB (from left to right) on the x–y (lower panels), x–z (positive sides of top panels), and y–z
(negative sides of top panels) planes at the end of simulation.
(A color version of this figure is available in the online journal.)
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Figure 3. Mass fractions outside 150 km from the center vs. Ye (top) and S/kB
(bottom) at the end of simulation for the x–y, x–z, and y–z planes. The widths
of Ye and S/kB are chosen to be ∆Ye = 0.01 and ∆S/kB = 1, respectively.
(A color version of this figure is available in the online journal.)

for the orbital and non-orbital planes, respectively (with higher
values for higher Ye), which are sizably greater than those in
Goriely et al. (2011, S/kB ∼ 1–3) with the Shen’s EOS.

3. THE r-PROCESS

The nucleosynthesis analysis makes use of the thermody-
namic trajectories of the ejecta particles traced on the orbital
plane. A representative particle is chosen from each Ye-bin (from
Ye = 0.09 to 0.44 with the interval of ∆Ye = 0.01 (Figure 3).
For simplicity, we analyze only the x-y components because of
the dominance of the ejecta masses close to the orbital plane.
Each nucleosynthesis calculation is initiated when the tempera-
ture decreases to 10 GK, where the initial composition is given
by Ye and 1 − Ye for the mass fractions of free protons and
neutrons.

The reaction network consists of 6300 species from single
neutrons and protons to the Z = 110 isotopes. Experimental
rates, when available, are taken from the latest versions of REA-
CLIB7 (Cyburt et al. 2010) and Nuclear Wallet Cards.8 Other-
wise, the theoretical estimates of fusion rates9 (TALYS; Goriely
et al. 2008) and β-decay half-lives (GT2; Tachibana et al.
1990) are adopted, where both are based on the same nuclear
masses (HFB-21; Goriely et al. 2010). Theoretical fission prop-
erties adopted are those estimated on the basis of the HFB-14
mass model. For fission fragments, a Gaussian-type distribution
is assumed with emission of four prompt neutrons per event.
Neutrino captures are not included, which make only slight
shifts of Ye (typically an increase of ∼0.01 from 10 GK to
5 GK).

The hydrodynamical trajectories end with temperatures
∼5 GK. Further temporal evolutions are followed by the density
drop such as t−3 and with the temperatures computed with the
EOS of Timmes & Swesty (2000) by adding the entropies gen-
erated by β-decay, fission, and α-decay. This entropy generation

7 https://groups.nscl.msu.edu/jina/reaclib/db/index.php
8 http://www.nndc.bnl.gov/wallet/
9 http://www.astro.ulb.ac.be/pmwiki/Brusslib/Brusslib
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Dynamical	ejecta	of	mass	<~10-3—10-2	Msun	is	typically	formed,	depending	on	the	NS	masses	and	EOS. 
(e.g.	Hotokezaka	et	al.	2013;	Bauswein	et	al.	2013;	Sekiguchi	et	al.	2016;	Radice	et	al.	2016;	Dietrich	et	al.	2017;	Bovard	et	al.	2017)  

Ye	parOally	becomes	large	due	to	shock	heaOng	and	neutrino	irradiaOon	
(cf.	NS	Ye~<0.1)	Yet,	substanOal	amount	of	ejecta	remains	to	be	Ye<0.25	and	lanthanide	is	synthesized

Ref:	S.	Wanajo	et	al.	2014 
Y.	Sekiguchi	et	al.	2015
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respectively.
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as a hypermassive neutron star with a lifetime of !10 ms is
formed after the merger. More massive NS–NS mergers result
in hypermassive neutron stars with a lifetime of "10 ms or in
black holes. For such a case, the ejecta mass decreases with
increasing Mtot because of the shorter duration of mass ejection.

BH–NS ejecta. Tidal disruption of a neutron star results in
anisotropic mass ejection for a BH–NS merger (Kyutoku et al.
2013). As a result, the ejecta is concentrated near the binary
orbital plane as shown in Figure 1, and it is shaped like a disk
or crescent.

The amount of ejecta for the BH–NS models is smaller for
more compact neutron star models with fixed values of χ and Q
as shown in Figure 2. This is because tidal disruption occurs in
a less significant manner. This dependence of the BH–NS ejecta
on the compactness of neutron stars is opposite to the case of
the NS–NS ejecta.

More specifically, the amount of ejecta is

5 × 10−4 " Mej/M⊙ " 10−2 (soft EOSs),

4 × 10−2 " Mej/M⊙ " 7 × 10−2 (stiff EOSs), (2)

for χ = 0.75 and 3 # Q # 7. For χ = 0.5, the ejecta mass is
smaller than that for χ = 0.75. Only the stiff EOS models can
produce large amounts of ejecta more than 0.01 M⊙ for χ = 0.5
and Q = 7.

For both NS–NS and BH–NS merger models, winds driven
by neutrino/viscous/nuclear-recombination heating or the mag-
netic field from the central object might provide ejecta in addi-
tion to the dynamical ejecta (Dessart et al. 2009; Wanajo & Janka
2012; Kiuchi et al. 2012; Fernández & Metzger 2013). However,
it is not easy to estimate the amount of wind ejecta, because it
depends strongly on the condition of the remnant formed after
the merger. In this Letter, we focus only on the dynamical ejecta.

3. RADIATIVE TRANSFER SIMULATIONS
FOR THE EJECTA

For the NS–NS and BH–NS merger models described in
Section 2, we perform radiative transfer simulations to obtain

the light curves of the radioactively powered emission from
the ejecta using the three-dimensional, time-dependent, multi-
frequency Monte Carlo radiative transfer code (Tanaka &
Hotokezaka 2013). For a given density structure of the ejecta
and elemental abundances, this code computes the emission
in the ultraviolet, optical, and near-infrared wavelength ranges
by taking into account the detailed r-process opacities. In this
Letter, we include r-process elements with Z $ 40 assuming the
solar abundance ratios by Simmerer et al. (2004). More details
of the radiation transfer simulations are described in Tanaka &
Hotokezaka (2013); Tanaka et al. (2013).

The heating rate from the radioactive decay of r-process
elements is one of the important ingredients of radiative transfer
simulations. As a fiducial-heating model, we employ the heating
rate computed with the abundance distribution that reproduces
the solar r-process pattern (see Tanaka et al. 2013 for more
detail). Heating is due to β-decays only, which increase atomic
numbers from the neutron-rich region toward the β-stability
line without changing the mass number A. This heating rate is in
reasonable agreement with those from previous nucleosynthesis
calculations (Metzger et al. 2010; Goriely et al. 2011; Grossman
et al. 2013) except for the first several seconds.

We note that quantitative uncertainties could exist in the
heating rate as well as in the opacities. As an example, the
heating rate would be about a factor 2 higher if the r-process
abundances of A ∼ 130 (or those produced with the electron
fraction of Ye ∼ 0.2) were dominant in the ejecta (Metzger
et al. 2010; Grossman et al. 2013). To take into account such
uncertainties, we also consider the cases in which the light
curves of mergers are twice and half as luminous (high- and low-
heating models; only explicitly shown for the NS–NS models
in Figure 3) as those computed with the fiducial-heating model.

4. LIGHT CURVES AND POSSIBLE
PROGENITOR MODELS

The computed light curves and observed data in r and
H-band are compared in Figure 3. The left panel of Figure 3
shows the light curves of the NS–NS merger models SLy
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Ye	distribuOon
Ref:	Wanajo	et	al.	2014



Post-merger ejecta
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Figure 13. Same as Figure 12 but at t = 1 s. For ↵vis = 0.02 (top panels), the ejecta shown in these panels is composed mainly of the
viscosity-driven component toward the polar direction, while for ↵vis = 0.04 (bottom panels), it is composed primarily of the viscosity-driven
component toward the equatorial direction.
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Figure 14. Mass histogram of the ejecta as a function of Ye
(left) and s/kB (right) at t = 1.3 s. The distributions of the elec-
tron fraction (left panel) and the specific entropy (right panel) are
plotted. The red and green curves denote the results for the models
DD2-135135-0.04-H and DD2-135135-0.02-H, respectively.

Figure 15. Mass fraction of the nuclei as a function of atomic
number for the model DD2-135135-0.04-H at t = 1.3 s. The dif-
ferent color curves correspond to the results in di↵erent angular
regions. The shaded region indicates the range of the lanthanide
elements (Z =57–71).
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viscosity-driven component toward the polar direction, while for ↵vis = 0.04 (bottom panels), it is composed primarily of the viscosity-driven
component toward the equatorial direction.
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ferent color curves correspond to the results in di↵erent angular
regions. The shaded region indicates the range of the lanthanide
elements (Z =57–71).

~10-2—10-1	Msun	is	ejected	from	the	remnant	torus,	depending	on	the	effecOve	viscous	parameter 
	and	the	lifeOme	of	the	remnant	NS.	(see	also	e.g.	Siegel	et	al.	2018,	Fernandez	et	al.2018	for	GRMHD	simulaOons)	

post-merger	ejecta	would	typically	have	Ye>0.25	due	to	neutrino	irradiaOon  
if	remnant	neutron	star	is	sufficiently	long-lived	(t>~1sec.).→	lanthanide-poor	ejecta

Viscous	GRRHD	simulaOon	for	merger	remnant		 
(Ref:	S.	Fujibayashi	et	al.	2018)
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Figure 8. Time evolution of the baryon mass (panel (a)), kinetic
energy (panel (b)), and average velocity (panel (c)) of the ejecta,
mass ejection rate (panel (d)), and ratio of Ṁb,ej to Ṁb,MNS (panel
(e)). For all the panels, di↵erent colors of the curves indicate the
results for di↵erent models DD2-135135-0.00-H, DD2-135135-0.01-
H, DD2-135135-0.02-H, DD2-135135-0.04-H.

which is shown in the panel (b) of Fig. 8. Here, we as-
sumed that the internal energy of the ejecta would be
totally transformed into the kinetic energy during the
subsequent expansion. Unlike the mass accretion rate
and the neutrino emission rate shown in Sec. 3.3, the
mass and kinetic energy of the ejecta monotonically in-
crease with ↵vis for t . 0.2 s.

The panel (c) shows the evolution of the average veloc-
ity of the ejecta, which is defined by Vej =

p
2Ek,ej/Mb,ej.

For the early viscosity-driven ejecta, which is ejected for
t . 0.2 s, the average velocity is in the range 0.15–0.2 c,
and monotonically increases with ↵vis as the mass and
the kinetic energy of the ejecta. This is because the shock
driven by the early viscous e↵ect on the MNS is stronger
for the higher viscosity parameter model.

In our simulations, we suppose that the viscosity sud-
denly arises after the merger remnant settles to a quasi-
stationary state. We should note that the variation of
the quasi-equilibrium configuration occurs only if the vis-
cous e↵ect is enhanced after the dynamical phase of the
merger ends, e.g., by MHD turbulence induced by the
significantly amplified magnetic fields at the onset of the
merger (Kiuchi et al. 2014, 2015b, 2017).

Figure 9. Same figures as panels (a)–(c) of Fig. 8 but for the
material ejected toward the polar angle 0�  ✓  30� (solid curves)
and 30� < ✓  90� (dotted curves) by the late-time viscosity-driven
mass ejection for t � 0.5 s for the models DD2-135135-0.02-H (red
curves) and DD2-135135-0.04-H (green curves), respectively.

3.4.2. Late-time Viscosity-driven Mass Ejection

The mass ejection for t & 0.2 s is driven primarily by
the viscous e↵ects in the torus. The ejecta is launched
mainly toward the polar region for the relatively early
time with t . 1 s, as found in panels (4)–(6) of Fig. 2.
However, the major mass ejection mechanism is subse-
quently changed as discussed below. In the following, we
focus only on the models for ↵vis = 0.02 and 0.04 be-
cause long-term simulations are performed only for these
models.

Figure 9 shows the evolution of the mass, kinetic en-
ergy, and average velocity of the ejecta that becomes
unbound after t = 0.5 s for the components toward the
polar direction of 0�  ✓  30� and the other (equa-
torial) direction of 30� < ✓  90�, respectively. From
this figure, it is found that the material ejected toward
the polar direction has smaller than or approximately as
large as that ejected toward the equatorial direction. On
the other hand, the polar ejecta has larger kinetic energy
than that of the equatorial ejecta because the average ve-
locity of the polar ejecta is larger (⇠ 0.15 c) than that of
the equatorial ejecta (⇠ 0.05 c). This clearly shows that
there are two components for the ejecta in the late time.

As found in the top panel, for ↵vis = 0.04, the mass
ejection in this late-phase (for t & 0.5 s) is primarily
towards the equatorial direction, while for the fiducial
model (↵vis = 0.02), the equatorial mass ejection is as
weak as the polar one up to t ⇠ 2.7 s.

For ↵vis = 0.04, the early viscosity-driven mass ejec-
tion continues for later time than that for the fiducial
(↵vis = 0.02) model because the shock driven by the
early viscous e↵ect on the MNS is stronger for the larger
viscosity parameter models. This is the reason for the
larger mass ejection rate toward the equatorial direc-
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Figure 8. Time evolution of the baryon mass (panel (a)), kinetic
energy (panel (b)), and average velocity (panel (c)) of the ejecta,
mass ejection rate (panel (d)), and ratio of Ṁb,ej to Ṁb,MNS (panel
(e)). For all the panels, di↵erent colors of the curves indicate the
results for di↵erent models DD2-135135-0.00-H, DD2-135135-0.01-
H, DD2-135135-0.02-H, DD2-135135-0.04-H.

which is shown in the panel (b) of Fig. 8. Here, we as-
sumed that the internal energy of the ejecta would be
totally transformed into the kinetic energy during the
subsequent expansion. Unlike the mass accretion rate
and the neutrino emission rate shown in Sec. 3.3, the
mass and kinetic energy of the ejecta monotonically in-
crease with ↵vis for t . 0.2 s.

The panel (c) shows the evolution of the average veloc-
ity of the ejecta, which is defined by Vej =

p
2Ek,ej/Mb,ej.

For the early viscosity-driven ejecta, which is ejected for
t . 0.2 s, the average velocity is in the range 0.15–0.2 c,
and monotonically increases with ↵vis as the mass and
the kinetic energy of the ejecta. This is because the shock
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merger ends, e.g., by MHD turbulence induced by the
significantly amplified magnetic fields at the onset of the
merger (Kiuchi et al. 2014, 2015b, 2017).

Figure 9. Same figures as panels (a)–(c) of Fig. 8 but for the
material ejected toward the polar angle 0�  ✓  30� (solid curves)
and 30� < ✓  90� (dotted curves) by the late-time viscosity-driven
mass ejection for t � 0.5 s for the models DD2-135135-0.02-H (red
curves) and DD2-135135-0.04-H (green curves), respectively.

3.4.2. Late-time Viscosity-driven Mass Ejection

The mass ejection for t & 0.2 s is driven primarily by
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mainly toward the polar region for the relatively early
time with t . 1 s, as found in panels (4)–(6) of Fig. 2.
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than that of the equatorial ejecta because the average ve-
locity of the polar ejecta is larger (⇠ 0.15 c) than that of
the equatorial ejecta (⇠ 0.05 c). This clearly shows that
there are two components for the ejecta in the late time.

As found in the top panel, for ↵vis = 0.04, the mass
ejection in this late-phase (for t & 0.5 s) is primarily
towards the equatorial direction, while for the fiducial
model (↵vis = 0.02), the equatorial mass ejection is as
weak as the polar one up to t ⇠ 2.7 s.

For ↵vis = 0.04, the early viscosity-driven mass ejec-
tion continues for later time than that for the fiducial
(↵vis = 0.02) model because the shock driven by the
early viscous e↵ect on the MNS is stronger for the larger
viscosity parameter models. This is the reason for the
larger mass ejection rate toward the equatorial direc-

              p+νe → n+ e+

               n+νe → p+ e−



Remnant NS LifeDme

• Life	Ome	of	the	remnant	NS	has	a	large	impact	on	the	Ye	distribuOon	of	the	post	merger	ejecta 
(See	also	Lippuner	et	al.	2017)

Ref:	Metzger	&	Fernández	et	al.	2014	
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3.2 Composition

Free nuclei recombine into α-particles once the temperature de-
creases to T ! 1010 K. Heavier elements start to form once the
temperature decreases further, T ! 5 × 109, via the reaction
4He(αn,γ )9Be(α,n)12C. After 12C forms, additional α−captures
produce heavy ‘seed’ nuclei with characteristic mass Ā ≃ 90−120
and charge Z̄ ≃ 35 (the ‘α-process’; Woosley & Hoffman 1992).
Whether nucleosynthesis proceeds to heavier r-process nuclei of
mass A depends on the ratio of free neutrons to seed nuclei once
the α-process completes. Since the formation of 12C is the rate-
limiting step in forming seeds, this critical ratio depends primarily
on three quantities (e.g. Hoffman, Woosley & Qian 1997; appendix
C of FM13): the electron fraction Ye, entropy S, and the expansion
time-scale texp at times just following α-particle formation (T ∼
5 × 109 K).

A mass-flux average of each of these three quantities is given
in Table 1 for most models (see FM13 for a description of the
calculation method). The radial position for the average is chosen so
that the mass-flux averaged temperature is approximately 5 × 109 K.
The average is separated between equatorial and polar latitudes (60◦

from the mid-plane and 30◦ from the axis, respectively). In the case
of prompt BH formation or very shortly lived HMNS (tns ≤ 10 ms),
there is never enough material in the polar regions to achieve the
desired temperature, and hence the average is not computed there.
After collapse to a BH, the polar region is evacuated, so the radius
for the average is obtained for times less than the HMNS lifetime
(but averaged thermodynamic quantities are computed using the
whole evolution).

The average electron fraction of the material is a monotonic
function of the HMNS lifetime. This is a direct consequence of
the higher level of neutrino irradiation introduced by the HMNS.
A rough estimate of the change in Ye over a thermal time in the

boundary layer yields

#Ye ∼ Qν#t

⟨εν⟩/mn

∼ 1
(

Qν

1021 erg g−1 s−1

) (
10 MeV

⟨εν⟩

) (
#t

10 ms

)
, (1)

where Qν is the specific neutrino heating rate (Fig. 2c), ⟨εν⟩ is the
mean neutrino energy, and #t is the time interval. Irradiation by the
HMNS can thus introduce changes of order unity in the electron
fraction over the time it takes the polar outflow to be launched.
Similar considerations apply to the equatorial outflow, although the
fact that this ejecta originates in regions of the disc that are both
farther out in radius and shadowed by the inner regions causes the
changes in Ye to be less pronounced.

It is worth keeping in mind that we are imposing equal lumi-
nosities of electron neutrinos and antineutrinos from the HMNS
(Section 2.3). In the limit of high irradiation, neutrinos drive Ye

towards (Qian & Woosley 1996)

Y eq
e ≃

[
1 + ϵν̄e − # + #2/ϵν̄e

ϵνe + # + #2/ϵνe

]−1

, (2)

where # = 1.293 MeV is the neutron–proton mass difference, and
ϵνi

is the ratio of the mean square energy to the mean energy of
the distribution, ⟨E2

ν ⟩/⟨Eν⟩. Our Fermi–Dirac spectrum with zero
chemical potential implies ϵνi

≃ 4 kTνi
, hence Y eq

e ≃ 0.52.
The distribution of thermodynamic properties of material with

positive velocity – evaluated at the same radii as the averages in
Table 1 – is shown in Fig. 4. The electron fraction of the equatorial
material has a peak that tracks the average value, with a long tail to
high Ye for longer HMNS lifetime. In contrast, the polar material has
more material with lower Ye for longer tns. This is a reflection of the

Figure 4. Mass histograms of material with positive velocity, evaluated at radii such that the mass-flux-weighted temperature is ∼5 × 109 K. The counting
is restricted to latitudes within 60◦ of the mid-plane (top) and within 30◦ of the polar axis (bottom). Shown are the distributions of electron fraction (a,e),
entropy (b,f), expansion time (c,g), and maximum mass number of r-process elements (d,h) obtained from equations (3) assuming seed nuclei with Ā = 90
and Z̄ = 36. Different curves correspond to models with different HMNS lifetime, as labelled. The polar outflow has a peak Amax below the Lanthanides
(A ! ALa = 139).
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3.2 Composition

Free nuclei recombine into α-particles once the temperature de-
creases to T ! 1010 K. Heavier elements start to form once the
temperature decreases further, T ! 5 × 109, via the reaction
4He(αn,γ )9Be(α,n)12C. After 12C forms, additional α−captures
produce heavy ‘seed’ nuclei with characteristic mass Ā ≃ 90−120
and charge Z̄ ≃ 35 (the ‘α-process’; Woosley & Hoffman 1992).
Whether nucleosynthesis proceeds to heavier r-process nuclei of
mass A depends on the ratio of free neutrons to seed nuclei once
the α-process completes. Since the formation of 12C is the rate-
limiting step in forming seeds, this critical ratio depends primarily
on three quantities (e.g. Hoffman, Woosley & Qian 1997; appendix
C of FM13): the electron fraction Ye, entropy S, and the expansion
time-scale texp at times just following α-particle formation (T ∼
5 × 109 K).

A mass-flux average of each of these three quantities is given
in Table 1 for most models (see FM13 for a description of the
calculation method). The radial position for the average is chosen so
that the mass-flux averaged temperature is approximately 5 × 109 K.
The average is separated between equatorial and polar latitudes (60◦

from the mid-plane and 30◦ from the axis, respectively). In the case
of prompt BH formation or very shortly lived HMNS (tns ≤ 10 ms),
there is never enough material in the polar regions to achieve the
desired temperature, and hence the average is not computed there.
After collapse to a BH, the polar region is evacuated, so the radius
for the average is obtained for times less than the HMNS lifetime
(but averaged thermodynamic quantities are computed using the
whole evolution).

The average electron fraction of the material is a monotonic
function of the HMNS lifetime. This is a direct consequence of
the higher level of neutrino irradiation introduced by the HMNS.
A rough estimate of the change in Ye over a thermal time in the

boundary layer yields

#Ye ∼ Qν#t

⟨εν⟩/mn

∼ 1
(

Qν

1021 erg g−1 s−1

) (
10 MeV

⟨εν⟩

) (
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10 ms

)
, (1)

where Qν is the specific neutrino heating rate (Fig. 2c), ⟨εν⟩ is the
mean neutrino energy, and #t is the time interval. Irradiation by the
HMNS can thus introduce changes of order unity in the electron
fraction over the time it takes the polar outflow to be launched.
Similar considerations apply to the equatorial outflow, although the
fact that this ejecta originates in regions of the disc that are both
farther out in radius and shadowed by the inner regions causes the
changes in Ye to be less pronounced.

It is worth keeping in mind that we are imposing equal lumi-
nosities of electron neutrinos and antineutrinos from the HMNS
(Section 2.3). In the limit of high irradiation, neutrinos drive Ye

towards (Qian & Woosley 1996)

Y eq
e ≃

[
1 + ϵν̄e − # + #2/ϵν̄e

ϵνe + # + #2/ϵνe

]−1

, (2)

where # = 1.293 MeV is the neutron–proton mass difference, and
ϵνi

is the ratio of the mean square energy to the mean energy of
the distribution, ⟨E2

ν ⟩/⟨Eν⟩. Our Fermi–Dirac spectrum with zero
chemical potential implies ϵνi

≃ 4 kTνi
, hence Y eq

e ≃ 0.52.
The distribution of thermodynamic properties of material with

positive velocity – evaluated at the same radii as the averages in
Table 1 – is shown in Fig. 4. The electron fraction of the equatorial
material has a peak that tracks the average value, with a long tail to
high Ye for longer HMNS lifetime. In contrast, the polar material has
more material with lower Ye for longer tns. This is a reflection of the

Figure 4. Mass histograms of material with positive velocity, evaluated at radii such that the mass-flux-weighted temperature is ∼5 × 109 K. The counting
is restricted to latitudes within 60◦ of the mid-plane (top) and within 30◦ of the polar axis (bottom). Shown are the distributions of electron fraction (a,e),
entropy (b,f), expansion time (c,g), and maximum mass number of r-process elements (d,h) obtained from equations (3) assuming seed nuclei with Ā = 90
and Z̄ = 36. Different curves correspond to models with different HMNS lifetime, as labelled. The polar outflow has a peak Amax below the Lanthanides
(A ! ALa = 139).
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3.2 Composition

Free nuclei recombine into α-particles once the temperature de-
creases to T ! 1010 K. Heavier elements start to form once the
temperature decreases further, T ! 5 × 109, via the reaction
4He(αn,γ )9Be(α,n)12C. After 12C forms, additional α−captures
produce heavy ‘seed’ nuclei with characteristic mass Ā ≃ 90−120
and charge Z̄ ≃ 35 (the ‘α-process’; Woosley & Hoffman 1992).
Whether nucleosynthesis proceeds to heavier r-process nuclei of
mass A depends on the ratio of free neutrons to seed nuclei once
the α-process completes. Since the formation of 12C is the rate-
limiting step in forming seeds, this critical ratio depends primarily
on three quantities (e.g. Hoffman, Woosley & Qian 1997; appendix
C of FM13): the electron fraction Ye, entropy S, and the expansion
time-scale texp at times just following α-particle formation (T ∼
5 × 109 K).

A mass-flux average of each of these three quantities is given
in Table 1 for most models (see FM13 for a description of the
calculation method). The radial position for the average is chosen so
that the mass-flux averaged temperature is approximately 5 × 109 K.
The average is separated between equatorial and polar latitudes (60◦

from the mid-plane and 30◦ from the axis, respectively). In the case
of prompt BH formation or very shortly lived HMNS (tns ≤ 10 ms),
there is never enough material in the polar regions to achieve the
desired temperature, and hence the average is not computed there.
After collapse to a BH, the polar region is evacuated, so the radius
for the average is obtained for times less than the HMNS lifetime
(but averaged thermodynamic quantities are computed using the
whole evolution).

The average electron fraction of the material is a monotonic
function of the HMNS lifetime. This is a direct consequence of
the higher level of neutrino irradiation introduced by the HMNS.
A rough estimate of the change in Ye over a thermal time in the

boundary layer yields

#Ye ∼ Qν#t
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∼ 1
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where Qν is the specific neutrino heating rate (Fig. 2c), ⟨εν⟩ is the
mean neutrino energy, and #t is the time interval. Irradiation by the
HMNS can thus introduce changes of order unity in the electron
fraction over the time it takes the polar outflow to be launched.
Similar considerations apply to the equatorial outflow, although the
fact that this ejecta originates in regions of the disc that are both
farther out in radius and shadowed by the inner regions causes the
changes in Ye to be less pronounced.

It is worth keeping in mind that we are imposing equal lumi-
nosities of electron neutrinos and antineutrinos from the HMNS
(Section 2.3). In the limit of high irradiation, neutrinos drive Ye

towards (Qian & Woosley 1996)

Y eq
e ≃

[
1 + ϵν̄e − # + #2/ϵν̄e

ϵνe + # + #2/ϵνe

]−1

, (2)

where # = 1.293 MeV is the neutron–proton mass difference, and
ϵνi

is the ratio of the mean square energy to the mean energy of
the distribution, ⟨E2

ν ⟩/⟨Eν⟩. Our Fermi–Dirac spectrum with zero
chemical potential implies ϵνi

≃ 4 kTνi
, hence Y eq

e ≃ 0.52.
The distribution of thermodynamic properties of material with

positive velocity – evaluated at the same radii as the averages in
Table 1 – is shown in Fig. 4. The electron fraction of the equatorial
material has a peak that tracks the average value, with a long tail to
high Ye for longer HMNS lifetime. In contrast, the polar material has
more material with lower Ye for longer tns. This is a reflection of the

Figure 4. Mass histograms of material with positive velocity, evaluated at radii such that the mass-flux-weighted temperature is ∼5 × 109 K. The counting
is restricted to latitudes within 60◦ of the mid-plane (top) and within 30◦ of the polar axis (bottom). Shown are the distributions of electron fraction (a,e),
entropy (b,f), expansion time (c,g), and maximum mass number of r-process elements (d,h) obtained from equations (3) assuming seed nuclei with Ā = 90
and Z̄ = 36. Different curves correspond to models with different HMNS lifetime, as labelled. The polar outflow has a peak Amax below the Lanthanides
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Figure 2. Snapshots in the evolution of models tInfA3p15 (stable HMNS, top) and t000A3 (prompt BH, bottom). The nine contiguous panels on the left
show density (a,b), neutrino heating (c,d), and viscous heating (e,f) at time 0.03 s, corresponding approximately to 10 orbits at the initial density peak. The two
panels on the right (g,h) show the electron fraction at time 2.3 s (800 orbits at the initial density peak). The white contours show the gain surface, inside which
emission of neutrinos and antineutrinos dominates over their absorption by nuclei. Models suppress neutrino and viscous source terms below a density of
10 g cm−3 (FM13) for numerical reasons (as in the polar region of panels d and f).

Figure 3. Mass-loss rate in unbound material at 10 000 km (solid lines)
and net accretion rate at 30 km (dotted lines) as a function of time. Shown
are three models that illustrate the difference between prompt BH formation
(t000A3p15, red), infinitely lived HMNS (tInfA3p15, black), and an inter-
mediate case with tns = 100 ms (t100A3p15). Mass fluxes are computed
over the full range of polar angles. Mass ejection before 1 s occurs on the
thermal time of the disc, while the late-time wind happens due to weak
freezeout (Metzger et al. 2009).

material, and subsequent generation of a rarefaction wave. The
velocity becomes negative from inside out, and the initial phase of
accretion is interrupted. This cutoff in the mass-loss is quite steep,
as shown in Fig. 3 for the model with tns = 100 ms. The equatorial
regions of the disc relax to the BH configuration, and the late-time
outflow appears at the expected time of ∼1 s. The fluid at polar
latitudes, which was previously supported mostly by gas pressure,

collapses into the hole leaving an evacuated polar cavity. A fraction
of the material still manages to escape, however, as shown in Table 1.

Decreasing the viscosity of the disc (model pA1p15) relative to
the fiducial tns = ∞ case (tInfA3p15) results in a smaller amount
of equatorially ejected material. The main reason for this difference
lies in that viscous heating is more centrally concentrated for lower
α. The accretion luminosity is also smaller by a factor of ∼2, re-
sulting in less neutrino heating in equatorial regions on the thermal
time-scale of the disc. The time-integrated neutrino energy deposi-
tion at polar latitudes differs only by ∼10 per cent, however.

Increasing the rotation period of the star (model pA3p20) results
in less mass ejected along the poles, with a smaller decrease in
the equatorial ejection relative to the fiducial model. This result
can be traced back to the behaviour of the boundary layer. Since
the fluid is forced to corotate with the star at the surface, a lower
rotation rate implies a lower centrifugal force, which allows the
boundary layer to spread more material to high latitudes (the com-
ponent of the centrifugal force tangential to the stellar surface points
towards the mid-plane; e.g. Inogamov & Sunyaev 2010). This ex-
cess of material is able to attenuate more neutrino flux, decreases
the heating, resulting in less mass ejection (with a smaller electron
fraction).

Finally, removing irradiation from the HMNS while keeping
the reflecting boundary and self-irradiation from the disc (model
pA3p15xs) results in a lower amount of mass ejected in equatorial
regions. As in the case of lower α, there is less neutrino heating
at larger radii on the disc mid-plane. The decrease in the equato-
rial mass ejection relative to the fiducial model is less than in the
low-α case, however, because viscous heating is unchanged. The
fact that the amount of mass ejected along the poles is compara-
ble (with smaller Ye, however) shows that viscous heating is also a
fundamental agent in driving the polar outflow.
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show density (a,b), neutrino heating (c,d), and viscous heating (e,f) at time 0.03 s, corresponding approximately to 10 orbits at the initial density peak. The two
panels on the right (g,h) show the electron fraction at time 2.3 s (800 orbits at the initial density peak). The white contours show the gain surface, inside which
emission of neutrinos and antineutrinos dominates over their absorption by nuclei. Models suppress neutrino and viscous source terms below a density of
10 g cm−3 (FM13) for numerical reasons (as in the polar region of panels d and f).

Figure 3. Mass-loss rate in unbound material at 10 000 km (solid lines)
and net accretion rate at 30 km (dotted lines) as a function of time. Shown
are three models that illustrate the difference between prompt BH formation
(t000A3p15, red), infinitely lived HMNS (tInfA3p15, black), and an inter-
mediate case with tns = 100 ms (t100A3p15). Mass fluxes are computed
over the full range of polar angles. Mass ejection before 1 s occurs on the
thermal time of the disc, while the late-time wind happens due to weak
freezeout (Metzger et al. 2009).

material, and subsequent generation of a rarefaction wave. The
velocity becomes negative from inside out, and the initial phase of
accretion is interrupted. This cutoff in the mass-loss is quite steep,
as shown in Fig. 3 for the model with tns = 100 ms. The equatorial
regions of the disc relax to the BH configuration, and the late-time
outflow appears at the expected time of ∼1 s. The fluid at polar
latitudes, which was previously supported mostly by gas pressure,

collapses into the hole leaving an evacuated polar cavity. A fraction
of the material still manages to escape, however, as shown in Table 1.

Decreasing the viscosity of the disc (model pA1p15) relative to
the fiducial tns = ∞ case (tInfA3p15) results in a smaller amount
of equatorially ejected material. The main reason for this difference
lies in that viscous heating is more centrally concentrated for lower
α. The accretion luminosity is also smaller by a factor of ∼2, re-
sulting in less neutrino heating in equatorial regions on the thermal
time-scale of the disc. The time-integrated neutrino energy deposi-
tion at polar latitudes differs only by ∼10 per cent, however.

Increasing the rotation period of the star (model pA3p20) results
in less mass ejected along the poles, with a smaller decrease in
the equatorial ejection relative to the fiducial model. This result
can be traced back to the behaviour of the boundary layer. Since
the fluid is forced to corotate with the star at the surface, a lower
rotation rate implies a lower centrifugal force, which allows the
boundary layer to spread more material to high latitudes (the com-
ponent of the centrifugal force tangential to the stellar surface points
towards the mid-plane; e.g. Inogamov & Sunyaev 2010). This ex-
cess of material is able to attenuate more neutrino flux, decreases
the heating, resulting in less mass ejection (with a smaller electron
fraction).

Finally, removing irradiation from the HMNS while keeping
the reflecting boundary and self-irradiation from the disc (model
pA3p15xs) results in a lower amount of mass ejected in equatorial
regions. As in the case of lower α, there is less neutrino heating
at larger radii on the disc mid-plane. The decrease in the equato-
rial mass ejection relative to the fiducial model is less than in the
low-α case, however, because viscous heating is unchanged. The
fact that the amount of mass ejected along the poles is compara-
ble (with smaller Ye, however) shows that viscous heating is also a
fundamental agent in driving the polar outflow.
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Figure 5 | A unified kilonova model explaining the optical/infrared counterpart of 

GW170817. The model is the superposition of the emission from two spatially distinct 

ejecta components: a ‘blue’ kilonova (light r-process ejecta with M = 0.025M
!

, vk = 0.3c 

and Xlan = 10"4) plus a ‘red’ kilonova (heavy r-process ejecta with M = 0.04M
!

, 

vk = 0.15c, and Xlan = 10"1.5). a, Optical–infrared spectral time series, where the black line 

is the sum of the light r-process (blue line) and heavy r-process (red line) contributions. 

b, Composite broadband light curves. The light r-process component produces the rapidly 

evolving optical emission while the heavy r-process component produces the extended 

infrared emission. The composite model predicts a distinctive colour evolution, spectral 

continuum shape and infrared spectral peaks, all of which resemble the properties of 

AT 2017gfo. 
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GW170817:  
Kilonova/macronova with mulDple components

• ElectromagneOc	(EM)	counterparts	to	GW170817	were	observed	simultaneously	 
over	the	enOre	wavelength	range		(from	radio	to	gamma	wavelengths)	

• A	Kilonova/macronova	model	with	mulOple	components	well	interprets	the	opOcal-Infrared	observaOon  
(see	e.g.,	Kasliwal	et	al.	2017,	Cowperthwaite	et	al.	2017,	Kasen	et	al.	2017,	Villar	et	al.	2017)	

• early-blue	component	(~1day)	from	lanthanide-free	ejecta	(~0.01	M_sun,	opacity	~0.1-1	cm^2/g) 
+	long-lasOng	red	component	(~10days)	from	lanthanide-rich	ejecta	(~0.04	M_sun,	opacity	~10	cm^2/g)

Ref:	D.	Kasen	et	al.	2017

Red	kilonova	
			M	~	0.03	Msun	
			v	~	0.1	c

Blue	kilonova		
			M	~	0.02	Msun	
			v	~	0.25c Too	fast		

as	post-merger	ejecta??

Too	massive	as	
dynamical	ejecta??

See	e.g.,	Metzger+18,	 
Waxman+18

What	is	the	origin	of	blue/red	kilonova?

Post-merger	ejecta		
Inside	of	dynamical	ejecta	
(less	dynamical	ejecta	 
near	the	pole)

Blue	(lanthanide-free)

Red	(lanthanide-rich)

ref)	Masaomi’s	slide
-17

-16

-15

-14

-13

-12

-11
 0  1  2  3  4  5  6  7  8  9  10  11  12  13  14  15  16

A
B

 a
bs

ol
ut

e 
m

ag
ni

tu
de

t [day]

D=40 Mpc

g
r
i
z
J

H
K

Data:	Summarized	in	Villar	et	al.	2017

OpOcal  
~1day

Infrared	
~10	days

 73
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Figure 2. Color-coded distributions for density, temperature, Ye, and S/kB (from left to right) on the x–y (lower panels), x–z (positive sides of top panels), and y–z
(negative sides of top panels) planes at the end of simulation.
(A color version of this figure is available in the online journal.)
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Figure 3. Mass fractions outside 150 km from the center vs. Ye (top) and S/kB
(bottom) at the end of simulation for the x–y, x–z, and y–z planes. The widths
of Ye and S/kB are chosen to be ∆Ye = 0.01 and ∆S/kB = 1, respectively.
(A color version of this figure is available in the online journal.)

for the orbital and non-orbital planes, respectively (with higher
values for higher Ye), which are sizably greater than those in
Goriely et al. (2011, S/kB ∼ 1–3) with the Shen’s EOS.

3. THE r-PROCESS

The nucleosynthesis analysis makes use of the thermody-
namic trajectories of the ejecta particles traced on the orbital
plane. A representative particle is chosen from each Ye-bin (from
Ye = 0.09 to 0.44 with the interval of ∆Ye = 0.01 (Figure 3).
For simplicity, we analyze only the x-y components because of
the dominance of the ejecta masses close to the orbital plane.
Each nucleosynthesis calculation is initiated when the tempera-
ture decreases to 10 GK, where the initial composition is given
by Ye and 1 − Ye for the mass fractions of free protons and
neutrons.

The reaction network consists of 6300 species from single
neutrons and protons to the Z = 110 isotopes. Experimental
rates, when available, are taken from the latest versions of REA-
CLIB7 (Cyburt et al. 2010) and Nuclear Wallet Cards.8 Other-
wise, the theoretical estimates of fusion rates9 (TALYS; Goriely
et al. 2008) and β-decay half-lives (GT2; Tachibana et al.
1990) are adopted, where both are based on the same nuclear
masses (HFB-21; Goriely et al. 2010). Theoretical fission prop-
erties adopted are those estimated on the basis of the HFB-14
mass model. For fission fragments, a Gaussian-type distribution
is assumed with emission of four prompt neutrons per event.
Neutrino captures are not included, which make only slight
shifts of Ye (typically an increase of ∼0.01 from 10 GK to
5 GK).

The hydrodynamical trajectories end with temperatures
∼5 GK. Further temporal evolutions are followed by the density
drop such as t−3 and with the temperatures computed with the
EOS of Timmes & Swesty (2000) by adding the entropies gen-
erated by β-decay, fission, and α-decay. This entropy generation

7 https://groups.nscl.msu.edu/jina/reaclib/db/index.php
8 http://www.nndc.bnl.gov/wallet/
9 http://www.astro.ulb.ac.be/pmwiki/Brusslib/Brusslib

3

Dynamical	ejecta	of	mass	<~10-3—10-2	Msun	is	typically	formed,	depending	on	the	NS	masses	and	EOS. 
(e.g.	Hotokezaka	et	al.	2013;	Bauswein	et	al.	2013;	Sekiguchi	et	al.	2016;	Radice	et	al.	2016;	Dietrich	et	al.	2017;	Bovard	et	al.	2017)  

Ye	parOally	becomes	large	due	to	shock	heaOng	and	neutrino	irradiaOon	
(cf.	NS	Ye~<0.1)	Yet,	substanOal	amount	of	ejecta	remains	to	be	Ye<0.25	and	lanthanide	is	synthesized

Ref:	S.	Wanajo	et	al.	2014 
Y.	Sekiguchi	et	al.	2015
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the various Q. Right panel: BH–NS models. The filled and open symbols correspond to the models with (Q, χ ) = (3–7, 0.75) and (7, 0.5), respectively. The blue
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respectively.
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as a hypermassive neutron star with a lifetime of !10 ms is
formed after the merger. More massive NS–NS mergers result
in hypermassive neutron stars with a lifetime of "10 ms or in
black holes. For such a case, the ejecta mass decreases with
increasing Mtot because of the shorter duration of mass ejection.

BH–NS ejecta. Tidal disruption of a neutron star results in
anisotropic mass ejection for a BH–NS merger (Kyutoku et al.
2013). As a result, the ejecta is concentrated near the binary
orbital plane as shown in Figure 1, and it is shaped like a disk
or crescent.

The amount of ejecta for the BH–NS models is smaller for
more compact neutron star models with fixed values of χ and Q
as shown in Figure 2. This is because tidal disruption occurs in
a less significant manner. This dependence of the BH–NS ejecta
on the compactness of neutron stars is opposite to the case of
the NS–NS ejecta.

More specifically, the amount of ejecta is

5 × 10−4 " Mej/M⊙ " 10−2 (soft EOSs),

4 × 10−2 " Mej/M⊙ " 7 × 10−2 (stiff EOSs), (2)

for χ = 0.75 and 3 # Q # 7. For χ = 0.5, the ejecta mass is
smaller than that for χ = 0.75. Only the stiff EOS models can
produce large amounts of ejecta more than 0.01 M⊙ for χ = 0.5
and Q = 7.

For both NS–NS and BH–NS merger models, winds driven
by neutrino/viscous/nuclear-recombination heating or the mag-
netic field from the central object might provide ejecta in addi-
tion to the dynamical ejecta (Dessart et al. 2009; Wanajo & Janka
2012; Kiuchi et al. 2012; Fernández & Metzger 2013). However,
it is not easy to estimate the amount of wind ejecta, because it
depends strongly on the condition of the remnant formed after
the merger. In this Letter, we focus only on the dynamical ejecta.

3. RADIATIVE TRANSFER SIMULATIONS
FOR THE EJECTA

For the NS–NS and BH–NS merger models described in
Section 2, we perform radiative transfer simulations to obtain

the light curves of the radioactively powered emission from
the ejecta using the three-dimensional, time-dependent, multi-
frequency Monte Carlo radiative transfer code (Tanaka &
Hotokezaka 2013). For a given density structure of the ejecta
and elemental abundances, this code computes the emission
in the ultraviolet, optical, and near-infrared wavelength ranges
by taking into account the detailed r-process opacities. In this
Letter, we include r-process elements with Z $ 40 assuming the
solar abundance ratios by Simmerer et al. (2004). More details
of the radiation transfer simulations are described in Tanaka &
Hotokezaka (2013); Tanaka et al. (2013).

The heating rate from the radioactive decay of r-process
elements is one of the important ingredients of radiative transfer
simulations. As a fiducial-heating model, we employ the heating
rate computed with the abundance distribution that reproduces
the solar r-process pattern (see Tanaka et al. 2013 for more
detail). Heating is due to β-decays only, which increase atomic
numbers from the neutron-rich region toward the β-stability
line without changing the mass number A. This heating rate is in
reasonable agreement with those from previous nucleosynthesis
calculations (Metzger et al. 2010; Goriely et al. 2011; Grossman
et al. 2013) except for the first several seconds.

We note that quantitative uncertainties could exist in the
heating rate as well as in the opacities. As an example, the
heating rate would be about a factor 2 higher if the r-process
abundances of A ∼ 130 (or those produced with the electron
fraction of Ye ∼ 0.2) were dominant in the ejecta (Metzger
et al. 2010; Grossman et al. 2013). To take into account such
uncertainties, we also consider the cases in which the light
curves of mergers are twice and half as luminous (high- and low-
heating models; only explicitly shown for the NS–NS models
in Figure 3) as those computed with the fiducial-heating model.

4. LIGHT CURVES AND POSSIBLE
PROGENITOR MODELS

The computed light curves and observed data in r and
H-band are compared in Figure 3. The left panel of Figure 3
shows the light curves of the NS–NS merger models SLy

3

Ref:	Hotokezaka	et	al.	2013Dynamical	ejecta	mass

Ye	distribuOon
Ref:	Wanajo	et	al.	2014
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FIG. 7. Same as Fig. 6, but for the ↵ parameter. The black-dashed horizontal lines are the time-averaged values for the 12.5
m run in Table I.
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Turbulence in the contact surface→amplificaDon of magneDc field 
→effecDve viscosity would play a role

Ref:	K.	Kiuchi	et	al.	2015,	2017	

←KH instability
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Black hole-Neutron star  
(BH-NS) merger

• If	the	NS	is	'dally	disrupted  
substanOal	amount	of	material	would	remain/ejected	
axer	the	merger 
 
 
 
 
 
For	BHNS	merger,	lanthanide	fracOon	of	the	ejecta	 
would	be	higher	in	the	absent	of	shock	heaOng	 
and	neutrino	irradiaOon  
	(e.g.	Just	et	al.	2015,	Foucart	et	al.	2017,Kyutoku	et	al.	2018)	  

• Kilonova	emission	would	also	be	different	due	to	
difference	in	the	ejecta	morphology	and	composiOon	

• Whether	NS	is	Odally	disrupted	or	not,	 
and	the	remnant	disk/ejecta	mass	depends	 
strongly	on	the	binary	parameters.
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9

FIG. 9. Rest-mass density (top), temperature (middle), and electron fraction (bottom) profiles on the equatorial plane at
3ms after the onset of merger, when the mass and electron fraction of the ejecta approximately settle to asymptotic values.
Note the di↵erent spatial scale compared to Figs. 1, 2 and 3. Black (top) and white (middle and bottom) curves indicate the
unbound component identified by the conditions ut < �1 (shown only for ⇢ � 106.5 g cm�3 to match the top row), which are
indistinguishable from hut < �1 on panels presented here [11]. The velocity vector vi ⌘ ui/ut is overplotted on the rest-mass
density profiles. We also show isodensity contours for ⇢ = 107 (yellow-dotted), 109 (orange-dashed), and 1011 g cm�3 (light
blue-solid) on the temperature and electron-fraction profiles.

D. Convergence

We check the convergence of our results by simulating
the DD2 model with a low resolution of �x = 400m,
which is coarser by ⇡ 50% than our fiducial run. Figure

14 shows various quantities derived by the high- (dis-
cussed so far) and low-resolution simulations. By con-
servatively assuming first-order convergence, the error in
the high-resolution results will be twice the di↵erence be-
tween high- and low-resolution ones. While some physical

5

FIG. 5. Minimum aligned component of the BH spin required for a 1.35M� NS to disrupt, as a function of NS radius and BH mass. We show
results for the fit from FF12 (left), and the updated formula presented here (right). Solid black curves are contours of constant �BH,min =
0, 0.5, 0.7, 0.9, while dashed black curves are for �BH,min = 0.25, 0.6, 0.8. The updated results are less favorable to disruption for near-equal
mass systems, and more favorable for large mass ratios.
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NS-NS candidate: S190425z



BH-BH Candidates:  
 S190828l, S190828j


